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Fig. 2 Time evolution of central quantities and the total neutrino luminosity and lepton flux. The
gray region corresponds to the accretion phase and is on a linear time scale, while the region to
the right is the PNS cooling phase and it is plotted on a logarithmic scale. At the transition from
the accretion phase to the PNS cooling phase, all of the material from above the shock is excised
from the grid, causing a slight jump in some quantities. The top panel shows the total energy
loss rate from the PNS and the deleptonization rate. The second panel shows the evolution of the
central lepton fraction and electron fraction, as well as the PNS radius. The deleptonization era
corresponds to the period over which Ye and YL differ. The third panel shows the evolution of the
central neutrino chemical potential and entropy. The impact of Joule heating is visible between
five and twenty seconds. The bottom panel shows the central density and the central lapse, a , to
illustrate the contraction of the PNS over time.
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Overview

• Models of protoneutron star cooling and neutrino 
cooling timescales  

• Impact of convection on neutrino emission 

• Impact of opacities on neutrino emission

Caveat: No neutrino oscillations included 



Core	Collapse

▪	Stars	with	M	>~	9	Msun	burn	their	core	to	Fe	

▪	Core	exceeds	a	Chandrasekhar	mass		supersonic	
collapse	outside	of	homologous	core											bounce	
shock	after	~2	x	saturation	density	

▪	Neutrinos	trapped	around	1011	-	1012	g/cc,	set	lepton	
fraction	of	core		

▪	No	Explosions	by	the	neutrino	mechanism	in		
spherical	symmetry	for	most	progenitors	(e.g.	
Liebendorfer	’00)		
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Self	Consistent	Spherically	
Symmetric	CCSN	Explosions
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2

drodynamics code with an implicit multi-flavor, multi-
energy-group two-moment closure scheme for neutrino
transport. The variable Eddington-factor closure is ob-
tained from a model Boltzmann equation [23]. We ac-
count for general relativistic (GR) corrections with an
effective gravitational potential (case A of Ref. [24]) and
the transport includes GR redshift and time dilation.
Tests showed good overall agreement until several 100 ms
after core bounce [24, 25] with fully relativistic simula-
tions of the Basel group’s Agile-Boltztran code. A
more recent comparison with a GR program [26] that
combines the CoCoNut hydro solver [27] with the Ver-
tex neutrino transport, reveals almost perfect agreement
except for a few quantities with deviations of at most
7–10% until several seconds. The total neutrino loss of
the PNS agrees with the relativistic binding energy of the
NS to roughly 1%, defining the accuracy of global energy
and lepton-number conservation in our simulations.
Our primary case (Model Sf) includes the full set of

neutrino reactions described in Appendix A of Ref. [28]
with the original sources. In particular, we account for
nucleon recoils and thermal motions, nucleon-nucleon
(NN) correlations, weak magnetism, a reduced effective
nucleon mass and quenching of the axial-vector coupling
at high densities, NN bremsstrahlung, νν scattering, and
νeν̄e → νµ,τ ν̄µ,τ . In addition, we include electron capture
and inelastic neutrino scattering on nuclei [29].
To compare with previous simulations and the Basel

work [20] we also consider in Model Sr a reduced set
of opacities, omitting pure neutrino interactions and all
mentioned improvements of the neutrino-nucleon inter-
actions relative to the treatment of [30].
Long-term simulations.—In Fig. 1 we show the evolu-

tion of the νe, ν̄e and νx luminosities and of the average
energies, defined as the ratio of energy to number fluxes.
The dynamical evolution, development of the explosion,
and shock propagation were previously described [18, 19].
The characteristic phases of neutrino emission are clearly
visible: (i) Luminosity rise during collapse. (ii) Shock
breakout burst. (iii) Accretion phase, ending already at
∼0.2 s post bounce when neutrino heating reverses the in-
fall. (iv) Kelvin-Helmholtz cooling of the hot PNS with
a duration of 10 s or more, accompanied by mass outflow
in the neutrino-driven wind.
The PNS evolves in the familiar way [13, 16] through

deleptonization and energy loss. It contracts, initially
heating up by compression and down-scattering of ener-
getic νe produced in captures of highly degenerate elec-
trons. With progressing neutronization the PNS cools,
approaching a state of β-equilibrium with vanishing νe
chemical potential µνe and minimal electron content.
In Model Sf, deleptonization and cooling take ∼10 s

until ν transparency is approached. For t > 8.9 s we find
T <∼ 6 MeV and µνe ∼ 0 throughout, and ṄL ≪ 1053 s−1.
The final baryon mass is Mb = 1.366M⊙ with radius
∼15 km. Neutrinos have carried away lepton number
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FIG. 1: Neutrino luminosities and mean energies observed
at infinity. Top: Full set of neutrino opacities (Model Sf).
Bottom: Reduced set (Model Sr).

of 6.57 × 1056 and energy Eν = 1.66 × 1053 erg, so the
gravitational mass is M = Mb − Eν/c2 = 1.273M⊙.
The evolution is faster than in previous works [16] or in
Model Sr because the high-density ν opacities are sup-
pressed, where NN correlations [31] probably dominate.
In Model Sr, deleptonization continues at 25 s on the low
level of ṄL

<∼ 1053 s−1, Tcenter ∼ 11.5MeV, and only 97%
of the gravitational binding energy have been lost.
Differences are also conspicuous in the luminosities.

Until 5.5 s they are higher (up to 60% at t ∼ 2 s) in
Model Sf, whereas afterwards they drop much faster com-
pared to Model Sr. On the other hand, for t >∼ 0.2 s, after
the end of accretion, the luminosities in both models be-
come independent of flavor within 10% or better. The
total radiated Eν shows nearly equipartition: 20% are
carried away by νe, 16% by ν̄e, and 4×16% by νx.
Spectra.—The mean neutrino energies evolve very dif-

ferently in the two cases. While they increase over 1–1.5 s
for νe and ν̄e in Model Sf, they increase only until ∼0.2 s
in Model Sr. The opacities are lower and thus the neu-
trino spheres at higher T , so Model Sf has larger ⟨ϵνe⟩ and
⟨ϵν̄e⟩ for several seconds before dropping below Model Sr
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FIG. 2. Post-bounce evolution of neutrino energy and number
luminosities as well as mean and root-mean-square (rms) en-
ergies for the 8.8 M⊙ O-Ne-Mg-core supernova [24]. We show
explicitly the average energies for neutrinos and antineutrinos
of all flavors. For the luminosities, we only show νe, ν̄e and
νµ/τ because ν̄µ/τ cannot be distinguished from νµ/τ at the
scale chosen.

post bounce. After about 1 s post bounce, also ⟨Eν̄e⟩
and ⟨Eνe ⟩ decrease continuously to 9 MeV and 8 MeV.
The rms-energies are slightly larger than the mean ener-
gies but follow the same behavior. The decreasing mean
energies for all flavors indicates the ongoing deleptoniza-
tion of the central PNS and hence cooling by neutrinos.

Furthermore, the mean energies of all flavors become in-
creasingly similar with respect to time during the PNS
deleptonization (see Fig. 2).
The resulting evolution of the explosion and the neu-

trino spectra is in good qualitative and quantitative
agreement with the study of the Garching group of this
low-mass progenitor model [25, 43], applying a different
equation of state and in addition a set of updated weak
interactions processes.
The evolution of radial profiles of selected quantities is

illustrated in Fig 3 at several post-bounce times (1 sec-
onds: red lines, 2 seconds: blue lines, 7 seconds: green
lines). We focus on the radial domain near the neutri-
nospheres (vertical dashed lines for νe and dash-dotted
lines for ν̄e in graph (b)), i.e. the region where neutrinos
decouple from matter and where the far distance spec-
tra are determined. The graphs (a), (c) and (d) show
radial profiles of temperature, entropy per baryon and
electron fraction, all of which decrease at the neutri-
nospheres. This evolution is typical for the PNS delep-
tonization and neutrino cooling including the slow proto-
neutron star contraction. Note the rapidly rising electron
fraction outside the neutrinospheres, which is related to
the expansion of material in the neutrino-driven wind
where Ye ≃ 0.56 (see ref. [24] for a discussion). As the
temperature reduces, the mean energy of neutrinos also
decreases and the neutrinospheres move to higher den-
sities and hence smaller radii, during the proto-neutron
star deleptonization (see Fig. 3 graphs (a) and (b)), from
Rνe = 22.19 km and Rν̄e = 21.51 km at 1 second post
bounce to Rνe = 15.28 km and Rν̄e = 14.97 km at 7 sec-
onds post bounce.
In the following subsection, we will analyze the rea-

son for the decreasing difference in the mean neutrino
energies.

B. Individual opacities

Fig. 4 shows radial profiles of inverse mean free paths
for the individual reactions considered, for νe (left panel),
ν̄e (middle panel) and νµ/τ (right panel) at selected post-
bounce times obtained during the PNS deleptonization.
We will start analyzing the inverse mean free paths for

(µ, τ)-neutrinos (right panel in Fig. 4). Note that they
have no contributions from charge-current processes,
they are only produced via the neutral-current pair-
creation reactions (7) and (8) in Table I. The dominating
inelastic contribution comes from N–N–Bremsstrahlung,
only a tiny contribution comes from e−–e+-annihilation,
and scattering on electrons/positrons. All inelastic pro-
cesses are smaller by several orders of magnitude than
elastic scattering on neutrons (IS, νµ/τn). Note fur-
ther that elastic scattering on protons (IS, νµ/τp) is also
smaller than scattering on neutrons because protons are
much less abundant than neutrons.
The large scattering dominance implies that the

transport opacity is greater than the effective opacity,
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FIG. 2. Post-bounce evolution of neutrino energy and number
luminosities as well as mean and root-mean-square (rms) en-
ergies for the 8.8 M⊙ O-Ne-Mg-core supernova [24]. We show
explicitly the average energies for neutrinos and antineutrinos
of all flavors. For the luminosities, we only show νe, ν̄e and
νµ/τ because ν̄µ/τ cannot be distinguished from νµ/τ at the
scale chosen.

post bounce. After about 1 s post bounce, also ⟨Eν̄e⟩
and ⟨Eνe ⟩ decrease continuously to 9 MeV and 8 MeV.
The rms-energies are slightly larger than the mean ener-
gies but follow the same behavior. The decreasing mean
energies for all flavors indicates the ongoing deleptoniza-
tion of the central PNS and hence cooling by neutrinos.

Furthermore, the mean energies of all flavors become in-
creasingly similar with respect to time during the PNS
deleptonization (see Fig. 2).
The resulting evolution of the explosion and the neu-

trino spectra is in good qualitative and quantitative
agreement with the study of the Garching group of this
low-mass progenitor model [25, 43], applying a different
equation of state and in addition a set of updated weak
interactions processes.
The evolution of radial profiles of selected quantities is

illustrated in Fig 3 at several post-bounce times (1 sec-
onds: red lines, 2 seconds: blue lines, 7 seconds: green
lines). We focus on the radial domain near the neutri-
nospheres (vertical dashed lines for νe and dash-dotted
lines for ν̄e in graph (b)), i.e. the region where neutrinos
decouple from matter and where the far distance spec-
tra are determined. The graphs (a), (c) and (d) show
radial profiles of temperature, entropy per baryon and
electron fraction, all of which decrease at the neutri-
nospheres. This evolution is typical for the PNS delep-
tonization and neutrino cooling including the slow proto-
neutron star contraction. Note the rapidly rising electron
fraction outside the neutrinospheres, which is related to
the expansion of material in the neutrino-driven wind
where Ye ≃ 0.56 (see ref. [24] for a discussion). As the
temperature reduces, the mean energy of neutrinos also
decreases and the neutrinospheres move to higher den-
sities and hence smaller radii, during the proto-neutron
star deleptonization (see Fig. 3 graphs (a) and (b)), from
Rνe = 22.19 km and Rν̄e = 21.51 km at 1 second post
bounce to Rνe = 15.28 km and Rν̄e = 14.97 km at 7 sec-
onds post bounce.
In the following subsection, we will analyze the rea-

son for the decreasing difference in the mean neutrino
energies.

B. Individual opacities

Fig. 4 shows radial profiles of inverse mean free paths
for the individual reactions considered, for νe (left panel),
ν̄e (middle panel) and νµ/τ (right panel) at selected post-
bounce times obtained during the PNS deleptonization.
We will start analyzing the inverse mean free paths for

(µ, τ)-neutrinos (right panel in Fig. 4). Note that they
have no contributions from charge-current processes,
they are only produced via the neutral-current pair-
creation reactions (7) and (8) in Table I. The dominating
inelastic contribution comes from N–N–Bremsstrahlung,
only a tiny contribution comes from e−–e+-annihilation,
and scattering on electrons/positrons. All inelastic pro-
cesses are smaller by several orders of magnitude than
elastic scattering on neutrons (IS, νµ/τn). Note fur-
ther that elastic scattering on protons (IS, νµ/τp) is also
smaller than scattering on neutrons because protons are
much less abundant than neutrons.
The large scattering dominance implies that the

transport opacity is greater than the effective opacity,

Huedepohl et al. (2010) Fischer et al. (2010, 2012)

Only possible for low mass progenitors, mainly ECSN 
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2 Luke F. Roberts and Sanjay Reddy

neutrino emission is powered by a large fraction of the gravitational binding energy
released by taking the iron core of a massive star and transforming it into a NS
(2 � 5 ⇥ 1053 ergs) (Baade and Zwicky, 1934). After about a minute, neutrinos can
escape freely, which demarcates the transition from PNS to NS. This qualitative
picture of late PNS neutrino emission was confirmed when about thirty neutrinos
were observed from supernova (SN) 1987A over a period of about fifteen seconds
(Bionta et al, 1987; Hirata et al, 1987). If a CCSN were observed in our galaxy
today, modern neutrino detectors would see thousands of events (Scholberg, 2012).
The neutrino signal is shaped by the nuclear equation of state (EoS) and neutrino
opacities. Therefore, detection of galactic CCSN neutrinos would give a detailed
window into the birth of NSs and the properties of matter at and above nuclear
density.

In addition to direct neutrino detection, there are other reasons why understand-
ing the properties of these late-time CCSN neutrinos is important. First, they can
influence nucleosynthesis in CCSNe (Woosley et al, 1990). In particular, PNS neu-
trino emission almost wholly determines what nuclei are synthesized in baryonic
material blown off the surface of PNSs (Woosley et al, 1994; Hoffman et al, 1997;
Roberts et al, 2010). Second, the integrated neutrino emission from CCSNe receives
a large contribution from PNS neutrinos. Therefore, accurate models of PNS neu-
trino emission can contribute to understanding the diffuse SN neutrino background
(Nakazato et al, 2015). Finally, the neutrino emission from the “neutrinosphere” of
PNSs gives the initial conditions for the study of both matter-induced and neutrino-
induced neutrino oscillations (Duan et al, 2006). The rate of PNS cooling also has
the potential to put limits on exotic physics and possible extensions of the standard
model using data already in hand from SN 1987A (Keil et al, 1997; Pons et al,
2001b,a).

In this chapter, we discuss PNS cooling and the late time CCSN neutrino sig-
nal. In section 2, we focus on the basic equations of PNS cooling (section 2.1) and
models of PNS cooling (sections 2.2 and 2.4). In sections 3, we discuss the various
ingredients that shape the CCSN neutrino signal, the nuclear equation of state, neu-
trino opacities, and convection, respectively. Finally–in sections 4.1, 4.2, and 4.3–
we discuss the observable consequences of late time CCSN neutrinos. Throughout
the article, we set h̄ = c = 1.

2 PNS Cooling

Essentially, all of the energy that powers the neutrino emission during a CCSN
comes from the gravitational binding energy released when taking the white dwarf
like iron core of the massive progenitor star and turning it into a NS (Baade and
Zwicky, 1934), which is

ESN ⇠
3GM2

pns

5rNS
⇡ 3⇥1053 erg

✓
Mpns

M�

◆2⇣ rNS

12km

⌘�1
. (1)
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12 Luke F. Roberts and Sanjay Reddy

This result, albeit arrived at with some approximation, clearly reveals the micro-
physics. The dependence on T , µe, and ∂YL/∂Yn is made explicit and we discuss
later in section 3 how the dense matter EoS directly affects these properties.

We can also estimate the amount of Joule heating in the core (see equation 19)

Ė joule = �nbµn
∂YL

∂ t
⇡ nbµn

∂YL

∂Yn

Yn ,0
tD

, (25)

where we have used Eq. 23 to express the result in terms of the deleptonization time.
For typical values of the deleptonization time tD ⇠ 11 s, and ∂YL/∂Yn ⇠ 5, we find
the heating rate per baryon Ė joule/nb ⇡ µnYn ,0/3. At early times when µn ⇠ 150
MeV and Yn ,0 ⇠ 0.05 the heating rate ⇡ 2 MeV per baryon per second will result in
a similar rate of change in the matter temperature. This, coupled with the positive
temperature gradients, results in a net heating of the inner core when t < tD.

After deleptonization when the core begins to cool, the second term in Eq. 19
can be neglected and the energy flux

Hn ⇡ T 3

6p2 D4
∂T
∂ r

. (26)

Energy transport is dominated by nµ , n̄µ ,nt , n̄t and n̄e neutrinos since their charged
current reactions are suppressed and therefore they have larger mean free paths. For
typical conditions where nucleons are degenerate and neutrino degeneracy is negli-
gible, elastic neutral current scattering off nucleons is dominant source of opacity
and (see section 3.1)

k⇤
s (En) ' 5

6p
G2

F c2
A Ñ0 kBT E2

n , (27)

where Ñ0 = Âi=n,p ∂ni/∂ µi is the effective density of nucleon states at the fermi
surface to which neutrinos couple, and cA ' 1.2 is the axial vector coupling. Using
Eq. 27 the diffusion coefficient D4 in Eq. 26 can be written as

D4 =
p3

G2
F c2

A Ñ0 (kBT )3 . (28)

Substituting Eq. 28 in Eq. 26, Eq. 19 can be solved with the separable ansatz
T (r, t) = Tcy(x)f(t) to find a self-similar solution. We find that the temporal part
f(t) = 1� (t/tc), where

tc ⇡ 2pG2
F c2

A
b

⌧
N0

3nb

p2
∂ s
∂T

�
kBTc R2 ' 10 s

kBTc

30 MeV
hn2/3

b i
n2/3

0

✓
R

12 km

◆2
, (29)

where hi denotes a spatial average, the numerical constant b ⇠= 19, and n0 = 0.16
fm�3. Additionally, we have used ∂ s/∂T = p2N0/3nb and N0 = M(3p2nb)1/3/p2,
which hold for a non-relativistic, degenerate gas. The spatial averages and numerical
value of b are obtained by solving for the function y(r).

See	Prakash	et	al.	‘97



• Will	have	tens	of	thousands	of	detections	from	next	galactic	CCSN		
• Kelvin-Helmholtz	evolution	of	the	neutron	star	mediated	by	neutrinos	
• Coupled	neutron	star	structure	and	neutrino	transport		
• Sensitive	to	dense	matter	equation	of	state,	neutrino	oscillations	
• Possibly	cleaner	problem	than	explosion	mechanism	

See	e.g.	Burrows	&	Lattimer	’86,	Pons	et	al.	‘99,	Huedepohl	et	al.	‘10,	Fischer	et	al.	’10,	LR	‘12		

Late	Time	Neutrino	Emission
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Progenitor	Dependence
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Proto-Neutron	Star	Convection

Region	of	convective	instability	determined	by	
the	Ledoux	Criterion:



Convection

See	also	Mirizzi	et	al.	(2015)

Black: No Convection Red: Convection
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Proto-Neutron	Star	Convection

Pressure	derivatives	are	sensitive	to	the	symmetry	
energy	derivative:

LR	et	al.	(2012)
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FIG. 1: The symmetry energy as function of density for the
IU-FSU and GM3 EoSs. Inset: n0E

′
sym versus Esym at nuclear

saturation density, for IU-FSU (circle), GM3 (square), and
QMC (diamonds). The shaded regions correspond to various
experimental constraints taken from Ref. [18].

instabilities and convection enhanced the neutrino lumi-
nosity to successfully power a neutrino driven explosion.
However, more recent two dimensional studies found no
evidence of these doubly diffusive instabilities [14, 15].
Because of this and the increased complexity of treating
the doubly diffusive instabilities, we do not include them
in our study.

The EoS and neutrino interaction rates are modeled
using a relativistic mean field (RMF) model of nuclear
interactions. We adopt a non-linear generalization of
the original Walecka model described in [19]. Here,
the nucleon-nucleon interaction energy is calculated in
the mean field approximation using effective interactions,
which are tuned to reproduce gross observed properties
of nuclei and empirical properties of symmetric nuclear
matter at saturation density. Although these empiri-
cal constraints provide valuable guidance to constrain
aspects of the symmetric nuclear EoS at nuclear den-
sities, the experimental constraints on the properties of
neutron-rich matter are relatively weak. The difference
between the energy of symmetric matter (equal num-
bers of neutrons and protons) and pure neutron matter is
called the symmetry energy, Esym(nB), and is defined by
E(nB, xp) = E(nB, xp = 1/2) + Esym(nB)δ2 + · · ·. Here,
δ = (1− 2xp) and E(nB , xp) is the energy per particle of
uniform matter composed of neutrons and protons with
total baryon density nB and proton fraction xp. In charge
neutral matter xp = Ye where Ye is the electron fraction.
Various experimental probes of the nuclear symmetry en-
ergy and its density dependence in nuclei and heavy-ion
collisions are actively being pursued in terrestrial exper-
iments, but are yet to yield strong constraints. These
constraints are shown in the inset in Fig. 1 and are dis-
cussed in Refs. [18, 19]. Quantum Monte Carlo (QMC)
results are also shown in the inset in Fig. 1. The linear
correlation between Esym and E′

sym in the QMC results

is obtained by varying values of the poorly known three-
neutron interaction [20].

Recent work has shown that the derivative of the sym-
metry energy with respect to density, denoted as E′

sym =
∂Esym/∂nB, plays a crucial role both in the terrestrial
context where it affects the neutron density distribution
in neutron-rich nuclei and in astrophysics where it affects
the structure and thermal evolution of neutron stars (for
a recent review see Ref. [22]). The pressure of neutron
matter at saturation density, Pneutron(n0) = n2

0E
′

sym, in-
fluences the radii of cold neutron stars [23]. In neutron-
rich nuclei, the neutron-skin thickness is also sensitive
to E′

sym(ρ0), so that there exists a linear correlation be-
tween the neutron-skin thickness and neutron star radius
[24].

To study the sensitivity of PNS evolution to the nu-
clear symmetry energy we employ two RMF models with
different predictions for E′

sym(ρ0). The first EoS is the
IU-FSU EoS taken from [19], which includes a non-linear
coupling between the vector and iso-vector mesons that
allows the symmetry energy to be tuned at high den-
sity. The second EoS employed is the GM3 parameter
set, where non-linear coupling of the vector meson fields
is neglected [21]. The symmetry energy as a function of
density is shown in Fig. 1 for the two EoS. The inset in
Fig. 1 shows current theoretical estimates and experimen-
tal constraints on Esym and n0E′

sym at nuclear density.
In the rest of this letter, we demonstrate that E′

sym(ρ0)
plays a role in stabilizing PNS convection at late times
and thereby directly affects the PNS neutrino signal. The
logarithmic derivatives γs and γnB

are always positive, so
that negative entropy gradients always provide a destabi-
lizing influence. For given entropy and lepton gradients,
stability is then determined by the ratio γYL

/γs. The
sign and magnitude of γYL

is strongly influenced by the
density dependence of the nuclear asymmetry energy, so
that negative gradients in lepton number can be either
stabilizing or destabilizing and the degree to which they
are stabilizing varies from EoS to EoS. To clarify this we
note that at T = 0 and when the neutrino contribution
to the pressure is small

(

∂P

∂YL

)

nB

≃ n4/3
B Y 1/3

e − 4n2
BE′

sym(1 − 2Ye), (2)

which is a reasonable approximation to the finite tem-
perature result. The first term comes from the electron
contribution to the pressure, while the second term is
due to nucleons and is negative since both the Fermi and
interaction energies favor a symmetric state. For high
densities and low electron fractions, for realistic values
of E′

sym, this leads to negative γYL
. Therefore, a larger

E′

sym leads to negative lepton gradients in the PNS pro-
viding a larger stabilizing influence. E′

sym also partially
determines the equilibrium value of Ye, which can alter
the value of γYL

, but this is a smaller effect. In our nu-
merical PNS simulations this effect is accounted for. In

Dependence on the EoS



Comparison	of	Count	Rates	including	
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FIG. 3: Count rates as a function of time for a number of
1.6M⊙ PNS models with and without convection. The black
line is for neutrino opacities calculated in the mean field ap-
proximation, while all the other lines are for models that use
RPA opacities with g′ = 0.6. The inset plot shows the inte-
grated number of counts from 0.1 s to 1 s divided by the total
number of counts for t > 0.1 second on the horizontal axis,
and the number of counts for t > 3 seconds on divided by the
total number of counts for t > 0.1 second. The stars corre-
spond to the IU-FSU EoS and the circles to the GM3 EoS.
Symbol sizes correspond to various neutron star rest masses
ranging from 1.2M⊙ to 2.1M⊙. Colors correspond to different
values of the Migdal parameter, g′.

models that do not include convection. This is reason-
ably consistent with the early time enhancement seen in
multi-dimensional models [15]. After a second, the count
rates between the two EoSs begin to diverge. The most
obvious feature in the count rate for GM3 appears at ∼ 3
seconds, which is coincident with the end of convection
in the mantle. For the IU-FSU EoS, the break is also
at the time at which mantle convection ends (∼ 10 sec-
onds), although it is hard to distinguish from the point
at which the PNS becomes optically thin. As was ar-
gued previously, the position of this break reflects the
density dependence of the nuclear symmetry energy at
nB > n0 and therefore provides a direct observable of
the properties of nuclear matter in the PNS neutrino sig-
nal. Although core convection does not seem to affect the
break, it may impact the subsequent cooling timescale.

In the inset in Fig. 3, integrated neutrino counts over
two time windows are shown for a number of PNS masses.
There is a clear separation between the two EoSs inde-
pendent of mass. The time of the convective break cre-
ates this separation. This illustrates that this diagnostic
of the symmetry energy does not require an accurate de-
termination of the PNS mass.

The inclusion of nucleon correlations through the RPA
begins to significantly affect the neutrino emission after
about three seconds. Initially, the luminosities are in-
creased as energy and lepton number are able to more
rapidly diffuse out of the core, but at later times the

neutrino signal is significantly reduced and drops below
the detectable threshold at an earlier time.

In summary, using a self-consistent model for the PNS
core physics, we find that the late time neutrino signal
from a core collapse supernova is likely to contain a di-
rect diagnostic of the nuclear symmetry energy at high
density. With current neutrino detectors, these effects
should be readily discernible in the neutrino light curve
of a single nearby supernova.
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Fig. 4 Ratio of diffusion coefficients not including nuclear correlations to diffusion coefficients in-
cluding nuclear correlations. At high density, weak charge screening (calculated using the random
phase approximation) supresses the neutrino opacity and increases the neutrino diffusion coeffi-
cients. This reduces the PNS cooling timescale.

ni +n ⌦ ni +n

ni + p ⌦ ni + p

ni + e� ⌦ ni + e�

ni + e+ ⌦ ni + e+,

as well as scattering from other possible components of the medium. All of the reac-
tions above have neutral current contributions for all flavors of neutrinos, while e�

and e+ scattering also have a charged current contribution for ne and n̄e scattering,
respectively. Since the dominant scattering contribution for all particles comes from
the n and p scattering, there are only small differences between the scattering con-
tributions to the diffusion coefficients for different neutrino flavors. Scattering from
electrons and positrons can be highly inelastic, due to the small mass of the electron
relative to the characteristic PNS neutrino energy, while scattering from neutrons
and protons is close to elastic. This inelasticity can alter the emitted neutrino spec-
trum and serves to bring the average energies of the different neutrino species closer
to one another (Hüdepohl et al., 2010).

The diffusion coefficients for the various neutrino flavors become different from
one another due to charged current neutrino interactions. The main absorption con-
tribution to Dne

i comes from
e� + p ⌦ ne +n,

while the main absorption contribution to Dn̄e
i comes from

e+ +n ⌦ n̄e + p.

All of the opacities receive contributions from thermal processes such as

See	Horowitz	’93,	Reddy	et	al.	’99,	and	Burrows	&	Sawyer	‘99

Neutrino Diffusion Coefficients
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Fig. 5 The total PNS neutrino luminosity versus time for a number of PNS models that include
convection and/or the affect of nuclear correlations on the opacity. Both convection and nuclear
correlations decrease the cooling timescale relative to the baseline model. Convection alters the
luminosity at early times, while correlations only become important after the mantle cooling phase.
The models shown here are similar to those described in (Roberts et al, 2012).

N +N ! N +N +n + n̄
e� + e+ ! n + n̄ ,

but these are usually small compared to the charged current interactions that affect
the electron neutrinos and antineutrinos.

For both scattering and absorption processes, the cross section per unit volume
for a general process n + 2 ! 3 + 4 (where particle 3 is either a neutrino, electron,
or positron) can be written as (Reddy et al, 1998)

LR	et	al.	(2012)	
	see	also	Huedepohl	et	al.	(2010)



Variations	in	the	Interaction

Reddy	et	al.	(1999)Varying the axial interaction

LR	et	al.	(2012)	



The	Deleptonization	Rate	

• Nuclear	symmetry	energy	also	
effects	deleptonization	rate	of	PNS		

• Inclusion	of	mean	fields	decreases	
deleptonization	rate,	which	also	
pushes	towards	lower	electron	
fraction	

• Larger	L	results	in	longer	
deleptonization	timescale	

• Detectable?
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Conclusions
• The	long	term	neutrino	cooling	signal	is	not	particularly	sensitive	to	
progenitor	structure	for	fixed	remnant	mass	

• PNS	convection	significantly	impacts	the	neutrino	cooling	timescale,	
produces	a	break	in	the	neutrino	emission	

• Convection	is	sensitive	to	the	nuclear	EoS	(mainly	the	symmetry	energy)		

• Neutrino	opacities	especially	important	to	the	late	time	cooling	timescale		

• In	particular,	nuclear	correlations	can	also	leave	a	signature	on	the	tail	of	
the	neutrino	signal				

22


