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What can we observe?
• Spin

• Surface Luminosity 

• Orbital Characteristics

What can we infer ?

• Explosions & Flares

• Neutrinos 

• Gravitational Waves    

• Mass

• Radius

• Crust thickness

• Oscillations frequencies

Hard Physics

Ground state EoS

• Surface and interior temperature 

• Neutrino cooling and scattering 
rates

• Conductivities

• Damping rates   

Soft Physics

Low energy fluctuations
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Figure courtesy: J. Lattimer

Massive neutron 
stars provide a 
very useful 
constraint on the 
high density EoS. 

Eg.  M > 2 Msolar

Neutron Star Masses

Figure Courtesy: Lattimer

Measurement of 
relativistic effects 
in compact 
binaries permits 
accurate mass 
measurements
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Finally, a 2 M✪ Neutron Star !

• NS-WD System 
(J1614-2230)

• Shapiro delay 
measured in NS + 
WD system. 

• Very accurate 
measurement of 
the NS mass: 
M=1.97 ± 0.04 M✪

Highest Mass Neutron Star 

Measurement of the  
Shapiro delay in  
PSR J1614-2230  
with the GBT 
 
Demorest et al. 2010 
 

Highest Mass Neutron Star 

Measurement of the  
Shapiro delay in  
PSR J1614-2230  
with the GBT 
 
Demorest et al. 2010 
 

Highest Mass Neutron Star 

M= 1.97±0.04 M! 
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WD Mass NS Mass 

Orbital Phase 

1.97± 0.04 M⊙0.5± 0.01 M⊙
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Radius
For a black body the observed flux :

For NSs:  Atmosphere and magnetic 
fields can affect the spectra 

FBB = 4π
R2
∞

d2
σSB T 4

∞

R∞ =
R�

1−RS/R

T∞ =
�

1−RS/R T
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Radius
For a black body the observed flux :

For NSs:  Atmosphere and magnetic 
fields can affect the spectra 

FBB = 4π
R2
∞

d2
σSB T 4

∞

R∞ =
R�

1−RS/R

T∞ =
�

1−RS/R T

 Spectra is easily 
modeled - Can 
extract R∞

NS in GC M13

Gendre et al. (2003) 

Hydrogen atmosphere fit 

ROSAT data

XMM data

For a non-magnetized hydrogen atmosphere:
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Quiescent NSs in LMXB

Rutledge et al.  (2004)

NS R∞ Ref. 

ω Cen 13.6± 0.3 Gendre et 
al. (2002)

M13 12.6± 0.4 Gendre et 
al. (2002)

X7* 14.5+1.6-1.4 Heinke et 
al. (2005)

M28 14.5+6.8-3.9 Becker et 
al. (2003)

3 more found in GC : 
NGC 6304

 Transiently accreting neutron stars in globular clusters: 
1.Hydrogen atmosphere
2.Negligible Magnetic Fields
3.Distances are known

M
 13

ω
 Cen
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Accreting Neutron Stars: Bursts 

•Most common cosmic 
explosion in the 
universe. 
•Light curve powered 
by nuclear reactions 
(rp -process ). 
•Features in the light 
curve are be sensitive 
to Mass and Radius.  

Unstable burning of 
accreted material 
produces x-ray bursts 

neutron 
star
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explosion in the 
universe. 
•Light curve powered 
by nuclear reactions 
(rp -process ). 
•Features in the light 
curve are be sensitive 
to Mass and Radius.  

Unstable burning of 
accreted material 
produces x-ray bursts 

Ozel, Nature (2006) 

neutron 
star

Ozel,Baym, Guver (2010)

4U 1608-248

EXO 1745-248

4U 1820-30
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Accreting Neutron Stars: Bursts 

•Most common cosmic 
explosion in the 
universe. 
•Light curve powered 
by nuclear reactions 
(rp -process ). 
•Features in the light 
curve are be sensitive 
to Mass and Radius.  

Unstable burning of 
accreted material 
produces x-ray bursts 

Ozel, Nature (2006) 

neutron 
star

Ozel,Baym, Guver (2010)

4U 1608-248

EXO 1745-248

4U 1820-30

Steiner, Brown, 
Lattimer (2010)
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Neutron stars

Observations of the mass-radius relation of neutron stars are becoming

available:
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Steiner, Lattimer, Brown, ApJ (2010)

Can we seriously think to use neutron stars to constrain three–neutron

forces?

Stefano Gandolfi (LANL), email: stefano@lanl.gov QMC study of neutron matter

Mass-Radius Constraints from 6 NSs

No. 1, 2010 THE EOS FROM OBSERVED MASSES AND RADII OF NEUTRON STARS 49
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Figure 9. Upper panels give the probability distributions for the mass vs. radius curves implied by the data, and the solid (dotted) contour lines show the 2σ (1σ )
contours implied by the data. The lower panes summarize the 2σ probability distributions for the six objects considered in the analysis. The left panels show results
under the assumption rph = R, and the right panes show results assuming rph ! R. The dashed line in the upper left is the limit from causality. The dotted curve in
the lower right of each panel represents the mass-shedding limit for neutron stars rotating at 716 Hz.
(A color version of this figure is available in the online journal.)

Table 9
Most Probable Values for Masses and Radii for Neutron Stars Constrained to

Lie on One Mass Versus Radius Curve

Object M (M") R (km) M (M") R (km)
rph = R rph ! R

4U 1608–522 1.52+0.22
−0.18 11.04+0.53

−1.50 1.64+0.34
−0.41 11.82+0.42

−0.89

EXO 1745–248 1.55+0.12
−0.36 10.91+0.86

−0.65 1.34+0.450
−0.28 11.82+0.47

−0.72

4U 1820–30 1.57+0.13
−0.15 10.91+0.39

−0.92 1.57+0.37
−0.31 11.82+0.42

−0.82

M13 1.48+0.21
−0.64 11.04+1.00

−1.28 0.901+0.28
−0.12 12.21+0.18

−0.62

ω Cen 1.43+0.26
−0.61 11.18+1.14

−1.27 0.994+0.51
−0.21 12.09+0.27

−0.66

X7 0.832+1.19
−0.051 13.25+1.37

−3.50 1.98+0.10
−0.36 11.3+0.95

−1.03

if the mass is relatively small. In general, the predicted radii of
all stars range from about 10 km to 12.5 km, with the exception
of X7 which may have a large radius. Note that a 13 km radius
for an 0.8 M" star is beyond the limit implied by rotation at
716 Hz and thus if the neutron star in X7 is observed to spin
rapidly enough, a much larger mass and smaller radius would
be implied instead.

The largest difference between the predicted equations of
state between the rph = R and rph ! R cases is the high-

density behavior. This leads to large differences in the predicted
maximum masses. The probability distributions for the maxi-
mum neutron star mass are given in Figure 10, along with the
associated 1σ confidence regions. The two probability distribu-
tions are arbitrarily normalized so that their peak is unity. These
results are strongly dependent on assumptions of the photo-
spheric radius at touchdown. The two-peaked behavior in the
case rph = R suggests a possible phase transition could match
the data and implies a maximum mass very close to the observed
limit of 1.66 M". This result is similar to that claimed by Özel
et al. (2010), but there it is stated that the results are incom-
patible with a nucleonic EOS. Our results do not support this
extreme interpretation. Although the neutron star radii implied
by this analysis are small, they are not small enough to require a
phase transition; for neutron stars of mass 1.4 M", radii smaller
than 10 km can be generated by purely nucleonic equations of
state (Steiner et al. 2005).

5. DISCUSSION

In this paper, we have determined an empirical dense matter
EOS from a heterogeneous data set containing PRE bursts and
quiescent thermal emission from X-ray transients. Previous
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Neutron stars

Observations of the mass-radius relation of neutron stars are becoming

available:
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Can we seriously think to use neutron stars to constrain three–neutron

forces?

Stefano Gandolfi (LANL), email: stefano@lanl.gov QMC study of neutron matter

Mass-Radius Constraints from 6 NSs
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The Nuclear Equation of State
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Energy Per Particle in Neutron Matter

En(ρ) = Enp(ρ0) + K
(ρ− ρ0)2

ρo

+S(ρ0) +
L

3
(ρ− ρ0)

ρo

Empirical Information from Nuclear Structure:

+ ......

+ ......

Enp(ρ0) = −16± 0.2 MeV K = 220± 30 MeV
S(ρ0) = 32± 2 MeV L = 70± 20 MeV

En(ρ0) = 16± 2 MeV

E(ρ, xp) = E(ρ, xp = 0.5) + S2(ρ)(1− 2xp)
2 + S4(ρ)(1− 2xp)

4

+ · · ·
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Can we infer S (Esym) and L (ρ∂ρEsym) from 
Experiment ?  

Friday, June 17, 2011



Nuclear Many Body Theory

Computational Methods: 
Quantum Monte Carlo

Diagrammatic Methods:
Hartree-Fock

Brueckener Hartree-Fock 

E(ρn, ρp) : Energy per particle

Chiral potentials and  softer 
low energy  potentials 
obtained using RG.

Phenomenological potentials 
(Argonne etc) tuned to fit 
scattering and light nuclei. 

Friday, June 17, 2011



Model for Nuclear InteractionsNuclear Hamiltonian

Model: non-relativistic nucleons interacting with an effective
nucleon-nucleon force (NN) and three-nucleon interaction (TNI).

H = − �2
2m

A�

i=1

∇2
i +

�

i<j

vij +
�

i<j<k

Vijk

vij NN (Argonne AV8’) fitted on scattering data. Sum of operators:

vij =
�

Op=1,8
ij vp(rij) , Op

ij = (1,�σi · �σj , Sij ,�Lij · �Sij)× (1,�τi · �τj)

Vijk models processes like

π

π

∆

π

π

π

π∆

π

π

π

∆

π

∆

+ Phenomenological repulsive term.

Stefano Gandolfi (LANL), email: stefano@lanl.gov QMC study of neutron matterFriday, June 17, 2011



Three Nucleon Force

•Its magnitude depends on the specific choice of the 2-body 
potential.  
•For the Argonne 2-body potentials the long-range 3n contribution 
is small.   
•The short-distanceT=3/2 3-n contribution is not easy to constrain 
from light nuclei (?) . 

short-range
r < 0.5 fm

intermediate
-range

long-range

Friday, June 17, 2011



3N Forces in Neutron Matter

Energy
per

Neutron
 (MeV) Empirical Value

16 ±2 MeV

14

18

35
Fermi Gas

(at nuclear saturation density)
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3N Forces in Neutron Matter

Energy
per

Neutron
 (MeV) Empirical Value

16 ±2 MeV

14 Theory (QMC) 2N ±0.5 MeV

18
Theory (QMC) 3N ±2 MeV

• Phenomenology suggests repulsive 3N forces in 
neutron matter. 

35
Fermi Gas

(at nuclear saturation density)
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Asymmetry Energy & 3N Forces
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QMC Neutron Matter EoS
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Upper Bounds on M & R
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The maximally 
stiff EoS is the 
causal EoS: 

P = c �− �0

Assume that EoS 
is known up to a 
critical density 
and is maximally 
stiff thereafter.   
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Supernova Neutrinos and the 
Protoneutron  Star

1500 km

3X107 km
10 km

Core collapse
tcollapse ~100 ms

Hot & dense
Proto-neutron
Star: t~1-2 s

Shock wave
Eshock~1051ergs

100 km

Neutrinos carry 
away 
~ 3 x 1053 ergs

Neutrino flavor and 
energy distribution 
can impact 
explosion 
mechanism and r-
process 
nucleosynthesis. 
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FIG. 1: The symmetry energy as function of density for the
IU-FSU and GM3 EoSs. Inset: n0E′

sym versus Esym at nuclear
saturation density, for IU-FSU (circle), GM3 (square), and
QMC (diamonds). The shaded regions correspond to various
experimental constraints taken from Ref. [29].

However, more recent two dimensional studies have found
no evidence of these doubly diffusive instabilities [2, 5].
Due to this and the increased complexity of treating the
doubly diffusive instabilities, we do not include them in
our models.

The effect of strong interactions on the EoS and the
neutrino interaction rates are modeled using a rela-
tivistic mean field (RMF) model for nuclear interac-
tions. We adopt a non-linear generalization of the orig-
inal Walecka model described in [8]. Here, the non-
perturbative nucleon-nucleon interactions are solved in
the mean field approximation using effective interactions,
which are tuned to reproduce the gross observed prop-
erties of nuclei and ab-intio calculations of low density
neutron matter[10]. Although empirical constraints and
ab-initio calculations provide valuable guidance to con-
strain some aspects of the symmetric nuclear equation of
state at nuclear densities, there are few constraints on
the properties of denser neutron-rich matter. This dif-
ference between the energies of symmetric matter (equal
numbers of neutrons and protons) and neutron matter is
called the symmetry energy, Esym(nB), is defined by the
relation E(nB, xp) = E(nB, xp = 1/2)+Esym(nB)δ2+· · ·.
Here, δ = (1−2xp) and E(nB, xp) is the energy per parti-
cle of uniform matter composed of neutrons and protons
with baryon density nB and proton fraction xp. In charge
neutral matter xp = Ye where Ye is the electron fraction.
Quite generically, the contribution of higher terms in the
δ expansion are relatively small even at xp " 0.

Recent work has shown that derivative of the symme-
try energy with respect to density denoted as E′

sym =
∂Esym/∂nB plays a crucial role both in the terrestrial
context where it affects the neutron density distribution
in neutron-rich nuclei and in astrophysics where it affects
the structure and thermal evolution of neutron stars (for
a recent review see Ref. [28]). The pressure of neutron

matter at saturation density, Pneutron(n0) = n2
0E

′
sym, in-

fluences the radius of cold neutron stars [19]. In neutron-
rich nuclei, the neutron-skin thickness is also sensitive to
E′

sym(ρ0), so that there exists a linear correlation between
the neutron-skin thickness and neutron star radius [12].
Here we demonstrate for the first time that E′

sym(ρ0)
plays a role in stabilizing the convection at late times
and thereby directly effects the neutrino signal. Clearly
γs and γnB will always be positive, so that negative en-
tropy gradients will cause instability. In contrast the sign
and magnitude of γYL is determined by the density de-
pendence of the nuclear asymmetry energy, so that nega-
tive gradients in lepton number can be either stabilizing
or destabilizing. To clarify this we note that at T = 0 and
when the neutrino contribution to the pressure is small

(
∂P

∂YL

)

nB

" n4/3
B Y 1/3

e − 4n2
BE′

sym(1 − 2Ye). (2)

The first term comes from the electron contribution to
the pressure, while the second term is due to nucleons
and is negative since both the Fermi and interaction en-
ergies favor a symmetric state. For high densities and
low electron fractions, for realistic values of E′

sym, this
leads to negative γYL . Therefore, a larger E′

sym leads to
negative lepton gradients in the PNS providing a larger
stabilizing influence.

To study the sensitivity of PNS evolution to the nu-
clear symmetry energy we employ two RMF models with
different predictions for E′

sym(ρ0). The IU-FSU param-
eter set has a compressibility Ksym(n0) = 231.2 MeV, a
nuclear asymmetry energy Esym(n0) = 33.4 MeV, and
n0E′

sym(n0) = 17.4 MeV. The second EoS employed is
the GM3 parameter set, where non-linear coupling of
the vector meson fields are neglected [11]. This EoS
has Ksym(n0) = 240 MeV, Esym(n0) = 34.6 MeV, and
n0E′

sym(n0) = 32 MeV at nuclear density. The symme-
try energy as a function of density is shown in figure 1
for the two EoS. The inset in Fig. 1 shows current the-
oretical estimates and experimental constraints on Esym

and E′
sym at nuclear saturation density.

Medium modification of the neutrino interaction rates
also influence PNS evolution. These effects have been
investigated in earlier work where neutrino scattering
and absorption rates on nucleons and leptons were calcu-
lated within the relativistic random phase approximation
(RPA) [27]. Here, the effects of due strong and electro-
magnetic correlations, degeneracy, and relativistic cur-
rents are included in a similar way. Further, the effective
interactions we employ in the RPA are obtained from the
same underlying model for the EoS to ensure that corre-
lation functions which determine the neutrino scattering
kernels satisfy the generalized compressibility sum-rules
consistent with the EoS. Because the axial portion of
the response accounts for the majority of the neutrino
scattering cross-section, the presence of an axial inter-
action can strongly affect the total neutrino mean free
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densities, we have selected to fix the maximum neutron star mass. Of course, the maximum neutron star mass selected
for the fit must at least be equal to the largest—well measured—mass determined from observation [11].

In principle, other choices are possible to guide these extrapolations. For example, laboratory experiments with
heavy ions have played a critical role in probing the nuclear equation of state. By tuning the energy of the colliding
beams and the neutron-proton asymmetry, heavy-ion collisions probe vast regions of the phase diagram. In particular,
isospin diffusion data may be used to constrain the density dependence of the symmetry energy [12–14]. This could be
used instead of the neutron radius in 208Pb. Moreover, experiments with very energetic heavy ions have compressed
nuclear matter to densities in excess of four times nuclear matter saturation density [15]. The determination of the
pressure of symmetric nuclear matter at these high densities may be used instead of the maximum neutron star mass.
However, not only is the interpretation of heavy-ion data model dependent, but heavy-ion systems are much less
neutron rich and often much hotter than neutron stars. This introduces large and uncontrolled uncertainties.

Neutron star radii as a function of mass—the so-called Mass-vs-Radius relationship—provides critical information
on the equation of state of neutron-rich matter at high densities. Yet, the simultaneous determination of both the
mass and radius of a neutron star is difficult. However, tremendous advances in X-ray astronomy have produced large
amounts of high quality data that have allowed the simultaneous determination of both masses, radii, and the underly-
ing equation of state [16, 17]. Unfortunately, neutron star radii inferred from X-ray observations of the luminosity and
temperature are sensitive to models of the stellar atmosphere (see Ref. [18] and references therein). Moreover, mass
and radius determination from X-ray burst (as in Ref. [16]) may be hindered by systematic uncertainties [17]. For
example Ozel, Baym, and Güver inferred very small stellar radii from their recent analysis of three X-ray bursts [16],
while Steiner, Lattimer, and Brown extracted neutron star radii significantly larger (of the order of 12 km) [17]. Still,
we believe that such studies will eventually become instrumental in constraining the dense matter equation of state.

In the past, we have studied correlation between the neutron skin of 208Pb and the non-uniform solid crust of a
neutron star [3]. For models with a stiff equation of state, namely, one where the pressure increases rapidly with
density, it is energetically unfavorable to separate uniform nuclear matter into regions of high and low densities.
Thus, models with a stiff equation of state predict low transition densities from non-uniform to uniform neutron-rich
matter. The neutron skin thickness in 208Pb also depends on the equation of state of neutron-rich matter: the stiffer
the equation of state the thicker the neutron skin. Thus, an inverse relationship was established: the thicker the
neutron skin of a heavy nucleus, the lower the transition from non-uniform to uniform neutron-rich matter. This
represents one of the many examples that show the utility of constraining the neutron skin thickness in 208Pb—and
consequently the effective interaction—for astrophysical applications.

Many relativistic effective interactions exist. For example, the NL3 interaction [19, 20] provides an excellent
description of the binding energy and charge radii of many nuclei throughout the periodic table. When extrapolated
to the neutron-star domain, the NL3 effective interaction predicts a very stiff equation of state that generates both
large stellar radii and a large maximum neutron star mass. On the other hand, the FSUGold (or FSU for short)
interaction [21] also provides a good description of closed shell nuclei, but predicts a significantly softer equation
of state. Indeed, whereas NL3 predicts a maximum neutron star mass of 2.78 M⊙, the FSU interaction predicts
a limiting mass almost one full solar mass smaller (of 1.72 M⊙). The softer equation of state emerges as one
incorporates constraints from giant resonances and heavy-ion collisions. At present, we are not aware of any nuclear
effective interaction that also incorporates astrophysical constraints in the calibration procedure. It is the aim of the
present manuscript to obtain a new effective interaction that improves on both NL3 and FSU by incorporating some
of the recent constraints suggested by Steiner, Lattimer, and Brown [17]. In particular, we will show that the EOS
predicted by the new model generates a limiting neutron star mass intermediate between NL3 and FSU but stellar
radii smaller than both.

We have organized our article as follows. In Section II we describe details of the fitting procedure and present
results for several ground-state properties of closed shell nuclei. Next, we show in Section III how the new effective
interaction reproduces the properties of various nuclear collective modes. Predictions for the equation of state and
for various properties of neutron stars are presented in Section IV. Finally, we conclude in Section V.

II. RELATIVISTIC EFFECTIVE FIELD THEORY

Our starting point will be the relativistic effective-field theory of Ref. [22] supplemented with an isoscalar-isovector
coupling as introduced in Ref. [3]. The interacting Lagrangian density for this model is given by [3, 22]

Lint = ψ̄
�
gsφ−

�
gvVµ+

gρ
2
τ · bµ+

e

2
(1+τ3)Aµ

�
γµ

�
ψ

− κ

3!
(gsφ)

3− λ

4!
(gsφ)

4+
ζ

4!
g4v(VµV

µ)2 + Λvg
2
ρ bµ · bµg2vVνV

ν . (1)

• At finite 
temperature only 
mean field 
calculations exist. 
• Can tune 
parameters to 
mimic different 
symmetry energies.   
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FIG. 2: Evolution of the entropy (top panels) and lepton frac-
tion (bottom panels) in a 1.6M! rest mass PNS for the GM3
EoS (left panels) and the IU-FSU EoS (right panels). The
grayed regions are convectively unstable. The labels corre-
spond to the model times in seconds.

path. To take this into account, we introduce an effec-
tive short-range interaction in the spin channel through
the Migdal parameter, g′ [18]. The strength of this inter-
action is tuned to reproduce the spin-suscpetibitly of neu-
tron matter obtained from microscopic calculations [7].
For densities above nuclear saturation, the RPA causes a
significant enhancement of the mean free path relative to
the mean field approximation due to the repulsive nature
of the nuclear interaction at high density. This should be
considered as only a first approximation to the actual
response of the nuclear medium, as we only include sin-
gle particle-hole excitations and it has been shown that
multi-particle-hole excitations may be important in de-
termining the axial current component of the neutrino
opacity [21].

We now consider the evolution of the internal structure
of the PNS with convection and varying prescriptions for
the opacities. In figure 2, the evolution of the entropy
and electron fraction for the two equations of state are
shown. Over the first second in both models, convection
smoothes the entropy and lepton gradients in the outer
regions to a state close to neutral buoyancy. GM3 has
a slightly steeper entropy gradient because of its larger
E′

sym than IU-FSU. This results in a slightly larger neu-
trino luminosity at early times for GM3. As time pro-
gresses, convection steadily digs deeper into the core of
the PNS. For both EoSs, convection proceeds all the way
to the core by 15 seconds into the simulation, but it lasts
in the interior regions for a much longer period of time
for IU-FSU resulting in more rapid lepton depletion in
the core. More important to the neutrino signal, in GM3
convection ceases in the mantle by ∼ 5 seconds, whereas
convection in the mantle proceeds until ∼ 12 seconds in
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FIG. 3: Count rates as a function of time for a number of
1.6M! PNS models. Inset: The integrated number of counts
from 100 ms to 1 s divided by the total number of counts
for t > 0.1 second on the horizontal axis, and the number of
counts for t > 3 seconds divided by the total number of counts
for t > 0.1 second. Symbol sizes correspond to various neu-
tron star masses ranging from 1.2M! to 2.1M!. Colors corre-
spond to different values of the Migdal parameter increasing
as the colors lighten (g′ = 0.2, 0.6, 1.0), with the black points
being mean field results. The circles correspond to the GM3
EoS and the stars to the IU-FSU EoS.

IU-FSU. This difference can be directly attributed to the
difference in E′

sym between the two EoSs. As the mantle
contracts, the second term in equation 2 becomes increas-
ingly dominant and is eventually able to stabilize convec-
tion. The exact details of how convection proceeds will
depend on the initial conditions of the PNS. Still, qual-
itatively, increasing E′

sym will shut-off convection at an
earlier time.

The depth to which convection penetrates in the core
and how long convection proceeds in the core is depen-
dent upon the opacities as well as the EoS. When only
mean field effects on the opacities are considered (i.e.
when the neutrino mean free path is shorter), convection
does not proceed all the way to the center of the PNS in
the GM3 models. When RPA effects are included, con-
vection does proceed to the central regions of the core.
An increased diffusion rate allows the core to heat up and
deleptonize more rapidly, thereby decreasing the stabi-
lizing lepton gradients and increasing the de-stabilizing
entropy gradients.

Of course, variations in the convective evolution of the
PNS are only interesting to the extent they are poten-
tially observable in the neutrino emission from a nearby
supernova. In figure 3 the expected neutrino count rates
for a detector similar to Super Kamiokande-III are shown
for a number of PNS cooling models. We have assumed
a threshold energy of 7.5 MeV, a detector mass of 50 kt,
a detector efficiency above threshold of unity [14], and a
distance of 10 kpc to the supernova. Equipartition has
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We model neutrino emission from a newly born neutron star subsequent to a supernova explosion
to study its sensitivity to the equation of state, neutrino opacities, and convective instabilities at
high baryon density. We find the time period and spatial extent over which convection operates is
sensitive to the behavior of the nuclear symmetry energy at high density. When convection ends
within the proto-neutron star, there is a break in the predicted neutrino emission that should be
clearly observable.

PACS numbers:

The hot and dense proto neutron star (PNS) born sub-
sequent to core-collapse in a type II supernova explo-
sion is an intense source of neutrinos of all flavors. It
emits the 3 − 5 × 1053 ergs of gravitational binding en-
ergy gained during collapse as neutrino radiation on a
time scale of tens of seconds as it contracts, becomes
increasingly neutron-rich and cools. Cooling of the PNS
and the concomitant neutrino emission are driven by neu-
trino diffusion and convection along the lepton number
and entropy gradients left behind within the PNS after
core-bounce, where the matter density and temperature
are in the range ρ = 2 − 6 × 1014 g/cm3 and T = 5 − 40
MeV, respectively [4, 9, 13, 16, 25, 30]. While the su-
pernova explosion mechanism and associated fall back of
material is expected to influence the neutrino emission
at early time (i.e. t <∼ 1 s post bounce) the late time
neutrino signal is shaped by the the properties of the
PNS, such as the nuclear equation of state (EoS), neu-
trino opacities in dense matter, and other microphysical
properties that effect the cooling timescale by influencing
either neutrino diffusion or convection [17, 24, 25, 26].

Here, we present one-dimensional hydrostatic models
of PNS evolution out to late times over a wide range of
masses and for two EoSs. We include approximate con-
vective transport along with diffusive neutrino transport,
both consistent with the underlying EoS. This allows us
to gauge the importance of convection and the effect of
medium modifications to the neutrino opacities in dense
matter to the temporal characteristics of the neutrino
signal. The basic framework for PNS evolution is similar
to that described in [25], except that a treatment of con-
vection is included. We find that the behavior of the nu-
clear symmetry energy (which is a measure of the energy
difference between dense neutron matter and symmetric
nuclear matter) at high density significantly influences
convection and thereby effects the observable neutrino
signal.

Large scale convective overturn of material will di-
rectly transport energy and lepton number in the PNS
and alters the gradients along which neutrinos diffuse,
thereby strongly affecting the neutrino signal. It has

long been recognized that the outer PNS mantle is un-
stable to convection soon after the passage of the super-
nova shock, due to negative entropy gradients [6]. This
early period of instability beneath the neutrino spheres
has been studied extensively in both one and two di-
mensions, with the hope that it could increase the neu-
trino luminosities enough to lead to a successful explosion
[2, 3, 5, 15, 22, 30]. Although the role of convection at
late times was studied in Refs. [3, 30], this work is the first
attempt at exploring its connection to the underlying mi-
crophysics and the interplay between modified opacities
and convection in shaping the observable neutrino signal.

We model convection as a diffusive process described
by standard time dependent mixing length theory [30].
In Ref. [2] it was shown that hydrodynamic simulations
in two-dimensions were well reproduced by a simple mix-
ing scheme in one-dimension, suggesting that this is a
reasonable approximation. Further, since convection pro-
ceeds efficiently throughout our simulations, our results
are not particularly sensitive to the chosen mixing length.
The linear growth rates are obtained from the standard
Ledoux stability analysis as

ω2 = − g

γnB

(γs∇ ln(s) + γYL∇ ln(YL)) , (1)

where

γnB =
(

∂ ln P

∂ ln nB

)

s,YL

γs =
(

∂ ln P

∂ ln s

)

nB ,YL

γYL =
(

∂ ln P

∂ ln YL

)

nB ,s

and P, s, nB, YL are the pressure, entropy per baryon,
baryon number density and the fraction of leptons in
dense matter. Convective instability sets in for ω2 > 0.
The form of the growth rate clearly implies that there
will be a strong interplay between the nuclear EoS and
the patterns of convection within the PNS.

In addition, the PNS may be subject to doubly diffu-
sive instabilities due to the lateral transport of composi-
tion and energy by neutrinos [1, 23, 30]. The early one-
dimensional work of [30] implied that neutron fingering
instabilities and convection enhanced the neutrino lumi-
nosity to successfully power a neutrino driven explosion.

Convection is driven by unstable gradients in entropy and 
lepton number. Convective growth rate:
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and the concomitant neutrino emission are driven by neu-
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pernova explosion mechanism and associated fall back of
material is expected to influence the neutrino emission
at early time (i.e. t <∼ 1 s post bounce) the late time
neutrino signal is shaped by the the properties of the
PNS, such as the nuclear equation of state (EoS), neu-
trino opacities in dense matter, and other microphysical
properties that effect the cooling timescale by influencing
either neutrino diffusion or convection [17, 24, 25, 26].

Here, we present one-dimensional hydrostatic models
of PNS evolution out to late times over a wide range of
masses and for two EoSs. We include approximate con-
vective transport along with diffusive neutrino transport,
both consistent with the underlying EoS. This allows us
to gauge the importance of convection and the effect of
medium modifications to the neutrino opacities in dense
matter to the temporal characteristics of the neutrino
signal. The basic framework for PNS evolution is similar
to that described in [25], except that a treatment of con-
vection is included. We find that the behavior of the nu-
clear symmetry energy (which is a measure of the energy
difference between dense neutron matter and symmetric
nuclear matter) at high density significantly influences
convection and thereby effects the observable neutrino
signal.

Large scale convective overturn of material will di-
rectly transport energy and lepton number in the PNS
and alters the gradients along which neutrinos diffuse,
thereby strongly affecting the neutrino signal. It has

long been recognized that the outer PNS mantle is un-
stable to convection soon after the passage of the super-
nova shock, due to negative entropy gradients [6]. This
early period of instability beneath the neutrino spheres
has been studied extensively in both one and two di-
mensions, with the hope that it could increase the neu-
trino luminosities enough to lead to a successful explosion
[2, 3, 5, 15, 22, 30]. Although the role of convection at
late times was studied in Refs. [3, 30], this work is the first
attempt at exploring its connection to the underlying mi-
crophysics and the interplay between modified opacities
and convection in shaping the observable neutrino signal.

We model convection as a diffusive process described
by standard time dependent mixing length theory [30].
In Ref. [2] it was shown that hydrodynamic simulations
in two-dimensions were well reproduced by a simple mix-
ing scheme in one-dimension, suggesting that this is a
reasonable approximation. Further, since convection pro-
ceeds efficiently throughout our simulations, our results
are not particularly sensitive to the chosen mixing length.
The linear growth rates are obtained from the standard
Ledoux stability analysis as
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baryon number density and the fraction of leptons in
dense matter. Convective instability sets in for ω2 > 0.
The form of the growth rate clearly implies that there
will be a strong interplay between the nuclear EoS and
the patterns of convection within the PNS.

In addition, the PNS may be subject to doubly diffu-
sive instabilities due to the lateral transport of composi-
tion and energy by neutrinos [1, 23, 30]. The early one-
dimensional work of [30] implied that neutron fingering
instabilities and convection enhanced the neutrino lumi-
nosity to successfully power a neutrino driven explosion.
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However, more recent two dimensional studies have found
no evidence of these doubly diffusive instabilities [2, 5].
Due to this and the increased complexity of treating the
doubly diffusive instabilities, we do not include them in
our models.

The effect of strong interactions on the EoS and the
neutrino interaction rates are modeled using a rela-
tivistic mean field (RMF) model for nuclear interac-
tions. We adopt a non-linear generalization of the orig-
inal Walecka model described in [8]. Here, the non-
perturbative nucleon-nucleon interactions are solved in
the mean field approximation using effective interactions,
which are tuned to reproduce the gross observed prop-
erties of nuclei and ab-intio calculations of low density
neutron matter[10]. Although empirical constraints and
ab-initio calculations provide valuable guidance to con-
strain some aspects of the symmetric nuclear equation of
state at nuclear densities, there are few constraints on
the properties of denser neutron-rich matter. This dif-
ference between the energies of symmetric matter (equal
numbers of neutrons and protons) and neutron matter is
called the symmetry energy, Esym(nB), is defined by the
relation E(nB, xp) = E(nB, xp = 1/2)+Esym(nB)δ2+· · ·.
Here, δ = (1−2xp) and E(nB, xp) is the energy per parti-
cle of uniform matter composed of neutrons and protons
with baryon density nB and proton fraction xp. In charge
neutral matter xp = Ye where Ye is the electron fraction.
Quite generically, the contribution of higher terms in the
δ expansion are relatively small even at xp " 0.

Recent work has shown that derivative of the symme-
try energy with respect to density denoted as E′

sym =
∂Esym/∂nB plays a crucial role both in the terrestrial
context where it affects the neutron density distribution
in neutron-rich nuclei and in astrophysics where it affects
the structure and thermal evolution of neutron stars (for
a recent review see Ref. [28]). The pressure of neutron

matter at saturation density, Pneutron(n0) = n2
0E

′
sym, in-

fluences the radius of cold neutron stars [19]. In neutron-
rich nuclei, the neutron-skin thickness is also sensitive to
E′

sym(ρ0), so that there exists a linear correlation between
the neutron-skin thickness and neutron star radius [12].
Here we demonstrate for the first time that E′

sym(ρ0)
plays a role in stabilizing the convection at late times
and thereby directly effects the neutrino signal. Clearly
γs and γnB will always be positive, so that negative en-
tropy gradients will cause instability. In contrast the sign
and magnitude of γYL is determined by the density de-
pendence of the nuclear asymmetry energy, so that nega-
tive gradients in lepton number can be either stabilizing
or destabilizing. To clarify this we note that at T = 0 and
when the neutrino contribution to the pressure is small

(
∂P

∂YL

)

nB

" n4/3
B Y 1/3

e − 4n2
BE′

sym(1 − 2Ye). (2)

The first term comes from the electron contribution to
the pressure, while the second term is due to nucleons
and is negative since both the Fermi and interaction en-
ergies favor a symmetric state. For high densities and
low electron fractions, for realistic values of E′

sym, this
leads to negative γYL . Therefore, a larger E′

sym leads to
negative lepton gradients in the PNS providing a larger
stabilizing influence.

To study the sensitivity of PNS evolution to the nu-
clear symmetry energy we employ two RMF models with
different predictions for E′

sym(ρ0). The IU-FSU param-
eter set has a compressibility Ksym(n0) = 231.2 MeV, a
nuclear asymmetry energy Esym(n0) = 33.4 MeV, and
n0E′

sym(n0) = 17.4 MeV. The second EoS employed is
the GM3 parameter set, where non-linear coupling of
the vector meson fields are neglected [11]. This EoS
has Ksym(n0) = 240 MeV, Esym(n0) = 34.6 MeV, and
n0E′

sym(n0) = 32 MeV at nuclear density. The symme-
try energy as a function of density is shown in figure 1
for the two EoS. The inset in Fig. 1 shows current the-
oretical estimates and experimental constraints on Esym

and E′
sym at nuclear saturation density.

Medium modification of the neutrino interaction rates
also influence PNS evolution. These effects have been
investigated in earlier work where neutrino scattering
and absorption rates on nucleons and leptons were calcu-
lated within the relativistic random phase approximation
(RPA) [27]. Here, the effects of due strong and electro-
magnetic correlations, degeneracy, and relativistic cur-
rents are included in a similar way. Further, the effective
interactions we employ in the RPA are obtained from the
same underlying model for the EoS to ensure that corre-
lation functions which determine the neutrino scattering
kernels satisfy the generalized compressibility sum-rules
consistent with the EoS. Because the axial portion of
the response accounts for the majority of the neutrino
scattering cross-section, the presence of an axial inter-
action can strongly affect the total neutrino mean free

The nuclear symmetry energy is key to understanding 
composition driven convective instabilities: 
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FIG. 2: Evolution of the entropy (top panels) and lepton frac-
tion (bottom panels) in a 1.6M! rest mass PNS for the GM3
EoS (left panels) and the IU-FSU EoS (right panels). The
grayed regions are convectively unstable. The labels corre-
spond to the model times in seconds.

path. To take this into account, we introduce an effec-
tive short-range interaction in the spin channel through
the Migdal parameter, g′ [18]. The strength of this inter-
action is tuned to reproduce the spin-suscpetibitly of neu-
tron matter obtained from microscopic calculations [7].
For densities above nuclear saturation, the RPA causes a
significant enhancement of the mean free path relative to
the mean field approximation due to the repulsive nature
of the nuclear interaction at high density. This should be
considered as only a first approximation to the actual
response of the nuclear medium, as we only include sin-
gle particle-hole excitations and it has been shown that
multi-particle-hole excitations may be important in de-
termining the axial current component of the neutrino
opacity [21].

We now consider the evolution of the internal structure
of the PNS with convection and varying prescriptions for
the opacities. In figure 2, the evolution of the entropy
and electron fraction for the two equations of state are
shown. Over the first second in both models, convection
smoothes the entropy and lepton gradients in the outer
regions to a state close to neutral buoyancy. GM3 has
a slightly steeper entropy gradient because of its larger
E′

sym than IU-FSU. This results in a slightly larger neu-
trino luminosity at early times for GM3. As time pro-
gresses, convection steadily digs deeper into the core of
the PNS. For both EoSs, convection proceeds all the way
to the core by 15 seconds into the simulation, but it lasts
in the interior regions for a much longer period of time
for IU-FSU resulting in more rapid lepton depletion in
the core. More important to the neutrino signal, in GM3
convection ceases in the mantle by ∼ 5 seconds, whereas
convection in the mantle proceeds until ∼ 12 seconds in
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FIG. 3: Count rates as a function of time for a number of
1.6M! PNS models. Inset: The integrated number of counts
from 100 ms to 1 s divided by the total number of counts
for t > 0.1 second on the horizontal axis, and the number of
counts for t > 3 seconds divided by the total number of counts
for t > 0.1 second. Symbol sizes correspond to various neu-
tron star masses ranging from 1.2M! to 2.1M!. Colors corre-
spond to different values of the Migdal parameter increasing
as the colors lighten (g′ = 0.2, 0.6, 1.0), with the black points
being mean field results. The circles correspond to the GM3
EoS and the stars to the IU-FSU EoS.

IU-FSU. This difference can be directly attributed to the
difference in E′

sym between the two EoSs. As the mantle
contracts, the second term in equation 2 becomes increas-
ingly dominant and is eventually able to stabilize convec-
tion. The exact details of how convection proceeds will
depend on the initial conditions of the PNS. Still, qual-
itatively, increasing E′

sym will shut-off convection at an
earlier time.

The depth to which convection penetrates in the core
and how long convection proceeds in the core is depen-
dent upon the opacities as well as the EoS. When only
mean field effects on the opacities are considered (i.e.
when the neutrino mean free path is shorter), convection
does not proceed all the way to the center of the PNS in
the GM3 models. When RPA effects are included, con-
vection does proceed to the central regions of the core.
An increased diffusion rate allows the core to heat up and
deleptonize more rapidly, thereby decreasing the stabi-
lizing lepton gradients and increasing the de-stabilizing
entropy gradients.

Of course, variations in the convective evolution of the
PNS are only interesting to the extent they are poten-
tially observable in the neutrino emission from a nearby
supernova. In figure 3 the expected neutrino count rates
for a detector similar to Super Kamiokande-III are shown
for a number of PNS cooling models. We have assumed
a threshold energy of 7.5 MeV, a detector mass of 50 kt,
a detector efficiency above threshold of unity [14], and a
distance of 10 kpc to the supernova. Equipartition has

Count rate in 
Super-
Kamiokande   
for galactic 
supernova at 
10 kpc.
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Conclusions & Outlook

• QMC + phenomenological potentials predict a strong correlation 
between: i) nuclear asymmetry energy; ii) its derivative; (iii) 3n forces; & 
iv) upper bounds on the NS radius (and mass).   

• Need to understand why the long-range 3n interaction is small in 
neutron matter. Non-perturbative long-range 2 n physics or short-
distance assumptions ?

• If small radii are confirmed by other measurements, it demands 
relatively rapid transition from soft to stiff behavior above nuclear 
density. 

• The behavior of the nuclear symmetry influences convection and the 
temporal features of the supernova neutrino signal.  

• How does the enhanced early time luminosity and the knee-like feature  
at late time impact other supernova related observables ? 
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