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Dense Matter and the Astrophysics of
Supernovae and Neutron Stars
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Compression: Frustration and Liberation
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Table 1 Nuclides in the ground state of cold matter as a function of
density, from Haensel & Pichon (21)

Prnax pe  Bp/pt
Elememt 2% N Z/A (gem™3)  (MeV) (%)

Using experimental nuclear masses

6 Fe 26 30 04643  7.96 10° 0.95 29
®2Ni 28 34 04516  2.7110% 2.61 3.1
64 Nj 28 36 04375  1.3010° 4.31 3.1
GO Nj 28 38 04242 148107 4.45 2.0
BOKr 36 50 0418  3.12 107 5.66 3.3
R1Ge 34 50  0.4048 1.10 101 8.49 36
8Ge 32 50 03902 28010 11.44 3.9
07n 30 50 03750 5.44 10" 14.08 43

BNi 28 50  0.35%0 9.64 101" 16,78 4.0
From the mass formula of Mdller (1992), unpublished results

126 Ry 44 82 0.3492 1.29 101 18.34 3.0
2400 42 82 03387 1.88 10" 20.56 3.2
1227, 40 82 03279  2.6710" 22,86 3.4
120g, 38 82 03167  3.79 10" 25.38 16
HEK 36 82 03051 (43310 (26.19)

% pmax is the maximum density at which the nuclide is present.

" 11, is the electron chemical potential (including electron rest mass) at that density.
“Ap/p is the fractional increase in the mass density in the transition to the next
nuclide.

“The lines with ppx in parentheses correspond to the neutron drip point.




Electron-nucleus Interaction and Lattice Energy

To good approximation electron
| charge distribution is uniform.
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Non-spherical nuclei or Pasta
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For small surface tension pasta is favored.

Baym, Bethe, Pethick (1971)



Bulk Matter at T=0
Weak Equilibrium :  p,, = 1, + pe
+ Charge neutrality : n, = n,

10 10'3 10" 5% 10" p (g/cm”)
| L1 | i N
| T 1 g
Nuclei _
¢ Neutron-rich
: Matter i ?
Vacuum al B
<« -
3!
i ! { >
-8 MeV 0 ~100 MeV

,un_Mn —



Neutron Star inDepth (km)
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Nuclear Pairing

Gezerlis, Pethick, Schwenk (2016)
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S-wave interactions are attractive at low density, and is repulsive
at high density.

P-wave interaction in spin 1 channel is attractive at high density.

P-wave gap is quite uncertain and likely to be small.



Phase Structure at T=0
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Neutron Star Interiors
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Phases at High Density
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Hyperons

At high density hyperons may appear because:
Un > Ma
Un + He > Ms.

Energy to create a hyperon in dense matter is
k2

ep(k) = Mp + oM 5

+ Up(k)
Strong repulsive forces between nucleon-hyperon can disfavor their

appearance at high density.

The hyperon-nucleon and hyperon-nucleon-nucleon interactions are
not well constrained to draw definite conclusions.

If hyperons appear they will reduce the pressure of dense matter - we
shall discuss its implications for neutron star masses.



Quarks Matter at Extreme Density and T=0
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Rel. Fermi gas of u,d,s quarks

D>

De-confinement of
quarks from nucleons

w
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Interactions lead to pairing and color superconductivity

Strongest attraction in color-
antisymmetric channel:

Color-Flavor-Locking

2
S

dp
Alford, Rajagopal, Wilczek (1999)
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BCS pairing of
all 9 quarks:
A =100 MeV |

Energy

SU(3)color ®SU(3)L ®SU(3)g ®U(1)g
|
SU(:'?’)color'+L+l2 ® ZZ

Color superconductor
and transparent insulator.

Egluon =80

Equar'k ~2A

(CFL mesons)
Eck: su (3)®sU, (3)®5U, (3)

A\/m m
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Excitation Spectrum

Alford, Rajagopal & Wilczek, (1999)



Quark Matter in Neutron Stars

mg I
. 4
@Q Rel. Fermi gas of u,d,s
6@ quarks

Complex phase o m
structure when

«Competition between chiral and di-quark condensation.
*Strong correlations and Fermi liquid effects.
*Need to rely on models.

Rich phase diagram but difficult to the predict ground state with
current techniques.



(Multi-)Messengers

® (S 22892-052 data
— S8 r-process abundances
- 88 s-process abundances
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Neutron Stars: Bona fide Multi-messenger Sources

Supernova Binary Neutron Star Mergers
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Massive
Star

Credit: Luciano Rezzola
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Some Big Questions

1. What are the nuclear and neutrino processes
that shape the cosmos ?

2. How do supernovae explode ?
3. What should we expect from NS mergers ?

4. Where and how are the heavy elements
synthesized ?

5. Are there new states of matter inside neutron
stars ?

6. Can we interpret multi-messenger signals to
extract fundamental physics ?



Stellar Evolution, Supernova & Neutron Stars
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Measuring Neutron Stars

Thermal Evolution

Seismology Magnetic Field Evolution







Some Recent Observations

Massive Neutron Star N

MPA1
PAL1

C

1614-2230

N
o

Mass (solar)

14
Radius (km)
2 Solar Mass NS measured using Modeling observed thermal surface
Shapiro-delay. Demorest et al. (2010) emission suggests radii in the range
10-13 km. Poutanen et al. (2015)

Radius (km)

Cooling Accreting Neutron Stars

% KS 1731-260

# EXO 0748-676
XTE J1701-462
IGR J17480-2446
MAXI J0556-332

Effective temperature (eV; for observer in infinity)

100 1000

Time since end of outbursts (days)




Equation of State and Neutron Star Structure




Pressure v/s Energy Density (EoS)
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EFT and Phenomenological Models
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Equation of State of Neutron Matter

by,
((n) = n (My+ En(n))  P(e) = n2 OEn®
on
Predictions of microscopic theories:
T o n g
Energy per baryon: E,(p) =a <_> + b (_>
0 0

(Parameterization suggested by Gandolfi, 2009)

a=12+1 MeV o =0.45=+0.05 —$ 2-body interactions
b=44+2MeV [B=234+0.3 - 2 & 3-body interactions

Akmal & Pandharipande 1998, Hebeler and Schwenk 2009, Gandolfi, Carlson, Reddy 2010, Tews, Kruger,
Hebeler, Schwenk (2013), Holt Kaiser, Weise (2013), Roggero, Mukherjee, Pederiva (2014), Wlazlowski, Holt,
Moroz, Bulgac, Roche (2014),
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Neutron Star Structure




Radii from Hot Spots:
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Neutron Star Thermal Evolution



Phases of Cold Dense Matter in Neutron Stars

(Solid-Superfluid)
nuclei, electrons, neutrons

Outer Core

14
2x10 (Superfluid-
] Superconductor) _
Density neutrons, protons Radius
(g/cm3) electrons (km)

6x 1014

Cold: Nucleons everywhere but
not a single one to excite !

|O|5




Pairing in the Core

* Proton pair due to s-wave interaction. A, =~ 0.1 —1 MeV
* Neutrons pair in p-waves with spin-1 channel. A, ~0.01 — 0.1 MeV

Spin—singlet pairs

., 5=0 (Yo Yp) =
Protons: ‘ * m Action is invariant under 0p — 0, + @y

Spin—triplet PAiLSm, | w 09 ot v 7 ?pn A’L 7 ei

Neutrons: ‘ ‘ m Action is invariant under: 0., — 0, + ¢,
AY — R(B)AYR"(B)

Low energy excitations are described by fluctuations of:

Pp(z,1),  Pn(z,t), Blx,t)




Low energy modes in the core

4 Goldstone modes:
1 neutron density mode (n-phonon).
1 electron-proton mode (ep-phonon).

2 modes associated with fluctuations of spin and angular momentum
of neutron cooper pairs (angulons).

Neutron star seismology and thermal properties
are qualitatively different due to pairing.




Effective Lagrangian for Phonons and Angulons

U (Dupn)? + 1<a¢>2—§a
Phonons: o v 2

~+/gpn at(bn at¢p p'n, z¢n

%(3051)2 B %Ui2((ax6i)2 + (0y:i)°) + v (9:8:)°
Angulons: ‘
egnfp [B196(0yf1 + 0.82) + B2do (981 — 0,62)]

i 2M+/—V*4

Higher order terms of the derivative expansion are highly suppressed.

Expansion parameteris p/v/ Mkg

Breakdown scale is w ~ 2A




Low energy excitations in the crust

of «— heutrons =
-
F\ protons @ f;iQE O
gg@ N
A @3 3

/AR . SN,

E ﬂ 2]'0 QLO ;‘[N\:—\\O\

% oif o =]
W orf 5
Q ¢ )
o =€ dripped 7

- 1 aa@;\\—’ superfluid

- neutrons
0l w
L.,_m I S |
(o] 20 40 r(F)

Baym Pethick & Sutherland (1971) Negele & Vautherin (1973)



Phonons in the Inner Crust

neutrons neutrons

i

Proton (clusters) move collectively on
lattice sites. Displacement is a good
collective coordinate. Vector Field: &;(r,t)

Scalar Field: ¢(r, 1)

Neutron superfluid: Goldstone excitation
Is the fluctuation of the phase of the
condensate.



Excitations and Interactions in the Inner Crust

Electrons and 2

. 70000000000 UVAVAVAVAVAVAY
Iongltudlnal and 2 lect lattice superfluid
transverse phonons are Slectrons phonons phonons

the relevant excitations. O

Thermal and transport >:mmum
properties of the solid and Slectron-impurity

superfluid crust can be
calculated using an
effective field theory.

electron-electron

Mixing between phonons
leads to strong Landau
damping. Phonon
conduction is highly
suppressed.




Crustal Specific Heat

Electrons:
CS o~ p2 T

Phonons:

3
C’i NT_
V ’U?

If neutrons were
normal

their contribution
would overwhelm.

Page & Reddy (2012), Chamel, Page, Reddy (2013)



Transiently Accreting Neutron Stars

(Nature’'s low temperature dense matter laboratory)
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Physical Processes in Accretlng Neutron Stars
* Accreting neutron ‘

stars host % £
phenomena that ) £ envelope
uniquely probe the g 3

physics of its ultra S o1

dense interior. 1

4134

x-ray bursts ...l

- It is a data driven
field- WO 20 40

120 140 160 180 200 220 240 260 480 50
Time (ks) H/H
e
= MXB 1659-298 bu rn i ng
% KS 1731-260
r-p process

 EXO 0748-676
XTE J1701-462

Interpreting this
data requires a

IGR J17480-2446

. MAXI J0556-332 12C bu rn i n
coordinated effort J
. e capture
that combines B-decay

n emission
neutrondrip g capture

superfluid fusion
neutrons

theory, experiment
and observations.

JINA-CEE has
played a key role. 103

Time since end of outbursts (days) 1 01 4

Effective temperature (eV; for observer in infinity)

nuclear pasta

core




depth (m)

= density (g/cm3)
o

10°

1
108 0

102

1011

1013
103
1014

Warms up old neutron stars

envelope

neutron drip

superfluid
neutrons

nuclear pasta

core

Deep Crustal Heating

During accretion nuclear reactions release:
~ 2-4 MeV / nucleon

H/He
burning
r-p process

12C burning

e-capture
B-decay

n emission
& capture

 fusion




Cooling Post Accretion
All known Quasi-persistent sources show cooling after accretion

«After a period of intense
accretion the neutron star
surface cools on a time
scale of ~1000 days.

200
180

160

*This relaxation was first
discovered in 2001 and 6
sources have been studied
to date.

140
120
100

80

*Expected rate of
detecting new sources
~ 1/year.

Effective temperature (eV; for observer in infinity)

60

40

220

B MXB 1659-298
% KS 1731-260

\{\I\. * EXO 0748-676
X XTE J1701-462

. IGR J17480-2446

% g \, MAXI J0556-332

1 10 100 1000

Time since end of outbursts (days)

10000

Figure from Rudy Wijnands (201 3)



Thermal Evolution of the Crust

log,op (gcm=3)

Temperature profile in the I
crust depends on the duration ]
of the accretion phase.

When accretion ends heat
flows into the core and is
radiated away as neutrinos.

Timescale for cooling is set by
the heat diffusion time.

11.2 11.0
radius [km]




Connecting to Crust Microphysics

Crustal Specific Heat Crust Thickness

New S

Thermal Conductivity /

- Observed timescales are short.
* Requires small specific heat and large thermal conductivity.

 Favors a solid (with small impurity fraction) and superfluid inner crust.



Measuring the Heat Capacity of the Core

Heat the star, allow it to relax, and
observe the change in temperature: Cns dT' = d@)

@7
When Cys=a T': §(Tf T?) = AQ

. JAN
Lower Iimit: Cns(Ty) > 2T—Q
f

AQ=H Xty —L, X (tg + tops)

heating neutrlno
rate cooling rate
duration time of observation

of heating (after heating ceases)




Observations of KS 1731-260

Quiescent Surface Temperature (post relaxation): Ts=63.1 eV
Accretion Phase: 12 yrs at dM/dt =107 g/s
Thermal Relaxation: t = 8 yrs

Inferred Core Temperature:
Insulating envelope supports a temperature gradient near the surface.

oo 1.82
. T =70x10"K 5
Heavy element envelope . X (63.1 eV)

oo 1.65
Light element envelope: T =31x 10" K 5
J P . (63.1 eV)

Inferred Energy Deposition:

. M ty
A — H t — 6 1043 Qnuc
© * . e (2 MeV) (1017 g/s) (10 yrs)




Limits: Current & Future
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Cumming, Page, Brown, Reddy, Horowitz and Fatttoyev (2016)



The other messengers

eNeutrinos
eNucleosynthesis
e(Gravitational Waves

a &

Nuclear interactions and the equation of state of neutron-rich dense matter
plays role. Is essential to interpret observations and unravel correlations.



Core Collapse Supernova
1500 km

Core collapse
Tcollapse ~100 ms

neutrinos diffuse

out of the dense Shock wave
newly born / Esnock~10°lergs
neutron star e
@
carry av:fy Quasi-static
~ 3 x 10°° ergs ~1s
100 km

® The time structure of the neutrino signal depends on how
heat is transported in the neutron star core.

®* The spectrum is set by scattering in a hot (T=3-6 MeV) and
not so dense (10'2-10"3 g/cm3) neutrino-sphere.



Supernova Neutrinos

Neutrino spectrum and luminosity is crucial to:
* Supernova explosion mechanism
- Heavy-element nucleosynthesis
 Neutrino detection

Neutrino-sphere: Neutrino spectra is
determined at high density 1012-1013 g/cm3
and T~ 4-8 MeV at R ~ 10-20 km

Neutrino heating: Heat
deposition in the gain region
IS essential for the explosion
mechanism. R~ 50-100 km

Nucleosynthesis: occurs
In a neutrino driven wind
at low-density and

high entropy.

R ~ 103-104 km



Where does the r-process occur ?

There is general consensus that it involves either one or two neutron
stars.

e The one neutron star scenario:
Neutrino driven wind in a core-
collapse supernova. [Fragile]

neutron star mergers

The two neutron star scenario: a
Dynamical ejection of matter in ‘ .
binary neutron star mergers.
[Robust]




Necessary Conditions

High neutron to seed ratio is needed to populate the
observed abundance peaks at A~130 and A ~ 190.

This requires:

» High entropy per baryon.| Hydrodynamics,
» Short expansion time. ./ Magnetic Fields, etc
* Neutron-rich ejecta. Neutrino Spectra

Dense matter properties determine the neutrino spectra
emerging from the hot neutron star.



Neutrino Spectra and its Impact
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Charged Currents and Symmetry Energy

Ve 6

»
rg

Nuclear Medium

Vbare

+ Vbare

Vbare

Energy difference between neutrons and protons in
neutron-rich matter is large.

Q

12

—

en (k) — ep(k — )
M, — M, + %,

(k) = Xn(k —q)

Due to large scattering lengths, a shallow bound
state, and large effective range, interactions are
non-perturbative at low density and moderate

temperature.
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Reddy, Prakash & Lattimer (1998), Martinez-Pinedo et al. (2012), Roberts & Reddy (2012), Rrapaj, Bartl, Holt, Reddy, Schwenk (2015)



Modified Mean Free Paths and Neutrino Decoupling

Modest changes to the single particle energies has a large effect on neutrino
mean free paths and their spectra.

v.+Nn —>p+e

Potential energy gain
associated with
converting neutrons into
protons helps overcome
electron final state
blocking. Spectrum gets
colder.

v.+p—-n+e’

Energy needed to
convert neutrons into
protons reduces the
phase space and the
reaction cross-section.
Spectrum get hotter.

)

. (m

10°

= np = 0.02 fm™3

T =8 MeV

100



Neutron Star Merger Dynamics

(General) Relativistic (Very) Heavy-lon Collisions at ~ 100 MeV/nucleon

|

®@®

Late Inspiral: Merger: Post Merger:
Gravitational Disruption, NS Ambient conditions
waves, Tidal oscillations, ejecta power GRBs,
Effects & and r-process Afterglows, and
Dense Matter EoS nucleosynthesis Kilo/Macro Nova



Binary inspiral and gravitational waves

GWs are produced by fluctuating quadrupoles.

g (r,t) =nuw +hu(rt)

h,ul/(rvt) — T Iij(tR)

For Romit >> Rns:

-I.ij (t) ~ M Rcz)rbit f2 ~ M5/3 f2/3

1g-23 (Mns B f N2 /100 Mpc
Mq 200 Hz r

~ - Advanced LIGO can detect the last 100 or
so orbits of a neutron star merger.
- - Detection expected 2017 - 2018!




Late InSpiral: Rorbit 5 10 Rps

Tidal forces deform neutron stars.
Induces a quadrupole moment.

0%V (r)
= \E; E. = —

a f SRR
Quadrupole External

polarizability field

Quadrupole polarizability: X = k2(8,¥) Ris

' GM, GQ. _ GM, GAM,

([

r r3 r r6

V(r) o~

This advances the orbit and changes the rotational phase.
Larger radii imply larger tidal effects.




Neutron Star Radii From Pre Merger Signal

Tidal polarizability or
deformability can be
extracted from the pre-
merger signal.

TIDAL DEFORMABILITY

Realistic data analysis by injecting events in a volume between
100-250 Mpc demonstrates discriminating power between EOSs.
Pozzo et al. (2013)

With tens of events the radius can be extracted to better than 10%
if the waveforms can be modeled. This would provide strong
constraints on the nuclear symmetry energy and the dense matter
EOS.



Summary & Outlook

Neutron stars are central engines for a large class of
phenomena and the underlying nuclear and neutrino
physics is rich, tractable and testable.

Observations of accreting neutron stars are providing new
insights about neutron star interiors.

Intriguing correlations between neutron star radii, GWs
from mergers, supernovae neutrino spectra, and r-process
nucleosynthesis are emerging.

GWs are here and neutron star mergers are up next. Multi-
messenger astronomy has much more to reveal.



