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Textbook view of massive stars
Essential Cosmic Perspective, Bennett et al.
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Massive stars: advanced stages of burning
with MESA, Paxton et al. 2010

The Astrophysical Journal Supplement Series, 192:3 (35pp), 2011 January Paxton et al.

Figure 29. Top: H-R diagram for 10–100 M! models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)

et al. (2001), Nugis & Lamers (2000), and Nieuwenhuijzen &
de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.

Most of this section consists of comparisons to results from
other stellar evolution codes. However, for consistency (and
completeness), we show in Figure 29 the H-R diagram and
central condition evolution of 10–100 M! stars from the PMS
to the end of core helium burning. Though these are stars with
Z = 0.02, we turned off mass loss during this calculation so
that the plot would be easier to read and of some pedagogical
use. The tendency of Tc to scale with ρ

1/3
c (also a constant

radiation entropy) during these stages of evolution is expected
from hydrostatic balance with only a mildly changing mean
molecular weight. The rest of the calculations in this section
included mass loss as described above.

7.3.1. 25 M! Model Comparisons

Figure 30 shows the Tc–ρc evolution in Mi = 25 M! solar
metallicity models from MESA star, KEPLER (A. Heger 2010,
private communication), Hirschi et al. (2004), and FRANEC
(Limongi & Chieffi 2006) from helium burning until iron-
core collapse. The curves fall below the Tc ∝ ρ

1/3
c scaling

relation as the mean molecular weight increases due to the
subsequent burning stages. The curves are also punctuated with
non-monotonic behavior when nuclear fuels are first ignited
in shells. Figure 30 shows that MESA star produces core
evolutionary tracks consistent with other pre-supernova efforts.
The bump in the MESA star curve around carbon burning is

Figure 30. Evolution of the central temperature and central density in solar
metallicity Mi = 25 M! models from different stellar evolution codes. The
locations of core helium, carbon, neon, oxygen, and silicon burning are labeled,
as is the relation Tc ∝ ρ

1/3
c .

(A color version of this figure is available in the online journal.)

Figure 31. Mass fraction profiles of the inner 2.5 M! of the solar metallicity
Mi = 25 M! model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M! of this
Mi = 25 M! model are shown in Figure 31 at the onset of core
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Figure 29. Top: H-R diagram for 10–100 M! models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)
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A note about silicon “burning”
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Energy considerations
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Core (~1 Msun) becomes unstable, dynamically 
collapses

The Astrophysical Journal Supplement Series, 192:3 (35pp), 2011 January Paxton et al.

Figure 29. Top: H-R diagram for 10–100 M! models from the PMS to the end of
core Helium burning for Z = 0.02 but with zero mass loss. Bottom: trajectories
of the central conditions in the T –ρ plane over this same evolutionary period.
(A color version of this figure is available in the online journal.)
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de Jager (1990), as described in Section 6.6. These massive
star models are non-rotating, use no semi-convection, employ a
mixing length parameter of αMLT = 1.6, and adopt f = 0.01 for
exponential diffusive overshoot (see Section 5.2) for convective
regions that are either burning hydrogen or are not burning.
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central condition evolution of 10–100 M! stars from the PMS
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Figure 31. Mass fraction profiles of the inner 2.5 M! of the solar metallicity
Mi = 25 M! model at the onset of core collapse. The reaction network
includes links between 54Fe, 56Cr, neutrons, and protons to model aspects of
photodisintegration and neutronization.
(A color version of this figure is available in the online journal.)

due to the development of central convection whereas the other
codes do not (although see Figure 2 of Limongi et al. 2000).
The development of a convective core during carbon burning
depends on the carbon abundance left over from core helium
burning (Limongi et al. 2000).

The mass fraction profiles of the inner 2.5 M! of this
Mi = 25 M! model are shown in Figure 31 at the onset of core
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What is the timescale for collapse? 
Construct an estimate.

MESA calculations; Paxton et al. 2010
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FIG. 10: The main stages of evolution of a neutron star, from Ref.[133]. Shading indicates approximate relative

temperatures.

temperature, a delayed collapse to a black hole is still possible during this epoch.
Following the onset of neutrino transparency, the core continues to cool by neutrino emission, but the

star’s crust remains warm and cools less quickly. The crust serves as an insulating blanket which prevents
the star from coming to complete thermal equilibrium and keeps the surface relatively warm (T ≈ 3× 106

K) for up to 100 years (stage V). The temperature of the surface after the interior of the star becomes
isothermal (stage VI) is determined by the rate of neutrino emission in the star’s core and the composition
of the surface.

B. Theoretical expectations

To understand what aspects of the EOS and structure can be probed by neutrinos, we examine
some analytic models for proto-neutron star evolution [133, 136]. For clarity and simplicity, we employ
Newtonian gravitation, as this does not affect the qualitative conclusions we will draw. We will assume
that the neutrino distribution function is well-approximated by a Fermi-Dirac distribution, so the neutrino
number density is nν =

∫ ∞
0 nν(Eν)dEν , where

nν(Eν) =
E2

ν

2π3(h̄c)3
fν(Eν), and fν(Eν) = [1 + e(Eν−µν)/T ]−1 . (86)

Modern view of neutron star birth
schematic from Lattimer and Prakash
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Supernova 1987a: neutrinos detected by Kamiokande!

Hirata et al. ’88
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neutron star basics

A solar mass consists of ~ 1057 nucleons.  If they are 
separated by typical inter-nucleon distances, what 
would the radius of the volume containing them be?
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neutron star basics
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Exercise

What is the dynamical time of a solar-mass neutron 
star (density is ≈2•1014 g/cm3; density of sun
is ≈1 g/cm3)? 

Recall that we de"ned a dynamical time

τ = ( ρ̄)− /
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Discovery!

radio pulsations discovered (Hewish, Bell, et al. 1968)

Gold (1968): explained as due to rotation of a 
neutron star (WHY?)
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Crab Nebula: Remnant of supernova in 1054
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Discovery!

radio pulsations discovered (Hewish, Bell, et al. 1968)

Gold (1968): explained pulsations as being due to 
rotation of a magnetized neutron star (WHY?)
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Unlike white dwarfs, can’t assume ideal Fermi gas EOS
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neutron stars and nuclear physics

Nuclear Astrophysics

• The Origin of the Elements

• Explosive Nucleosynthesis

• Composition of Neutron Stars—There are roughly 
one billion neutron stars in our galaxy, yet their internal 
structure and the composition of their crusts are poorly 
understood.  ... a FRIB can study the central questions 
concerning the composition and energetics of their upper 
mantles.—Scienti!c Opportunities with a Rare-Isotope Facility in 
the United States, National Research Council (2006)
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neutron stars and astrophysics

“What is the nature of dense matter?” is one of the 
top unanswered questions for the 21st century

-Connecting Quarks with the Cosmos, Nat’l Academies 
Press

“Measuring neutron star masses and radii yields 
direct information about the interior composition [of 
neutron stars] that can be compared with theoretical 
predictions.”

-New Worlds, New Horizons in Astronomy and 
Astrophysics (Decadal survey of astronomy)
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Neutron stars are a unique probe of dense matter
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Thermodynamics near saturation density
see review by Lattimer & Prakash
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Why so neutron-rich?

�

µ = µ � µ =

�
��

�

�
�

�
��

�

�

= ���

�
= � ( � ).

µ = ( � ) / � ,

=

�
+

�
�

�
�

� ��

� .

� =
Wednesday, July 31, 13



What is the pressure at saturation?
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equation of state from heavy nucleus collisions
Danielewicz et al. (2002) Science

er deflections.) The open and solid points in
Fig. 2 show measured values for the directed
transverse flow in collisions of 197Au projec-
tile and target nuclei at incident kinetic ener-
gies Ebeam/A, ranging from about 0.15 to 10
GeV per nucleon (29.6 to 1970 GeV total
beam kinetic energies) and at impact param-
eters of b ! 5 to 7 fm (5 " 10#13 to 7 "
10#13 cm) (13–16). The scale at the top of
this figure provides theoretical estimates for
the maximum densities achieved at selected
incident energies. The maximum density in-
creases with incident energy; the flow data
are most strongly influenced by pressures
corresponding to densities that are somewhat
less than these maximum values.

The data in Fig. 2 display a broad maxi-
mum centered at an incident energy of about
2 GeV per nucleon. The short dashed curve
labeled “cascade” shows results for the trans-
verse flow predicted by Eq. 1, in which the
mean field is neglected. The disagreement of
this curve with the data shows that a repulsive
mean field at high density is needed to repro-
duce these experimental results. The other
curves correspond to predictions using Eq. 1
and mean field potentials of the form

U ! $a% " b%&)/[1'(0.4%/%0)&–1] ' (Up

(5)

Here, the constants a, b, and & are chosen to
reproduce the binding energy and the satura-
tion density of normal nuclear matter while
providing different dependencies on density
at much higher density values, and (Up de-
scribes the momentum dependence of the
mean field potential (28, 33, 34) (see SOM
text). These curves are labeled by the curva-

ture K § 9 dp/d%)s/% of each EOS about the
saturation density %0. Calculations with larger
values of K, for the mean fields above, gen-
erate larger transverse flows, because those
mean fields generate higher pressures at high
density. The precise values for the pressure at
high density depend on the exact form chosen
for U. To illustrate the dependence of pres-
sure on K for these EOSs, we show the
pressure for zero temperature symmetric
matter predicted by the EOSs with K ! 210
and 300 MeV in Fig. 3. The EOS with K !
300 MeV generates about 60% more pres-
sure than the one with K ! 210 MeV at
densities of 2 to 5 %0 (Fig. 3).

Complementary information can be ob-
tained from the elliptic flow or azimuthal
anisotropy (in-plane versus out-of-plane
emission) for protons (24, 25, 36). This is
quantified by measuring the average value
*cos2+,, where + is the azimuthal angle of
the proton momentum relative to the x axis
defined in Fig. 1. (Here, tan+ ! py/px , where
px and py are the in-plane and out-of-plane
components of the momentum perpendicular
to the beam.) Experimental determinations of
*cos2+, include particles that, in the cen-
ter-of-mass frame, have small values for the
rapidity y and move mainly in directions
perpendicular to the beam axis. Negative val-
ues for *cos2+, indicate that more protons
are emitted out of plane (+ - 90°or + -
270°) than in plane (+ - 0°or + - 180°), and
positive values for *cos2+, indicate the
reverse situation.

Experimental values for *cos2+, for in-
cident kinetic energies Ebeam/A ranging from
0.4 to 10 GeV per nucleon (78.8 to 1970 GeV
total beam kinetic energies) and impact pa-
rameters of b ! 5 to 7 fm (5 x 10#13 to 7 "
10#13 cm) (17–19) are shown in Fig. 4. Neg-
ative values for *cos2+,, reflecting a pref-
erential out-of-plane emission, are observed
at energies below 4 GeV/A, indicating that
the compressed region expands while the

spectator matter is present and blocks the
in-plane emission. Positive values for
*cos2+,, reflecting a preferential in-plane
emission, are observed at higher incident en-
ergies, indicating that the expansion occurs
after the spectator matter has passed the com-
pressed zone. The curves in Fig. 4 indicate
predictions for several different EOSs. Cal-
culations without a mean field, labeled “cas-
cade,” provide the most positive values for
*cos2+,. More repulsive, higher-pressure
EOSs with larger values of K provide more
negative values for *cos2+, at incident en-
ergies below 5 GeV per nucleon, reflecting a
faster expansion and more blocking by the
spectator matter while it is present.

Transverse and elliptic flows are also in-
fluenced by the momentum dependencies
(Up of the nuclear mean fields and the scat-
tering by the residual interaction within the
collision term I indicated in Eq. 1. Experi-
mental observables such as the values for
*cos2+, measured for peripheral collisions,
where matter is compressed only weakly and
is far from equilibrated (28), now provide
significant constraints on the momentum de-
pendence of the mean fields (21, 28). This is
discussed further in the SOM (see SOM text).
The available data (30) constrain the mean-
field momentum dependence up to a density
of about 2 %0. For the calculated results
shown in Figs. 2 to 4, we use the momentum
dependence characterized by an effective
mass m* ! 0.7 mN, where mN is the free
nucleon mass, and we extrapolate this depen-
dence to still higher densities. We also make
density-dependent in-medium modifications
to the free nucleon cross-sections following
Danielewicz (28, 32) and constrain these

Fig. 2. Transverse flow results. The solid and
open points show experimental values for the
transverse flow as a function of the incident
energy per nucleon. The labels “Plastic Ball,”
“EOS,” “E877,” and “E895” denote data taken
from Gustafsson et al. (13), Partlan et al. (14),
Barrette et al. (15), and Liu et al. (16), respec-
tively. The various lines are the transport the-
ory predictions for the transverse flow dis-
cussed in the text. %max is the typical maximum
density achieved in simulations at the respec-
tive energy.

Fig. 3. Zero-temperature EOS for symmetric
nuclear matter. The shaded region corresponds
to the region of pressures consistent with the
experimental flow data. The various curves and
lines show predictions for different symmetric
matter EOSs discussed in the text.

Fig. 4. Elliptical flow results. The solid and open
points show experimental values for the ellip-
tical flow as a function of the incident energy
per nucleon. The labels “Plastic Ball,” “EOS,”
“E895,” and “E877” denote the data of Gutbrod
et al. (17), Pinkenburg et al. (18), Pinkenburg et
al. (18), and Braun-Munzinger and Stachel (19),
respectively. The various lines are the transport
theory predictions for the elliptical flow dis-
cussed in the text.

R E S E A R C H A R T I C L E S

22 NOVEMBER 2002 VOL 298 SCIENCE www.sciencemag.org1594

ongoing projects at NSCL, 
RIKEN (SAMURAI/TPC)
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Relativistic stellar structure equations (non-rotating)
Tolman; Oppenheimer & Volko! 1939; Thorne 1967
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Detection: Isolated neutron stars

about 1700 pulsars detected; about 
50 are in binary systems with some 
mass information

very precise mass information;

but, no radius information

fastest spin is 716 Hz (Hessels et al. 
2006; faster than household 
blender!) John Rowe Animation/Australia Telescope 

National Facility, CSIRO

PSR J0737-3039A/B
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Figure 3: Neutron star (NS) mass-radius diagram. The plot shows non-
rotating mass versus physical radius for several typical NS equations of state
(EOS)[25]. The horizontal bands show the observational constraint from our
J1614−2230 mass measurement of 1.97±0.04 M!, similar measurements for
two other millsecond pulsars[3, 26], and the range of observed masses for
double NS binaries[2]. Any EOS line that does not intersect the J1614−2230
band is ruled out by this measurement. In particular, most EOS curves in-
volving exotic matter, such as kaon condensates or hyperons, tend to predict
maximum NS masses well below 2.0 M!, and are therefore ruled out.

10

Neutron stars can reach 2 Msun! Demorest et al. 2010
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A neutron star cooling from 
its "ery birth

ROSAT Image of thermal emission 
from neutron star in Puppis A 
supernova remnant
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cooling: the Urca process
Gamow & Schoenberg 1941
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but this is blocked...
Chiu & Salpeter, Bahcall & Wol!

If np/n > 0.11, direct process can go. 
Also if other channels, e.g. 
hyperons, are available.

A high symmetry energy implies 
that neutron stars should cool 
rapidly!
—Lattimer & Prakash 2007

, < , + ,

� µ = µ � µ

=

+ � + + �+�̄

This rate is > 106 times slower at typical T < 108 K.
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plot from Yakovlev et al. ‘02; see also Page et al. ’04, ’09

Neutron stars cooling from their "ery birth: “fast” and 
“slow” neutrino emissivities

D. G. Yakovlev et al.: The cooling neutron star in 3C 58 L25
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Models with no enhanced cooling
Page, Lattimer, Prakash, & Steiner 2009

COOLING OF NEUTRON STARS 9

Cooling without PBF vector channel suppression Cooling with PBF vector chanel suppression

Neutron   P   gap = 0

3
2

3
2Neutron   P   gap = "b"Neutron   P   gap = "b"2
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envelopes

element envelopes
Heavy

Light element
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2
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Fig. 9.— Comparison of predictions of the minimal cooling scenario with data; all models are for 1.4 M! stars built using the EOS of
APR (Akmal, Pandharipande & Ravenhall 1998). In the right panels the suppression of the vector channel in the Cooper-pair neutrino
emission is fully taken into account whereas, for comparison, in the left panels the supression has been omitted. In each row, the two panels
have the same neutron 3P2 gap, from a vanishing gap in the upper row to our model gaps ”a” and ”b” (following the notations of Figure
10 in Paper I) in the next two rows. In each panel two sets of cooling trajectories, either with light or with heavy element envelopes, are
shown which include 25 curves corresponding to 5 choices of the neutron 1S0 and of the proton 1S0 gaps covering the range of predictions
about the sizes of these gaps.

equation 13), as in our models “b” and “c”. In the extreme case that the neutron 3P2 gap is vanishingly small and also
that all observed young cooling neutron stars have light element envelopes, then nearly all of them, with the possible
exception of PSR B0538+2817, are observed to be too cold to be compatible with minimal cooling predictions. In
the less extreme possibility of a heterogeneity in chemical composition and a vanishingly small neutron 3P2 gap, we
still find that more than half (seven out of twelve) of the observed young cooling neutron stars are too cold to be
compatible with minimal cooling. (Notice that among the remaining five, out of twelve stars, the compact objects in
Cas A and the Crab still have only upper limits.) If these conditions on the Tc curve are not satisfied for a particular
model of superfluidity in dense matter, then that model also requires enhanced cooling beyond the minimal cooling
paradigm. These results highlight the importance of the n 3P2 gap in more precise terms than discussed in Paper I.

Our conclusion regarding the need for heterogenity in the chemical composition of the atmosphere is consistent with
the results of Kaminker, et al. (2006), who had to employ both light and heavy element atmospheres in their cooling
models to match the data of most stars.

That it is apparently possible to explain the majority of thermally-emitting neutron stars with the minimal cooling
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Accreting neutron stars
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Artwork courtesy T. Piro

Neutron star

≈ solar mass star
Porb = minutes–hours
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