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Figure 1. Schematic diagram of the evolution of compact binary coalescences. The frequency
of the emitted GW is indicated for the different stages. NS–NS inspirals are observable for a
few seconds to minutes. Upon the merger of the NSs, a binary with total mass Mbinary ! 3 M⊙
promptly collapses into a BH. For non-equal-mass binaries, the forming BH will be surrounded by
an accretion disc. NS–NS binaries with total mass MNS,max < Mbinary < 3 M⊙ (where MNS,max is
the mass limit of non-rotating NSs) form a hypermassive NS with strong differential rotation, which
assumes a non-axisymmetric ellipsoid shape. The hypermassive NS survives for milliseconds to a
second, eventually collapsing into a BH, potentially with an accretion disc. Very low mass NS–NS
binaries (Mbinary < MNS,max) can leave a stable NS behind. For BH–NS binaries, after an inspiral
phase observable for seconds to minutes, the NS either gets tidally disrupted (if tidal disruption at
radius Rtidal occurs before, the NS could reach the ISCO at RISCO) or it plunges into the BH (if
Rtidal < RISCO). Tidal disruption results in a BH with an accretion disc, while no accretion disc
forms upon plunge. This merger phase, along with the ringdown of the BH after plunge, lasts for
milliseconds.

system can (slightly) affect the orbital period (and therefore the gravitational waveform) in the
late inspiral phase [53–57]. Further, general relativistic spin–spin or spin–orbit coupling can
cause the binary’s orbital plane to precess, affecting the binary’s evolution and GW emission
[58–60].

Nevertheless, the dominant features of the GW signal from the inspiral phase are captured
by neglecting the spins and internal structure of the binary elements. As the objects spiral
together, their orbital frequency increases producing a GW signal that sweeps upward
in frequency. About ∼15 min before the merger, the GW from the inspiral of an NS–
NS binary begins to sweep upward from ∼10 Hz through the band of Earth-based GW
interferometers. The effective amplitude heff ≡ f |h̃( f )| of the GW signal from a binary system
decreases as heff ∝ f −1/6 [61], up to a mass-dependent cut-off frequency fcut ∼ 1 − 3 kHz
[62, 63, 61]. The frequency ranges !1 kHz and 1–3 kHz are traditionally considered the
inspiral and early-merger phases, respectively. For f ! fcut, the merger retains a binary-like
structure and consequently emits relatively strong GWs [61].

Advanced detectors will be able to detect an NS–NS inspiral up to Dh ∼ 450 Mpc, while
NS–BH inspirals will be detectable up to Dh ∼ 950 Mpc [46] (the distances are given for
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Figure 1
Phases of a neutron star (NS) merger as a function of time, showing the associated observational signatures
and underlying physical phenomena. Abbreviations: BH, black hole; GRB, γ -ray burst; GW, gravitational
wave; ISM, interstellar medium; n, neutron; UV, ultraviolet; Ye , electron fraction. Coalescence inset
courtesy of D. Price and S. Rosswog (see also Reference 15).

∼3–7 year−1 for aLIGO/AdV, consistent with the empirical estimates above. However, the full
range of rates provided in the literature varies by several orders of magnitude (e.g., 6, 23), due
to the large uncertainties in the physics of binary evolution, such as the treatment of common
envelope evolution, wind mass loss from high-mass stars, the evolution of metallicity with redshift,
and supernova NS and BH kicks.

NSNS rate calculations usually neglect the influence of external stellar interactions on the
evolution of binaries, as justified for the vast majority of stars. In dense stellar environments,
however, such as globular clusters or young stellar clusters, dynamical interactions may enhance
the assembly rate of tight NS binaries (e.g., 26, 27). Additional theoretical uncertainties arise
in estimating merger rates in this case due to the poorly constrained evolution of dense stellar
systems. A key aspect of dynamically captured binaries is their potential to merge while the binary
orbit still possesses high eccentricity (e.g., 28, 29). Although this channel likely represents a small
fraction of all mergers (27), even a subdominant population of such events could be of outsized
importance to r-process production and kilonova emission (Section 5.2), given the larger ejecta
mass from eccentric mergers (29).

2.2. Precursor Emission
Compared with the postmerger phase, little study has been dedicated to EM emission during
the late inspiral phase prior to coalescence. If at least one NS is magnetized, then the orbital
motion of the conducting companion NS or BH through its dipole magnetic field induces a
strong voltage and current along the magnetic field lines connecting the two objects (e.g., 30–
33). This voltage accelerates charged particles, potentially powering EM emission that increases
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∼3–7 year−1 for aLIGO/AdV, consistent with the empirical estimates above. However, the full
range of rates provided in the literature varies by several orders of magnitude (e.g., 6, 23), due
to the large uncertainties in the physics of binary evolution, such as the treatment of common
envelope evolution, wind mass loss from high-mass stars, the evolution of metallicity with redshift,
and supernova NS and BH kicks.

NSNS rate calculations usually neglect the influence of external stellar interactions on the
evolution of binaries, as justified for the vast majority of stars. In dense stellar environments,
however, such as globular clusters or young stellar clusters, dynamical interactions may enhance
the assembly rate of tight NS binaries (e.g., 26, 27). Additional theoretical uncertainties arise
in estimating merger rates in this case due to the poorly constrained evolution of dense stellar
systems. A key aspect of dynamically captured binaries is their potential to merge while the binary
orbit still possesses high eccentricity (e.g., 28, 29). Although this channel likely represents a small
fraction of all mergers (27), even a subdominant population of such events could be of outsized
importance to r-process production and kilonova emission (Section 5.2), given the larger ejecta
mass from eccentric mergers (29).

2.2. Precursor Emission
Compared with the postmerger phase, little study has been dedicated to EM emission during
the late inspiral phase prior to coalescence. If at least one NS is magnetized, then the orbital
motion of the conducting companion NS or BH through its dipole magnetic field induces a
strong voltage and current along the magnetic field lines connecting the two objects (e.g., 30–
33). This voltage accelerates charged particles, potentially powering EM emission that increases
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• How does the merger proceed?
• How is the evolution imprinted in the multimessenger 

emissions?
• What can we infer about the physics of neutron stars, 

the origin of SGRBs, and the r-process elements?
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Tidal Effects (I)

plate, halting the accumulation of signal-to-noise ratio.
The phase contributions to binary neutron stars of various
masses from a range of realistic tidal deformabilities are
plotted in Fig. 4.
The post-Newtonian formalism itself is sensitive to

high-order corrections at the frequencies at which the tidal
effect becomes significant; as reference, we show in Fig. 4
the phase difference between the 3.0PN and 3.5PN expan-
sions, as well as that from varying the form of the post-
Newtonian Taylor expansion from T4 to T1.4 An accurate
knowledge of the underlying point-particle dynamics
will be important to resolve the effects of tidal
deformation on the gravitational wave phase evolution at
these frequencies.
The half-cycle or more contribution to the gravitational

wave phase at relatively low frequencies suggests that this
effect could be measurable. Flanagan and Hinderer [11]
first calculated the measurability for frequencies below
400 Hz, where the approximations leading to the tidal
phase correction are well justified. We extend the same
computation of measurability to a range of masses and
mass ratios. We take noise curves from the projected NS-
NS optimized Advanced LIGO configuration [45], as well
as a proposed noise spectrum of the Einstein Telescope
[46]. These noise curves are representative of the antici-
pated sensitivities of the two detectors. Our results do not
change significantly for alternate configurations which
have similar sensitivities in the frequency range of interest.
We also extend the computation to a slightly higher

cutoff frequency. As estimated in the Appendix, our cal-
culation should still be fairly robust at 450 Hz, as the
contributions to the phase evolution from various higher-
order effects are Oð10%Þ of the leading-order tidal contri-
bution. The uncertainty in the phase contribution from a
given EOS is therefore significantly smaller than the order
of magnitude range of phase contributions over the full set
of realistic EOS.
The rms uncertainty !~! in the measurement of ~! is

computed using the standard Fisher matrix formalism
[47]. Assuming a strong signal h and Gaussian detector
noise, the signal parameters "i have probability distribu-
tion pð"iÞ / expð#ð1=2Þ"ij#"

i#"jÞ, where #"i ¼ "i # "̂i

is the difference between the parameters and their best-fit
values "̂i and "ij ¼ ð@h=@"i; @h=@"jÞ is the Fisher infor-
mation matrix. The parentheses denote the inner product
defined in [47]. The rms measurement error in "i is given
by a diagonal element of the inverse Fisher, or covariance,

matrix: !"i ¼
ffiffiffiffiffiffiffiffiffiffiffiffiffiffi
ð"#1Þii

p
.

Using the stationary phase approximation and neglect-
ing post-Newtonian corrections to the amplitude, the
Fourier transform of the waveform for spinning point
masses is given by ~hðfÞ ¼ Af#7=6 expði#Þ, where the

FIG. 4 (color online). The reduction in accumulated gravita-
tional wave phase due to tidal effects, $3:5;PPðfGWÞ #
$3:5;!ðfGWÞ, is plotted with thick lines as a function of gravita-
tional wave frequency, for a range of ! appropriate for realistic
neutron-star EOS and the masses considered. The 3.5 post-
Newtonian TaylorT4 PN specification is used as the point-
particle reference for the phase calculations. For reference, the
difference in accumulated phase between 3.0 and 3.5 post-
Newtonian orders of T4 (thin dashed line), and the difference
between 3.5 post-Newtonian T4 and 3.5 post-Newtonian T1 (thin
dotted line) are also shown. Phase accumulations are integrated
from a starting frequency of 10 Hz.

4For an explanation of the differences between T4 and T1, see
[43,44].

TIDAL DEFORMABILITY OF NEUTRON STARS WITH . . . PHYSICAL REVIEW D 81, 123016 (2010)

123016-7

From Hinderer+ 2010

Qij = ��Eij

�20 �10 0 10 20
x [M�]

�20

�10

0

10

20

y
[M

�
]

log10 ⇢

�7.8

�7.2

�6.6

�6.0

�5.4

�4.8

�4.2

�3.6

�3.0



Tidal Effects (II)

the left hand side of Eq. (6) be normalized. Finally, the
likelihood is given by [19]

pðdnj ~!;"0;"1; IÞ

¼ N exp
!
$2

Z fLSO

f0

df
j~dnðfÞ $ ~hlinð ~!;"0;"1; fÞj2

SnðfÞ

"
;

(7)

where N is a normalization factor, ~dn is the Fourier
transform of the data stream for the nth detection, and SnðfÞ
is the one-sided noise power spectral density; f0 is a
lower cutoff frequency, which we take to be 20 Hz.
~hlinð ~!;"0;"1; fÞ is our frequency domain waveform, with
the linearized expression for "ðmÞ, Eq. (4), substituted into
the tidal contribution to the phase, Eq. (1). To explore the
likelihood function, we used the method of nested sampling
as implemented by Veitch and Vecchio [19].

In Fig. 1, we show the evolution with an increasing
number of sources of the medians and 95% confidence
intervals in the measurement of "0, for three different EOS
models from Hinderer et al. [6]: a hard EOS (MS1), a
moderate one (H4), and a soft one (SQM3). In each case,
after a few tens of sources, the value of "0 is recovered with
a statistical uncertainty%10%, and it is easily distinguish-
able from the ones for the other EOS. (On the other hand,
"1 remains uncertain.) We see that the posterior medians
for "0 are ordered correctly, which suggests a second
method to identify the EOS, namely, hypothesis ranking.

Method 2: Hypothesis ranking.—Hinderer et al. com-
puted the function "ðmÞ for a large number of (families of)
equations of state, some of them mainly involving
neutrons, protons, electrons, and muons, others allowing
for pions and hyperons, and a few assuming strange quark
matter. Given a (arbitrarily large) discrete set fH kg

of models, each corresponding to a different EOS, or
equivalently a different deformability "ðmÞ, the relative
odds ratios for any pair of models H i, H j can be
computed as

Oi
j ¼

PðH ijd1; d2; . . . ; dN; IÞ
PðH jjd1; d2; . . . ; dN; IÞ

: (8)

Again, assuming independence of the detector outputs
d1; d2; . . . ; dN and using Bayes’ theorem, one can write

Oi
j ¼

PðH ijIÞ
PðH jjIÞ

YN

n¼1

PðdnjH i; IÞ
PðdnjH j; IÞ

: (9)

PðH ijIÞ is the probability of the model H i before any
measurement has taken place, and similarly forH j; in the
absence of more information, these can be set equal to each
other for all models H k. The evidences for the various
models are given by

pðdnjH k; IÞ ¼
Z

d ~!pðdnjH k; ~!; IÞpð ~!jH k; IÞ; (10)

with ~! the parameters of the template waveforms (masses,

sky position, etc.) and pð ~!jH k; IÞ the prior probabilities
for these parameters, which we choose to be the same as in

Ref. [18]. The likelihood function pðdnjH k; ~!; IÞ takes
the form

pðdnjH k; ~!; IÞ ¼ N exp
!
$2

Z fLSO

f0

df
j~dn $ ~hkð ~!; fÞj2

SnðfÞ

"
:

(11)

This time, ~hkð ~!; fÞ is the waveform model corresponding
to the EOS H k, meaning the abovementioned frequency
domain approximant with tidal contributions to the phase
as in Eq. (1), with a deformability "ðmÞ corresponding to
that EOS. Here, too, we use nested sampling to probe the
likelihood [19].
The set fH kg could comprise all the models consid-

ered in, e.g., Ref. [6], and many more. In this Letter,
we wish to show that it will at least be possible to
distinguish between a hard, a moderate, and a soft
EOS. Accordingly, we focus on just three EOS models,
the ones labeled MS1, H4, and SQM3 in Ref. [6]. In
addition, we consider the point particle model (PP) in
which "ðmÞ & 0. Figure 2 shows the cumulative distri-
bution of lnOk

j for different signal models H k against

the true EOS model H j, for Oð30Þ simulated catalogs of
20 sources each. A useful criterion for correct identifi-
cation of the underlying EOS is that the log odds ratio of
the incorrect models against the true EOS be decisive
according to the Jeffreys scale, i.e., <$ 5 in log odds
(odds less than 1:150, which one can think of as being
roughly similar to 3#) [20]. When the signals’ EOS is
MS1 (top right panel of Fig. 2), we see that the runner-
up model H4 is decisively disfavored ( lnOH4

MS1 <$5) for

FIG. 1 (color online). Median and 95% confidence interval
evolution for the "0 parameter as an increasing number of
sources is taken into consideration, for three different equations
of state in the signals: a hard (MS1), a moderate (H4), and a
soft (SQM3) EOS. In each case, the dashed line indicates the
true value.
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Postmerger Peak Frequency

• Post-merger signal has a characteristic peak frequency
• Empirical correlations: fpeak vs. EOS properties
• Small statistical uncertainty: radii to within few hundred meters

for the postmerger phase, which could enhance the detec-
tion prospects compared to unmodeled searches [40,41] for
the Advanced LIGO and Advanced Virgo detectors and
their discussed upgrades [42–44]. For the planned Einstein
Telescope [45], direct detections of secondary peaks are a
viable prospect [36,37,40,41].

II. NATURE OF SECONDARY GW PEAKS

We investigate mergers of equal-mass, intrinsically non-
spinning NSs with a 3D relativistic smoothed particle
hydrodynamics (SPH) code, which imposes the conformal
flatness condition on the spatial metric [46,47] to solve
Einstein’s field equations and incorporates energy and
angular momentum losses by a GW backreaction scheme
[18,48] (see Refs. [12,18,28,29,49] for details on the code,
the setup, resolution tests and model uncertainties).
Comparisons to other numerical setups and also models
with an approximate consideration of neutrino effects
show an agreement in determining the postmerger spectrum
within a few percent in the peak frequencies [27–29,33,
36–38]. Magnetic field effects are negligible for not-too-
high initial field strengths [24]. We explore a representative
sample of ten microphysical, fully temperature-dependent
equations of state (EOSs) (see Table I in Ref. [39] and
Fig. 5 in this work for the mass-radius relations of non-
rotating NSs of these EOSs) and consider total binary
massesMtot between 2.4 M⊙ and 3.0 M⊙. In this work we
consider only NSs with an initially irrotational velocity
profile, because known spin periods in observed NS
binaries are slow compared to their orbital motion (see
e.g. Ref. [50]), and simulations with initial intrinsic NS spin
suggest an impact on the postmerger features of the GW
signal only for very fast spins [19,35,38].
First, we focus on a reference model for the moderately

stiff DD2 EOS [51,52] with an intermediate binary mass of
Mtot ¼ 2.7 M⊙. Figure 1 shows the x-polarization of the
effective amplitude heff;x ¼ ~hxðfÞ · f (with ~hx being the
Fourier transform of the waveform hx) vs frequency f
(reference model in black). Besides the dominant fpeak
frequency [53], there are two secondary peaks at lower
frequencies (f2−0 and fspiral) with comparable signal-to-
noise ratio. Both are generated in the postmerger phase,
which can be seen by choosing a time window covering
only the postmerger phase for computing the GW
spectrum.
The secondary peak shown as f2−0 is a nonlinear

combination frequency between the dominant quadrupolar
fpeak oscillation and the quasiradial oscillation of the
remnant, as described in Ref. [25]. We confirm this by
performing additional simulations, after adding a quasir-
adial density perturbation to the remnant at late times. The
frequency f0 of the strongly excited quasiradial oscillation
is determined by a Fourier analysis of the time evolution of
the density or central lapse function and coincides with the

frequency difference fpeak − f2−0. As in Ref. [25], the
extracted eigenfunction at f0 confirms the quasiradial
nature.
The secondary fspiral peak is produced by a strong

deformation initiated at the time of merging, the pattern
of which then rotates (in the inertial frame) slower than the
inner remnant and lasts for a few rotational periods, while
diminishing in amplitude. Figure 2 shows the density
evolution in the equatorial plane, in which one can clearly
identify the two antipodal bulges of the spiral pattern,
which rotate slower than the central parts of the remnant. In
this early phase the inner remnant is still composed of two
dense cores rotating around each other (this is the nonlinear
generalization of an m ¼ 2 quadrupole oscillation produc-
ing the dominant fpeak). Extracting the rotational motion of
the antipodal bulges in our simulations, we indeed find that
their frequency equals fspiral=2 producing gravitational
waves at fspiral (compare the times in the right panels in
Fig. 2; recall the factor 2 in the frequency of the GW signal
compared to the orbital frequency of orbiting point par-
ticles). In Fig. 2 the antipodal bulges are illustrated by
selected fluid elements (tracers), which are shown as black
and white dots, while the positions of the individual centers
of the double cores are marked by a cross and a circle. (We
define the centers of mass of the double cores by computing
the centers of mass of the innermost 1000 SPH particles of
the respective initial NSs and then following their time
evolution.) While in the right panels the antipodal bulges
completed approximately one orbit within one millisecond
(≈ 2

fspiral
), the double cores moved further ahead, i.e. with a

significantly higher orbital frequency. Examining the GW

1 2 3 4
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FIG. 1 (color online). GW spectra of 1.35–1.35 M⊙ mergers
with the DD2 [51,52] (black), NL3 [51,54] (blue) and LS220 [55]
(red) EOSs (cross polarization along the polar axis at a reference
distance of 20 Mpc). Dashed lines show the anticipated unity
SNR sensitivity curves of Advanced LIGO [1] (red) and of the
Einstein Telescope [45] (black).
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Fig. 3. Dominant postmerger GW frequency fpeak as a func-
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3.0M⊙) and a mass ratio of unity. The solid lines are least-
square fits to the data of the different binary masses.

gular momentum, however, is given by the dynamics
of the late inspiral/merging phase, which is fully deter-
mined by the stellar structure of the inspiralling stars and
thus also depends on the EoS in a particular way. The
strong EoS dependence of the peak frequency can be ex-
pressed as follows. An EoS which is used in a given sim-
ulation, can be conveniently characterized by the radii
of nonrotating NSs, which are uniquely determined by
this EoS through the stellar structure equations (Tolman-
Oppenheimer-Volkoff equations [89,90]). Specifically, for a
set of calculations with a fixed total binary mass but differ-
ent EoSs2, we relate the peak frequency, which is extracted
from a simulation with a given EoS, to the radius of a
nonrotating NS (described by the same EoS) with a fixed
fiducial mass. A natural choice is to employ the NS radius
for a mass of MNS = Mtot/2, which for symmetric binaries
is just the radius of the inspiralling NSs (more precisely, at
infinite orbital separation). In this case a clear correlation
is found, where EoSs leading to more compact NSs yield
higher postmerger GW frequencies (see fig. 12 in [6], which
shows this relation for Mtot = 2.7M⊙). (Alternatively, one
can use the compactness C = GMNS/(c2R(MNS)) of fidu-
cial nonrotating NS models, which is equivalent to em-
ploying the radius R(MNS).)

The empirical relation between fpeak and R(MNS) is
very tight, which implies that a measurement of the peak
frequency can be used to determine the unknown radius

2 Except for some models considered in sect. 4, the EoSs
discussed in this study are temperature dependent and include
electrons, positrons and photons, while neutrino contributions
are neglected. With regard to the resulting stellar properties
these EoSs cover a representative range, which, for example,
can be seen from the range of radii in fig. 3 and maximum
masses in fig. 8.

of a nonrotating NS with a fixed mass by simply invert-
ing the empirical relation [6,19]. Thus, a future detection
of the GW postmerger phase and extraction of the peak
frequency (see [17,18]) will yield strong constraints on the
high-density EoSs. In [6, 19] the largest deviation of the
empirical data from a fit is only a few hundred meters.
The accuracy of a radius determination by the postmerger
GW signal is mostly affected by two sources of error. One
error is the uncertainty of the measurement of the peak
frequency. Apart from this, one should take into account
deviations between the data and the fit to the data de-
scribing the empirical relation. A measurement of the peak
frequency (of the true EoS) does not reveal in which way
the measured frequency slightly deviates from the empiri-
cal relation. Hence, one conservatively has to assume that
the true data point may deviate as much as the largest
deviation found in the large sample of candidate EoSs.

The peak frequency has been shown to be measurable
with very high precision by a coherent burst search anal-
ysis [17]. In this study waveforms from numerical models
were superimposed with the recorded data stream of pre-
vious GW detector science runs, which simulates the noise
of the future instruments. The model waveforms were in-
jected at random times and the noise was rescaled to the
anticipated sensitivity of the second-generation GW detec-
tors Advanced LIGO and Virgo. The existing GW data
analysis pipeline was able to recover the injected signal
and to determine the peak frequency with an accuracy of
∼ 10Hz, which is smaller than the spread in the empiri-
cal relation between fpeak and the NS radius. This implies
that the radii of the inspiralling stars can be determined
with a precision of a few hundred meters.

These considerations show that the larger contribu-
tion to the error of a radius measurement originates from
the scatter in the empirical relation between fpeak and
R(MNS). In this context, the following observation is im-
portant. One has the freedom to choose any fiducial NS
mass different from MNS = Mtot/2 for characterizing
a given EoS by the TOV radius R(MNS). Empirically,
it turns out that using a fiducial NS mass somewhat
larger than MNS = Mtot/2 leads to tighter relations be-
tween fpeak and R(MNS). This is exemplified in fig. 3. For
Mtot = 2.7M⊙ (circles in fig. 3) the maximum deviation
between the data and a fit amounts to only ∼ 175 me-
ters if MNS = 1.6M⊙ is chosen. This implies that the
measurement of the dominant postmerger frequency for
Mtot = 2.7M⊙ determines the radius of a nonrotating
1.6M⊙ NS with an accuracy of better than 200 meters.

It is natural that a fiducial mass of MNS = 1.6M⊙
is somewhat more appropriate than MNS = 1.35M⊙ for
characterizing the postmerger oscillations of 1.35-1.35M⊙
mergers (Mtot = 2.7M⊙). The maximum densities in
the massive, rotating merger remnant are higher than in
the initial NSs and they are comparable to the central
densities of nonrotating, static NSs with a mass of roughly
1.6M⊙ (see, e.g., fig. 15 in [6]). For this reason, nonrotat-
ing NSs with MNS > Mtot/2 better represent the density
regime encountered in the merger remnant and thus pro-
vide a better description of the EoS.

From Bauswein+ 2016
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FIG. 3. Mf2 dimensionless frequency as a function of the tidal coupling constant T
2 . Each panel shows the same dataset; the
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�th (bottom right). The black solid line is our fit (see Eq. (2) and Table II); the grey area marks the 95% confidence interval.
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(`) , where A, B label the stars in the binary [1, 11].

The leading-order contribution to AT (r) is proportional
to the quadrupolar (` = 2) coupling constants, A
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assuming q = MA/MB � 1. The leading-order term of
the tidal potential is simply AT (r) = �T

2 r�6.
A consequence of the latter expression for AT (r) is

that the merger dynamics is essentially determined by
the value of T

2 [16]. All the dynamical quantities develop
a nontrivial dependence on T

2 as the binary interaction
becomes tidally dominated. The characterization of the
merger dynamics via T

2 is “universal” in the sense that
it does not require any other parameter such as EOS, M ,
and q. (There is, however, a dependency on the stars
spins.) For example, at the reference point tmrg, the cor-
responding binary reduced binding energy Emrg

b , the re-
duced angular momentum jmrg, and the GW frequency

M!mrg
22 can be fitted to simple rational polynomials [16]

Q(T
2 ) = Q0

1 + n1
T
2 + n2(T

2 )2

1 + d1T
2

, (2)

with fit coe�cients (ni, di) given in Table II.
In view of these results, it appears natural to investi-

gate the depedency of the postmerger spectrum on T
2 .

Our main result is summarized in Fig. 3, which shows
the postmerger main peak dimensionless frequency Mf2

as a function of T
2 for a very large sample of bina-

ries. Together with our data we include those tabu-
lated in [19, 24]. The complete dataset spans the ranges
M 2 [2.45M�, 2.9M�], q 2 [1.0, 1.5], and a large varia-
tion of EOSs. The peak location is typically determined
within an accuracy of �f ⇠ ±0.2 kHz, see also [18]. Each
of the four panels of Fig. 3 shows the same data; the color
code in each panel indicates di↵erent values of M (top
left), EOS (top right), q (bottom left), and �th (bottom
right). The data correlate rather well with T

2 . As indi-
cated by the colors and di↵erent panels, the scattering of
the data does not correlate with variations of M , EOS, q,
�th. The black solid line is our best fit to Eq. (2), where
we set n2 = 0 and fit also for Q0, see Table II. The fit
95% confidence interval is shown as a gray shaded area
in Fig. 3.

From Bernuzzi+ 2015

Complementary measure of the tidal parameters
See also Takami+ 2014; Rezzolla & Takami 2016; Dietrich+ 2016; Bose+ 2017
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A consequence of the latter expression for AT (r) is

that the merger dynamics is essentially determined by
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2 [16]. All the dynamical quantities develop
a nontrivial dependence on T

2 as the binary interaction
becomes tidally dominated. The characterization of the
merger dynamics via T

2 is “universal” in the sense that
it does not require any other parameter such as EOS, M ,
and q. (There is, however, a dependency on the stars
spins.) For example, at the reference point tmrg, the cor-
responding binary reduced binding energy Emrg

b , the re-
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In view of these results, it appears natural to investi-
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Our main result is summarized in Fig. 3, which shows
the postmerger main peak dimensionless frequency Mf2

as a function of T
2 for a very large sample of bina-

ries. Together with our data we include those tabu-
lated in [19, 24]. The complete dataset spans the ranges
M 2 [2.45M�, 2.9M�], q 2 [1.0, 1.5], and a large varia-
tion of EOSs. The peak location is typically determined
within an accuracy of �f ⇠ ±0.2 kHz, see also [18]. Each
of the four panels of Fig. 3 shows the same data; the color
code in each panel indicates di↵erent values of M (top
left), EOS (top right), q (bottom left), and �th (bottom
right). The data correlate rather well with T

2 . As indi-
cated by the colors and di↵erent panels, the scattering of
the data does not correlate with variations of M , EOS, q,
�th. The black solid line is our best fit to Eq. (2), where
we set n2 = 0 and fit also for Q0, see Table II. The fit
95% confidence interval is shown as a gray shaded area
in Fig. 3.

From Bernuzzi+ 2015

Complementary measure of the tidal parameters

Tidal polarizability of the stars in isolation!!!
• Good: joint analysis with inspiral (Bose+ 2017)
• Bad: extracting physics beyond the inspiral challenging

Postmerger: Universal Relations

See also Takami+ 2014; Rezzolla & Takami 2016; Dietrich+ 2016; Bose+ 2017



Extreme-Density Physics

• Neutron stars in binaries have 
masses clustered around ~1.35 M

• What happens if we change the 
EOS at high density?

• Different collapse time of remnant?

• What about fpeak?

• What can we say about the EOS 
with GWs?
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DR, Bernuzzi, Del Pozzo+ 2017



Einstein Toolkit / WhiskyTHC

Gravity: BSSN, Z4c;

GRHD: high-order FD; FV

Nuclear EOS

Neutrino radiation: leakage,
ray-by-ray moment-based transport

THC = Templated Hydrodynamics Code

To be released soon!



1.4 M⊙ vs 1.4 M⊙

Hyperons No Hyperons
DR, Bernuzzi, Del Pozzo+ 2017

High-density EOS encoded in the collapse time!
See also: Lasky+ 2014; Gao+ 2015; Fryer 2015; Piro+ 2017



1.3 M⊙ vs 1.3 M⊙

Hyperons No Hyperons
DR, Bernuzzi, Del Pozzo+ 2017



Binding Energy

High-density EOS encoded in the binding energy
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Gravitational Waves
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• Frequency evolution: a black-hole formation signature
• EOS softening always imprinted as amplitude modulation

DR, Bernuzzi, Del Pozzo+ 2017



Detectability
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What About 
Magnetic Fields?



Magneto-Turbulence Effects

From Siegel+ 2013

• MHD instabilities are known operate 
at a scale of few meters or less

• Resolution in global simulations is 
orders of magnitude too low

• Previous approach: neglect these 
effects or use unrealistically large B-
fields & idealized configurations

• Our approach: explicit subgrid-scale 
modeling with large-eddy simulations

See also: Shibata & Kiuchi 2017



Large-Eddy Simulations (LES)

From: T. Itami; http://www.cradle-cfd.com/tec/column04

Large scale flow is resolved, small scale flow is modeled

http://www.cradle-cfd.com/tec/column04


Relativistic LES

Special relativistic Euler equations

Only large scales are resolved in a simulation

@tSi + @j(Sivj + p) = 0

@tSi + @j(Siv
j + p) = 0Si = ⇢hW 2vi

Small scales are modeled

DR 2017

@tS̄i + @j(S̄iv̄
j + p) = �@j⌧i

jSivj = S̄iv̄
j + ⌧i

j



Turbulent-Viscosity Models

Turbulence modeled as an effective viscosity: Smagorinsky (1963)

𝜈T  :  turbulent viscosity

• Relativistic LES not relativistic viscous hydrodynamics
• Lorentz invariance is broken and only recovered as a limit*
• 𝜈T is not an intrinsic fluid quantity

⌧ij = 0

Rely on numerical viscosity; Implicit LES approach

DR 2017

⌧ij = �2⌫T ⇢hW 2
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* Eyink & Drivas 2017



Mixing Length Theory

⌫T = `
mix

cs

`
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mix
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Turbulent viscosity can be written in terms of characteristic 
speed and length

ℓmix is the correlation scale (typical eddy size) of the turbulence.
Two ways to estimate:
1. for MRI driven turbulence we assume

2. equivalent choice [see Shibata & Kiuchi 2017] is

`
mix

⇠ Hp ⇠ cs/⌦s ⇠ 10 km

observations* and simulations+ show: ↵ & 0.1

* King+ 2007 + Shi+ 2016



Mixing Length

the values predicted by Eq. (2) for the selected region:
!MRI ! ð4–5Þ $ 10%2 ms.

Figure 3 verifies additional important features of the
MRI. The upper panel presents the maximum toroidal
magnetic field in the selected region for the same initial
data (with Bin

c ¼ 5$ 1017 G) evolved using five grid res-
olutions ranging from 0:9h–4:0h (with h referring to the
fiducial grid spacing of 44 m). For the two coarsest
resolution runs ð2h; 4hÞ, there are fewer than five grid
points per "MRI (see below). The MRI, therefore, cannot
be resolved in these cases. Increasing the resolution, we
gradually recover the growth rate of the fiducial simulation.
For the two finest resolutions ð0:9h; 1:0hÞ, the extracted
growth rates agree within error bars. Note that small
differences in the maximum magnetic field after the rapid
growth periods are expected when the resolution is
changed. This is because with higher resolution we capture
also smaller wavelengths, which couple nonlinearly and
lead to slightly different magnetic-field amplifications. All
of our runs recover the same expected magnetic winding
behavior in the initial phase of the evolution.

The lower panel of Fig. 3 illustrates the effect of vary-
ing the initial magnetic field strength at fixed grid resolu-
tion h. It validates the disappearance of the MRI when
"MRI becomes too small compared with the resolution.
Since "MRI / kiMRIBi / Bpol and the poloidal field strength

Bpol remains approximately constant even during the MRI

development (cf. upper panel of Fig. 2), the number of
grid points per "MRI decreases as the initial magnetic field
strength is lowered. At some point, the MRI can no longer
be resolved. We detect a well-resolved instability only
when Bin

c > 3$ 1017 G. The lower panel of Fig. 3 also
illustrates that increasing the initial magnetic field
strength decreases the HMNS lifetime (this amounts to a
factor * 2 with respect to the nonmagnetized case). This
is due to more efficient outward transport of angular
momentum which reduces the centrifugal support in the
HMNS [9].
The upper panel of Fig. 4 is a typical snapshot of the

norm of the magnetic field in the selected region after
the MRI has fully developed (t ¼ 0:373 ms). It illustrates
the characteristic coherent channel-flow structures of the
instability, which have not been observed in previous
HMNS simulations, nor in global three-dimensional
general-relativistic simulations. Note that such structures
are observed not only for the norm of the magnetic field,
but also, e.g., in the toroidal velocity and magnetic field.
The clarity with which these structures emerge allows us to
directly measure the wavelength of the fastest growing
mode. The corresponding two-dimensional power spec-
trum is depicted in the lower panel of Fig. 4, which—apart
from the maxima around the origin representing large-
scale gradients over the selected region—clearly shows
the presence of a single dominant mode kiMRI nearly par-
allel to the x axis and corresponding to a wavelength of
"MRI ! 0:4 km ! 9h. Note that this geometry is different
from the most commonly considered MRI scenarios where
kiMRI is aligned with the spin axis. There is not enough
resolution in the Fourier domain to accurately measure the
very small angle #kx between kiMRI and the x axis, which
varies slightly with time (#kx ! 3'–7'). Using this range
of values for #kx, the wavelength predicted by Eq. (2) for
the region of interest is "MRI ! ð0:5–1:5Þ km, which is
in good agreement with the measured value. It should
be emphasized that the analytical estimates of Eq. (2)
arise from a number of simplifying assumptions, such
as Newtonian physics, axisymmetry, near equilibrium,
and the short-wavelength approximation. None of these
assumptions are strictly valid in our simulations.
Notwithstanding the good agreement between our mea-
surements and Eq. (2), a better analytic description of the
MRI is needed for relativistic compact objects.

V. CONCLUSIONS

By performing global three-dimensional MHD simula-
tions of HMNSs, we have observed the emergence of
coherent channel-flow structures which provide direct evi-
dence for the presence of the MRI in these systems. This is
further supported by the verification of the main properties
of the MRI expected from previous Newtonian analytical
and numerical studies in other astrophysical scenarios. We
note that the persistence of these structures is nontrivial as

FIG. 4 (color online). Top panel: Norm of the total magnetic
field in the selected region showing the fastest-growing MRI
mode and the onset of channel-flow merging (upper part).
Bottom panel: Corresponding power spectrum showing a single
dominant mode with "MRI ( 0:4 km.
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From Siegel+ 2013

• MRI studies focus on steady-state thin-disk flows
• HMNS evolution is non-steady (and not a thin disk), 
• MRI must do something within few rotational periods to be 

relevant for GWs
• Current simulations of HMNS available support ℓmix ~ 𝜆MRI

• Caveat: these simulations are too short! More work needed!



Angular Momentum Transport

Delayed collapse?!?

DR 2017
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Slowly rotating core

See also Shibata & Taniguchi 2006; Kastaun+ 2015, 2016;  Hanauske+ 2016
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Effect on neutrino luminosity
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The Origin of the Elements

R-Process

How are heavy elements formed?
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Figure 4. Volume rendering of the entropy distribution in the full 3D unconstrained high-resolution simulation s27FH at 283ms after core bounce. The cyan
surface corresponds to the shock front and is at a specific entropy of 10k

B

baryon-1. The yellow regions are at specific entropies of ⇠ 16k

B

baryon-1 and the red
regions are at ⇠ 20k

B

baryon-1. They correspond to strongly neutrino-heated bubbles of hot gas that expand, pushing the shock outward locally and globally.
This results in a complicated shock morphology that is asymmetric on large scale and on small scale. This figure was produced using yt (Turk et al. 2011).

All four models exhibit very similar average neutrino en-
ergies, the expected hierarchy of neutrino energies, h✏⌫

e

i <
h✏⌫̄

e

i < h✏⌫µ/⌧
i, and spectral hardening as a function of time.

The large average energies of the ⌫µ/⌧ , relative to the aver-
age energies predicted by other groups (e.g. Müller & Janka
2014), are due to our neglect of inelastic neutrino scattering.
This is unlikely to have a large effect on heating in the gain re-
gion, since µ and ⌧ neutrinos do not effectively deposit their
energy there. It has been shown that inelastic scattering of
heavy flavored neutrinos near the electron neutrino sphere can
modestly increase the average energies of electron flavored

neutrinos (Müller et al. 2012b), but the absence of inelastic
scattering is unlikely to make a qualitative difference to the
outcome of our simulations. Tamborra et al. (2014) have also
investigated 3D models of CCSNe using the s27 progenitor.
Our ⌫

e

and ⌫̄
e

luminosities and average energies are within
10% of those found by Tamborra et al. (2014), but our simu-
lations show a different hierarchy of luminosities than theirs,
with L⌫

e

< L⌫̄
e

. Our ⌫µ/⌧ luminosities are also about 25%
lower than those reported in Tamborra et al. (2014).

Additionally, Tamborra et al. (2014) found that the lepton
flux is asymmetric about the center of mass with a strong

Mösta+ 2014

• Core-collapse supernovae

• Neutron star mergers

• Magnetorotational supernovae

• Nuclear explosions



Compact Binary Mergers
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• Neutron-rich outflows: the site of the r-process?
• Nucleosynthetic yields
• Radioactively powered transients



Strong and Weak R-process
4 Lippuner and Roberts
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Figure 1. The final abundances of some selected nucleosynthesis calculations. Left: Ye = 0.01, 0.19, 0.25, 0.50, s = 10 kB baryon�1, and
⌧ = 7.1ms. The full r-process is made, with substantial amounts of lanthanides and actinides, for Ye = 0.01 and Ye = 0.19. The Ye = 0.25
trajectory is neutron-rich enough to make the second r-process peak, but not the third and not a significant amount of lanthanides. In
the symmetric case (Ye = 0.5), mostly 4He and iron-peak elements are produced. Right: Ye = 0.25, s = 1.0, 3.2, 10, 100 kB baryon�1, and
⌧ = 7.1ms. With s = 1 kB baryon�1 a jagged r-process is obtained because there are only few free neutrons per seed nucleus available and
nuclides with even neutron numbers are favored. Even though there are not many free neutrons available, there is still a significant amount
of lanthanides in the s = 1 kB baryon�1 case because the initial seed nuclei are very heavy. At higher entropies, the initial seeds become
lighter and the initial free neutron abundance increases. However, the increase in the initial free neutron abundance is not enough to o↵set
the decrease in the initial mass of the seeds and so we obtain a less complete r-process. The situation is reversed at s = 100 kB baryon�1,
where there is a very high neutron-to-seed ratio. In that case, a significant fraction of ↵ particles are also captured on the seed nuclei. This
leads to a full r-process in the s = 100 kB baryon�1 case.

Figure 2. A frame from the animation of the nucleosynthesis calculation for Ye = 0.01, s = 10 kB baryon�1, and ⌧ = 7.1ms. The frame
shows the full extent of the r-process just when free neutrons get exhausted. The plot in the upper left corner shows the temperature,
density, and heating rate as function of time. The colored bands in the chart of nuclides correspond to the mass bins in the histogram at
the bottom. The histogram shows the mass fractions on a linear scale while the blue curve shows the abundances as a function of mass on
a logarithmic scale. The full animations are available at http://stellarcollapse.org/lippunerroberts2015.

From Lippuner & Roberts 2015

Lanthanides and Heating Rates in Kilonovae 15
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Figure 8. The light curves and heating rates of some selected nucleosynthesis calculations. Left: Ye = 0.01, 0.19, 0.25, 0.50, s =
10 kB baryon�1, and ⌧ = 7.1ms. With Ye = 0.01 and Ye = 0.19 we obtain the full r-process and so the ejecta is lanthanide-rich,
which drastically increases the opacity, resulting in a dim transient that peaks about a week after the nucleosynthesis event. This is
in contrast to the Ye = 0.25 case, which has a very similar heating rate as the low-Ye cases, but does not produce lanthanides, and
thus the transient is brighter and peaks earlier. The Ye = 0.50 transient is also lanthanide-free and peaks at a few days, but because
a significant amount of stable nuclides are produced, the heating is much less, which leads to a dim transient. Right: Ye = 0.25,
s = 1.0, 3.2, 10, 100 kB baryon�1, and ⌧ = 7.1ms. As we saw in Figure 1, the s = 1.0 kB baryon�1 and s = 100 kB baryon�1 cases are
lanthanide-rich, while s = 3.2 kB baryon�1 and s = 10 kB baryon�1 are lanthanide-free, which is clearly visible in the light curves. Even
though s = 3.2 kB baryon�1 and s = 10 kB baryon�1 have essentially the same heating rate, the s = 3.2 kB baryon�1 case is significantly
dimmer because it has a small amount of lanthanides. The ejecta of a binary neutron star merger is expected to have entropies between 1
and 10 kB baryon�1 (e.g. Goriely et al. 2011; Just et al. 2015).

curve of the Ye = 0.50 case, which is due to the behavior
of the heating rate at early times. When determining
the actual peak of the light curve, we neglect all peaks
earlier than 0.5 days, unless they are more than three
times brighter than all peaks after 0.5 days. If there are
no peaks after 0.5 days, we pick the brightest peak that
is more than three times brighter than the latest peak
(which is also before 0.5 days).
The right panel of Figure 8 shows selected light curves

with Ye = 0.25 and various initial entropies. The cases
s = 1 kB baryon�1 and s = 100 kB baryon�1 produce
very typical lanthanide-rich light curves, whereas s =
10 kB baryon�1 produces a typical lanthanide-free light
curve, and s = 3.2 kB baryon�1 produces a light curve
that has trace amounts of lanthanides.
In the cases where we make lanthanides at lower Ye, we

expect the peak luminosity to increase and move to ear-
lier times at higher Ye when the ejecta transitions from
lanthanide-rich to lanthanide-free, because the large con-
tribution to the opacity from the lanthanides suddenly
goes away (Kasen et al. 2013; Tanaka & Hotokezaka
2013). This is shown in Figure 9. When lanthanides are
not produced, the transient generally becomes brighter,
shorter, and bluer. We recall from Figure 3 that the
heating rate at 1 day tends to decrease a little when lan-
thanides go away. Thus the peak luminosity Lp in the
lanthanide-free cases is larger not because there is more
heating in those cases, but because the peak occurs ear-
lier (due to the smaller opacity) and the heating rate is
always larger at earlier times than at later times.
Looking at the time tp of the light curve in Figure 9,

we see that the light curve peaks at about 6 days if the
ejecta is lanthanide-rich and at about 1 day if the ejecta
is lanthanide-free, which is consistent with earlier work
(e.g. Roberts et al. 2011; Barnes & Kasen 2013; Tanaka &

Hotokezaka 2013). At high Ye, where we see some oscil-
lations in the heating rate due to specific nuclides being
produced (as explained in Section 2.4), the variation in
the heating rate is reflected in the peak luminosity Lp
and the peak time tp. More heating results in a brighter
transient at later times because the heating keeps the
ejecta hotter, and thus the opacity remains high since
more excited levels are populated, which increases the
number of optically thick lines (Kasen et al. 2013). Con-
versely, less heating leads to a dimmer transient at earlier
times because the ejecta is cooler and thus the opacity
is lower. This variation is also reflected in the e↵ective
temperature Te↵ of the transient, but to a lesser degree.
In general, lanthanide-rich transients have Te↵ ⇠ 1600K,
which peaks at � ⇠ 1.8µm in the infrared H and K bands.
Lanthanide-free transients have Te↵ ⇠ 6000K (although
this is a bit lower at very high Ye where the radioactive
heating is reduced), which peaks at � ⇠ 480 nm in the
optical B band.
In Figure 9, we can also clearly see that neutron-

rich freeze-out produces very bright, very early, and
very ultraviolet transients. The cleanest examples are
s30⌧0.1 and s100⌧0.1. There the luminosity ranges from
2⇥1041 to 1042 erg s�1, the e↵ective temperature is about
7 ⇥ 104 K, which peaks at � ⇠ 40 nm (extreme ultravio-
let), and the peak occurs about an hour after the nucle-
osynthesis event. These results are very similar to what
Metzger et al. (2015) found, however, they found peak
e↵ective temperatures of ⇠ 104 K, because they used
higher opacities ( = 30 cm2 g�1) since their trajecto-
ries still contained a significant amount of lanthanides
and actinides (Metzger 2015). In our case, we do not
find significant amounts of lanthanides or actinides if
we obtain a strong neutron-rich freeze-out, and thus we
get a lower opacity, which raises the e↵ective temper-

Nucleosynthetic yields, opacities, and radioactive heating: 
the composition is the most important parameter



formed a hot accretion disk cooled by neutrinos (discussed
in Secs. III C–IV) and 0.04M⊙− 0.05M⊙ has left the grid
on highly eccentric bound trajectories, while the rest
(0.02M⊙–0.10M⊙) has accreted onto the black hole.
Extrapolating the remnant mass to lower spins indicates
that the neutron star will disrupt for χBH ≳ 0.55, as
predicted from simulations with simpler equations of state
[35].
At higher mass ratios, we generally find that a larger

amount of material is ejected. Our two simulations with
MNS ¼ 1.2M⊙ and MBH ¼ 7M⊙ find about the same
amount of material in the disk and bound tail as for the
q ¼ 5 cases (Mdisk ∼ 0.1M⊙, Mtail ∼ 0.05M⊙), but about
0.15M⊙ is ejected at speeds hvi ∼ 0.25c (see Fig. 5). The
closest results to compare to are again those of Hotokezaka
et al. [27], for the H4 equation of state, which has
a compactness CNS ¼ 0.147 for a mass MNS ¼ 1.35.
Hotokezaka et al. [27] find Mej ¼ 0.04M⊙–0.05M⊙ for
q ¼ 3 − 7 and χBH ¼ 0.75, and similar average velocities.
Even considering the different spins used and the expected
error bars, the more massive ejecta found here appear to be
an indication of a dependence of the ejected mass on the
internal structure of the neutron star: from our results, we
would predict Mej ∼ 0.13M⊙ for q ¼ 5.8 and χBH ¼ 0.75.
The difference with the results of Hotokezaka et al. [27] is
slightly out of the 60% relative error that we consider to be
a strict upper bound on the error in our measurement ofMej,
and which is most likely a significant overestimate of that
error. The most likely reason for an equation of state
dependence of the ejected mass at higher mass ratios is that
the disruption of the neutron star then occurs as the neutron
star is plunging into the black hole. The mass and properties
of the ejected material then depend not only on the
separation at which disruption occurs, but also on the
time-dependent response of the neutron star to the tidal
disruption. For the same reason, the properties of the
postmerger remnant also have a steeper dependence in

the mass and spin of the black hole for more massive
black holes.
As discussed in Sec. II D, for the simulations with

MBH ¼ 10M⊙ we can only resolve the disruption of the
neutron star and rapid accretion onto the black hole if we
use a very high resolution grid covering only a small area
around the black hole. This is due largely to qualitative
differences in the disruption process: the neutron star
disrupts as high-density material has already begun to
cross the apparent horizon, and the entire disruption and
tail formation process occurs within a distance of about
3MBH ∼ 45 km of the black hole center. All material
surviving the merger is on highly eccentric orbits, and
the tidal tail experiences strong tidal compression in the
directions in which the tidal field of the black hole causes
trajectories to converge. The tidal tail is reduced to a thin
stream of matter only a few kilometers wide. Not surpris-
ingly, in this regime the result of the merger is very
sensitive to the parameters of the binary: for example, a
small change in the spin of the black hole (e.g. δχBH ∼ 0.1,
as in our simulations) drastically changes the amount of
material which remains outside of the black hole after
disruption. Changes in the stiffness of the equation of state,
which affect the distribution of matter during disruption,
also become even more important than in the previously
discussed configurations (see Fig. 3 for a comparison with
a similar simulation with a Γ ¼ 2 equation of state).
Surprisingly, even in this case, the total amount of material
surviving disruption remains similar for both the Γ ¼ 2 and
LS220 equations of state. We can for example compare
simulation M14-10-S9 of this work, for which about
0.3M⊙ remains outside the black hole after merger, and
simulation R13i0 of Foucart et al. [55], with the same
black hole parameters and a similar neutron star radius,
RNS ¼ 13.3 km, in which 0.31M⊙ of material remains. But
more material is unbound during merger for the LS220
equation of state: Mej ≳ 0.1M⊙ here, while Mej ∼ 0.05M⊙
in Foucart et al. [55]. And the disk is initially less massive
here: half of the material promptly formed a disk in [55];
nearly all of the material is on highly eccentric orbits here.
The long term evolution of the disk will thus be more
significantly affected by the fall-back of tail material
than expected from the simulations with a Γ ¼ 2 equation
of state. Compared to the analytical prediction of [35],
there is an excess of material surviving the disruption,
which is what we usually find for high spin black holes
and high mass ratio. But the estimate that disruption
will only occur for χBH ≳ 0.65 (respectively χBH ≳ 0.75)
for MNS ¼ 1.4M⊙ (respectively 1.2M⊙) appears to be
accurate—although it is of course dangerous to draw such
a conclusion by extrapolating from only two simulations
with inaccurate estimates of the remnant mass.
All of the simulations presented here thus appear to have

postmerger remnants with large amounts of both bound and
unbound material, providing promising setups for potential

FIG. 5 (color online). Matter distribution during the disruption
of the neutron star for case M12-7-S8. About half of the remnant
material is unbound, while a relatively low mass hot disk forms.

FRANCOIS FOUCART et al. PHYSICAL REVIEW D 90, 024026 (2014)

024026-10

Neutron-Star Black-Hole
Merger Outflows

From Foucart+ 2014

• Tidal disruption of NS

• Ejects ~up to 10-1 M⊙

• Very neutron rich

• Crucially depends on 
RNS, MNS, MBH, and aBH
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Secular EjectaInterplay of disc wind and dynamical ejecta 399

Figure 8. Isosurfaces of passive scalars tracing material initially tagged as tidal tail (90 per cent mass fraction, green) and wind (disc+fallback) (5 and 95 per
cent mass fraction, blue and red, respectively) at time t = 10 s. Shown are the fiducial 3D model of dynamical ejecta evolution with disc wind injection from
the inner boundary (I3d, left) and a version that adds radioactive heating by the r-process (I3d-h, right). Most of the material shown is already in homologous
expansion, hence its geometry will not change at later times.

Figure 9. Electron fraction in the fiducial 3D model I3d at time t = 10 s. Shown are 2D slices normal to the x-axis (a) and normal to the z-axis (b). Compare
with Fig. 8.

The material in the tidal tail is significantly more neutron rich
than that in the disc wind, as is well known. Fig. 9 shows slices
of the electron fraction distribution normal to the x and z axes,
illustrating the spatial distribution of material that will give rise to
lanthanide-rich (Ye ! 0.25) and lanthanide-poor ejecta (Ye " 0.25;
see e.g. Kasen et al. 2014). Fig. 10 shows a mass histogram as a
function of electron fraction for models I3d and I3d-h, including all
material crossing a surface at r = 3 × 109 cm. The histograms are
bimodal, with clear contributions from the tidal tail at Ye ! 0.05,
and disc wind at Ye ∼ 0.25. At small amount of tidal tail material is
mixed with the wind, and has higher electron fraction.

Our method of injecting the wind from the inner radial boundary
works well as long as the disc does not enter the computational
domain. Once the disc enters, around t ∼ 1 s, there is a discrep-

ancy between the stresses at this boundary and those that would
be obtained in a self-consistent simulation. In particular, the use of
an outflow boundary condition whenever the radial velocity at the
boundary is negative leads on average to lower pressure support on
the section of the disc that has entered the domain.

The consequence of this discrepancy in stresses is a decrease in
the amount of mass ejected to large radius in models with wind
injection relative to a self-consistent simulation. Table 1 shows that
this discrepancy is a factor of ∼2, and is independent of whether
2D or 3D is employed (model I2d versus C2d) or whether neutrino
and viscous source terms are included in the self-consistent model
(models C2d versus C2d-src).

We can nevertheless still compare the bulk properties of the wind
at large radius between 3D models, using the 2D model with wind

MNRAS 449, 390–402 (2015)
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Diagnosing BH formation with kilonovae 3445

Fortunately, NSMs are also accompanied by coincident elec-
tromagnetic (EM) signals that inform physical processes at work
during the merger (e.g. Metzger & Berger 2012; Kelley, Mandel
& Ramirez-Ruiz 2013; Piran, Nakar & Rosswog 2013). One such
counterpart is a thermal IR/optical transient powered by the ra-
dioactive decay of heavy elements synthesized in the merger ejecta
(a ‘kilonova’; Li & Paczyński 1998; Metzger et al. 2010; Goriely,
Bauswein & Janka 2011; Roberts et al. 2011; Piran et al. 2013;
Grossman et al. 2014; Tanaka et al. 2014). Kilonovae are partic-
ularly promising EM counterparts because (1) their generation is
relatively robust, requiring only a modest amount of unbound ejecta;
(2) their signal is independent of the existence of a dense surround-
ing external medium; and (3) unlike a GRB, kilonovae are relatively
isotropic. A candidate kilonova was recently detected following the
GRB 130603B (Berger, Fong & Chornock 2013; Tanvir et al. 2013).

If the merger ejecta is sufficiently neutron-rich for r-process
nucleosynthesis to reach the Lanthanides (A ! 139), the optical
opacity becomes much higher than that of iron-group elements
(Kasen, Badnell & Barnes 2013), resulting in emission that is redder,
dimmer, and more slowly evolving (Barnes & Kasen 2013; Tanaka
& Hotokezaka 2013). Although such unusually red colours may be
beneficial in distinguishing NSM transients from unrelated astro-
physical sources, the current lack of sensitive wide-field infrared
telescopes could make EM follow-up across the large sky error re-
gions provided by Advanced LIGO/Virgo even more challenging
(e.g. Hanna, Mandel & Vousden 2014; Kasliwal & Nissanke 2013;
Metzger, Kaplan & Berger 2013; Nissanke, Kasliwal & Georgieva
2013).

The matter ejected dynamically following an NSM is likely to be
sufficiently neutron rich (as quantified by the electron fraction Ye "
0.3) to produce a red kilonova (e.g. Rosswog 2005; Duez et al. 2010;
Bauswein, Goriely & Janka 2013b). Dynamical expulsion is not the
only source of ejecta, however. A robust consequence of the merger
process is the formation of a remnant torus surrounding the central
HMNS. Outflows from this accretion disc over longer, viscous time-
scales also contribute to the merger ejecta (e.g. Metzger, Quataert &
Thompson 2008a; Surman et al. 2008; Dessart et al. 2009; Lee,
Ramirez-Ruiz & López-Cámara 2009; Metzger, Piro & Quataert
2008b; Wanajo & Janka 2012). The more isotropic geometry of
disc winds suggests that they may contribute a distinct component
to the kilonova light curve for most viewing angles (Barnes & Kasen
2013; Grossman et al. 2014).

Fernández & Metzger (2013a, hereafter FM13) calculated the
viscous evolution of remnant BH accretion discs formed in NSMs
using two-dimensional, time-dependent hydrodynamical simula-
tions. Over several viscous times, FM13 found that a frac-
tion ∼several per cent of the initial disc mass is ejected as a moder-
ately neutron-rich wind (Ye ∼ 0.2) powered by viscous heating and
nuclear recombination. Although the higher entropy of the outflow
as compared to the dynamical ejecta results in subtle differences
in composition (e.g. a small quantity of helium), the disc outflows
likely produce Lanthanide elements with sufficient abundance to
result in a similarly red kilonova as with the dynamical ejecta.

FM13 included the effects of self-irradiation by neutrinos on
the dynamics and composition of the disc. Due to the relatively
low accretion rate and radiative efficiency at the time of the peak
outflow, neutrino absorption had a sub-dominant contribution to the
disc evolution. This hierarchy is important because a large neutrino
flux tends to drive Ye to a value higher than that in the disc mid-
plane (e.g. Metzger et al. 2008a; Surman et al. 2008, 2014). If
neutrino irradiation is sufficient to drive Ye ! 0.3−0.4, the nuclear
composition of the disc outflows would be significantly altered,

Figure 1. Relation between the observed kilonova and the properties of the
ejecta that powers it. Material ejected dynamically in the equatorial plane
is highly neutron rich (Ye < 0.1), producing heavy r-process elements that
include Lanthanides. This results in emission that peaks in the near-infrared
and lasts for ∼1 week (‘late red bump’) due to the high opacity. Outflows
from the remnant disc are more isotropic and also contribute to the kilonova.
If the HMNS is long-lived, then neutrino irradiation can increase Ye to a
high enough value (Ye ∼ 0.4) that no Lanthanides are formed, resulting
in emission peaking at optical wavelengths (‘early blue bump’). If BH
formation is prompt, outflows from the disc remain neutron rich, and their
contribution is qualitatively similar to that of the dynamical ejecta.

resulting in a distinct additional component visible in the kilonova
emission.

By ignoring the influence of a central HMNS, FM13 implic-
itly assumed a scenario in which BH formation was prompt or the
HMNS lifetime very short. Here, we extend the study of FM13 to
include the effects of neutrino irradiation from a long-lived HMNS.
As we will show, the much larger neutrino luminosity of the HMNS
has a profound effect on the quantity and composition of the disc
outflows, allowing a direct imprint of the HMNS lifetime on the
kilonova (Fig. 1). As in FM13, our study includes many approxi-
mations that enable us to follow the secular evolution of the system.
We focus here on exploring the main differences introduced by the
presence of an HMNS, and leave more extensive parameter space
studies or realistic computations for future work.

The paper is organized as follows. In Section 2, we describe the
numerical model employed. Our results are presented in Section 3,
separated into dynamics of the outflow (Section 3.1) and composi-
tion (Section 3.2). A summary and discussion follows in Section 4.
Appendix A describes in more detail the upgrades to the neutrino
physics implementation relative to that of FM13.

2 N U M E R I C A L M O D E L

Our numerical model largely follows that described in FM13. Here,
we summarize the essential modifications needed to model the pres-
ence of an HMNS.

2.1 Equations and numerical method

We use FLASH3.2 (Dubey et al. 2009) to solve the time-dependent
hydrodynamic equations in two-dimensional, axisymmetric
spherical geometry. Source terms include the pseudo-Newtonian
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 at C
alifornia Institute of Technology on A

ugust 27, 2015
http://m

nras.oxfordjournals.org/
D

ow
nloaded from

 

From Fernandez+ 2015 From Metzger+ 2014

Late-time ejecta can in some cases dominate yields and have an 
impact on the EM signal. Need to be included in emission models.



Approximate neutrino transport

1. Different treatment for trapped and free-streaming components



Trapped component: leakage

• Use effective emissivities weighted with the optical depth

• Leaked trapped neutrinos become free-streaming



Free-streaming component: M0

1. Free-streaming neutrinos stream radially out

2. Assume    to be a Killing vector

3. Use effective grey emissivities and opacities (no scattering)

4. Solve equations fully-implicitly on a radial grid “ray-by-ray”

~t

~J = n⌫
~k r · ~J = Re↵

⌫ � e↵
a n⌫

~p⌫ · ~t = const



• Mostly grey

• Idealized geometry

• Simple microphysics 
(no scattering!)

• Computationally inexpensive

• Clear physical interpretation

• No “radiation shocks”

• Velocity dependent terms

• Some spectral effects
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Outflows

Record outflows at ~440 km

0 5 10 15 20
t � tmrg [ms]

10�4

10�3

10�2
M

[M
�
]

Cooling + Heating

DD2

LS220

SFHo

1.35M� + 1.35M�

DR+ in prep



Impact of Neutrino Radiation

• The tidal tail is also irradiated
• Strong r-process yields are robust;
• but non-equilibrium effects are crucial: need spectral transport
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Impact of Equation of State
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• Nuclear EOS affects composition and ejecta mass
• Relative abundances are robust
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Uncertainties: Ejecta Mass

Simulation Cooling Heating Ejecta Mass [Msun]

DR+ in prep x -   3.5 x 10-3

DR+ in prep x x   4.1 x 10-3

Palenzuela+ 2015 x -   3.2 x 10-3

Bauswein+ 2013 - -   4.8 x 10-3

Sekiguchi+ 2015 x - 10.0 x 10-3

Sekiguchi+ 2015 x x 11.0 x 10-3

Factor of ~3 uncertainty in the ejecta mass!



Uncertainties: Composition
6
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FIG. 5. Same as Fig. 4 but for simulations with and without
(denoted as no-heat) the neutrino heating for SFHo (red and
magenta (no-heat)) and DD2 (blue and light blue (no-heat)).

without the neutrino heating. This suggests that the
positron capture resulting from the strong shock heating
due to general relativistic gravity is primarily responsi-
ble for making the Ye distribution broad for DD2 and
SFHo. For much stiffer EOS like TM1, the neutrino
heating would play a relatively major role. Although
our treatment for the neutrino transfer is an approximate
one, our results indicate that the neutrino heating plays
an important role in determining the chemical properties
of the ejecta.

IV. SUMMARY AND DISCUSSION

We have reported the first numerical results of radia-
tion hydrodynamics simulations in general relativity fo-
cusing on the properties of the dynamical ejecta of the
equal-mass BNS merger with typical mass of each neu-
tron star (1.35M⊙). Three modern finite-temperature
EOS are employed to clarify the dependence of the ejecta
properties on the EOS. We found that the total mass
of the ejecta is larger for softer EOS (giving smaller-
radius neutron stars), and it exceeds 0.01M⊙ only for
the case that R1.35 ! 12 km, as indicated in [14]. As
shown in [10, 12], the electromagnetic luminosity of the
ejecta by the radioactive decay of the r-process elements
would depend sensitively on the ejecta mass, and hence,
the predicted range of the luminosity spans in a wide
range due to the uncertainty of the nuclear-matter EOS.

We also found that the averaged value of Ye of the
ejecta is higher for softer EOS like SFHo in which R1.35

is smaller, reflecting the fact that the shock heating is
more efficient. For all of the models, the value of Ye for
the ejecta has a broad distribution between ∼ 0.1 and
0.45, by contrast with the previous studies [15, 16]. Here,
both the strong shock associated with general relativistic
gravity and the weak interactions play crucial roles for
this. Such a broad distribution may be well-suited for
producing the universal [7] solar-abundance pattern of
r-process elements as illustrated in [17].
For the EOS but for SFHo, the dynamical ejecta mass

is of order 10−3M⊙. In this case, a rather higher merger
rate of " 10−4 yr−1 than the present estimates of the
Galactic rate (a few 10−5 yr−1) [35] is necessary to ex-
plain the amount of heavy r-process elements [36, 37], if
the the dynamical ejecta from binary neutron star merg-
ers is responsible for their production. In regards to this
point, SFHo is an attractive EOS. We will study conse-
quences of our results on the synthesis of heavy elements
in the forthcoming paper. If EOS is not very soft like
SFHo, some other contributions, such as mergers of black
hole-neutron star binaries [38], disk winds from accretion
torus around a merger remnant black hole [34, 39], and
magnetorotational supernova explosions [40] may be nec-
essary. In such cases, however, it is not clear whether the
universality requirement can be achieved or not.
In this work, we focused only on the equal-mass bi-

nary case and did not explore the dependence of the re-
sults on the binary parameters such as the total mass
and the mass ratio. As reported in [14], the relative im-
portance of the tidal interactions and the shock heating
in the dynamical mass ejection depends on the binary
parameters. It is interesting to explore the dependence
of the results on binary parameters for SFHo and the
resulting abundance profile in the future work, because
the observed abundance patterns of the metal-poor, r-
rich stars show some diversity in the lower mass-number
region [7]. Also, we did not continue our simulations be-
yond 30–40ms after the onset of merger. For the longer
time scales, magnetohydrodynamic processes [41], vis-
cous heating, and nuclear recombination [42] could be
important. Self-consistent studies of these effects in the
BNS merger also have to be done in the future.
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• Not yet a consensus on the exact composition 
• Quantitative differences for nucleosynthesis, opacities
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Conclusions



Conclusions

• Postmerger GWs: probing of extreme-density physics

• MHD turbulence effects: what is ℓmix?

• More work needed for fully-quantitative nucleosynthetic 
yield predictions: MHD turbulence, detailed microphysics


