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Outline

• Binary black hole spins and the field binary scenario 

• kilonova/macronova candidates and late-time radio



Binary black holes detected by LIGO

• 3 (4) events: the mass range of 7.5Msun to 36Msun. 

• The event rate is 103+110-63 /Gpc^3/yr. 

• The primary mass function is consistent with  
   the Salpeter, alpha = 2.3+1.3-1.4. 

• The spins are low: -0.12 < effective chi < 0.21

Abbott et al 2016, 2017

~0.1% ccSNe
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The effective spins of the LIGO events
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the gravitational constant, and c is the speed of light) is
large: χ ≥ χ∗(tH), where χ∗(tH) is the spin parameter
of a star in a binary that will merge in a Hubble time.
Therefore, χ∗(tH)/2 ! χeff ! 1/2 if only the secondary
has been synchronized. χ∗(tH) ! χeff ! 1 if both pro-
genitors have been synchronized.
We discuss first, in §2, the gravitational wave obser-

vations as well as observations of galactic X-ray binaries
containing BHs. In §3, following this chain of arguments,
we express the initial semi-major axis, a, in terms of the
the merger time, tc, and we estimate χ∗(tc). We express
the dimensionless BH spin χ in terms of the progenitor’s
parameters. In §5, using these estimates we calculate
the expected spin distribution in different scenarios and
compare it to the gravitational-wave observations.

2. OBSERVATIONS

Binary BH Mergers: Some basic observed properties
of the BBH merger events are summarized in Table I.
The most interesting ones for our purpose are the BHs’
masses, their χeff values and the final BH spin. This
latter quantity is defined as:

χeff ≡
m1χ1 +m2χ2

mtot
where χ1,2 ≡

cS⃗1,2 · L̂

Gm2
1,2

, (1)

and mtot = m1 + m2 and L̂ is a unit vector in the di-
rection of the system’s orbital angular momentum L⃗.
The limits on χeff are obtained from the observations
of the gravitational wave signals before the merger. The
lack of extended ringdown phases also puts limits on the
spins of the final BHs, af . The fact that those are of or-
der 0.6 − 0.7 and not close to unity is an independent
evidence that the initial aligned spins of the BHs were
not close to unity. Had the initial aligned spins been
large, the final spin of the merged BHs would have been
very close to unity and would have had a long ringdown
phase. Thus the final spin and the initial spins estimates
are consistent. Indeed, the final spin is slightly larger
(0.74+0.06

−0.06) for GW151226, the only case for which the
nominal value of χeff = 0.21+0.20

−0.10 is positive.
Fig. 1 describes the observed χeff distribution in terms

of the corresponding four Gaussians describing approx-
imately the χeff posterior distributions of the observed
events and the resulting combined spin distribution for
the whole sample.
Galactic BHs in X-ray binaries: Observations of X-

ray binaries involving BHs, albeit smaller mass ones,
can also shed some light on the problem at hand. In
particular observations of two such systems that include
massive (> 10m⊙) BHs, Cyg X-1 and GRS 1915+105,
provide a good evidence that these massive BHs formed
in situ, in a direct implosion and without a kick (Mirabel
2016). For example, Cyg X-1 moves at 9 ± 2 km/s rel-
ative to the stellar association Cygnus OB3, indicating
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Figure 1. The distribution of the observed spins. We
have approximated each observed distribution as a Gaus-
sian whose mean value and 90% confidence interval are the
same to the values shown in Abbott et al. (2016a, 2017) (see
Farr et al. 2017). Also shown is a combined distribution of
the four Gaussians.

that it could have lost at most 1 ± 0.3m⊙ at forma-
tion. Furthermore, the minuscule eccentricity of Cyg X-
1, 0.018 ± 0.0003, (Orosz et al. 2011) suggests that the
orbit has been circularized during the binary evolution
and the collapse didn’t give the system a significant kick
that disturbed the circular orbit. In addition, Mandel
(2016) shows that large natal kicks, > 80 km/s, are not
required to explain the observed positions of low-mass
X-ray binaries.
Estimates of the spins of the relevant BHs

(McClintock et al. 2014) suggest that in these two sys-
tems a/m > 0.95. Three other BHs, LMC X-1, M33 X-
7, and 4U 1543-47, whose masses are larger than 9m⊙,
have χ > 0.8. Only one BH with a mass > 9m⊙,
XTE J1550-564 has a significantly lower values (χ =
0.34+.20

−.28). It is important to note that these large spins
must be obtained at birth as accretion cannot spin up a
massive BH to such a high spin value.

3. MERGER TIME, ORBITAL SEPARATION AND
SYNCHRONIZATION.

Assuming circular orbits the merger time, due to grav-
itational radiation driven orbital decay, is:

tc ≈ 10 Gyr

(

2q2

1 + q

)(

a

44R⊙

)4 ( m2

30M⊙

)−3

, (2)

where q ≡ m2/m1. Note that we assume circular or-
bits here and elsewhere. This simplifying assumption is
based on the expectation that the orbit will be circu-
larized during the binary evolution and that it won’t be
affected by the collapse on the secondary. It is supported
by the observations of binaries containing massive BHs,
reported earlier (see §2).
Tidal forces exerted by the primary will tend to syn-

chronize the secondary. If fully synchronized the final

The approximated posterior distributions 

aligned anti-aligned 

KH & Piran 2017, Farr et al 2017



 Low BBH aligned spins

• The Sun (P ~ 26 days, v_surf ~ a few km/s):
�� ⇠ 0.2

• chi_eff < 0.1?

• Typical O stars (P ~  5 days, v_surf ~ 100 km/s):
� ⇠ 30

=> The spin of BBHs is significantly reduced or misaligned.

2 Hotokezaka & Piran

TABLE 1
Parameters of the BBH mergers detected during LIGO’s O1 and O2 Run

Event m1 [M�] m2 [M�] mtot [M�] �e↵ Rate [Gpc�3 yr�1]
GW150914 36.2+5.2

�3.8 29.1+3.7
�4.4 65.3+4.1

�3.4 �0.06+0.14
�0.14 3.4+8.6

�2.8

GW151226 14.2+8.3
�3.7 7.5+2.3

�2.3 21.8+5.9
�1.7 0.21+0.20

�0.10 37+92
�31

LVT151012 23+18
�6 13+4

�5 37+13
�4 0.0+0.3

�0.2 9.4+30.4
�8.7

GW170104 31.2+8.4
�6.0 19.4+5.3

�5.9 50.7+5.9
�5.0 �0.12+0.21

�0.30 –

The parameters are median values with 90% confidence intervals.
The values are taken from Abbott et al. (2016b, 2017d).

values. It is worthy noting that the aligned spin param-
eters measured by LIGO can be negative. Such negative
values are naturally expected in the dynamical capture
scenario (Rodriguez et al. 2016b).

The event rate of BBH mergers inferred by the LIGO’s
detections is similar to the rate of long Gamma-Ray
Bursts (LGRBs) after the beaming correction with a rea-
sonable value (Wanderman & Piran 2010). LGRBs are
produced during the core collapse of massive stars. They
are believed to form by a black hole surrounded by an
accretion disk (Woosley 1993) , which requires rapid rota-
tion of the progenitor. These facts motivate us to explore
the possibility that LGRBs are produced during the core
collapse of massive stars in close binaries which eventu-
ally evolve to merging BBHs. In fact, such scenarios in
which LGRBs arise from massive stars in close binaries
have been already discussed (e.g. Podsiadlowski et al.
2004; Detmers et al. 2008; Woosley & Heger 2012).

In this paper, we consider the spins of BBH mergers for
di↵erent types of progenitors and estimate the expected
spin distribution and its redshift distribution. We briefly
summarize the observed aligned spins of the BBH merg-
ers detected in LIGO’s O1 run in §2. We describe the spin
and tidal synchronization of the progenitors in §3 and §4
and discuss di↵erent stellar models in §5. The possi-
ble connection between the BBH merger progenitors and
LGRBs is discussed in §6. We show the spin distribution
and its redshift evolution for the case of WR progenitors
and Pop III progenitors in §7. We also discuss caveats of
the spin argument in §8. We conclude our results in §9.
In this paper, we use a ⇤CDM cosmology with h = 0.7,
⌦⇤ = 0.7, and ⌦M = 0.3.

2. LIGO’S O1 GW DETECTIONS

Mass function and Rate: The masses and event rates
of the three BBHs detected in LIGO’s O1 run are sum-
marized in Table 1. These event rates suggest that the
primary mass function of BBH mergers is dR/dm1 /

m

�↵
1 , where ↵ = 2.5+1.5

�1.6 (O1), ↵ = 2.3+1.3
�1.4 (O1+O2)

and m1 is the mass of the primaries. The total BBH
merger rate density is then 99+138

�70 Gpc�3 yr�1 (O1),

103+110
�63 Gpc�3 yr�1 (O1+O2) for ↵ = 2.35 and m1,min =

5M�, where this minimal mass is based on the observed
population of these mergers (Abbott et al. 2017d). This
choice is consistent with observations of Galactic black
holes (see, e.g, Özel et al. 2010; Farr et al. 2011). Note
that the total event rate is sensitive to the choice of
m1,min that is still uncertain. If we take the secondary
mass of GW151226, 7.5M�, as the minimal black hole
mass in BBH mergers, the total event rate decreases to

57 Gpc�3 yr�1.
This primary mass function is consistent with the

Salpeter initial mass function of local stars (Abbott et al.
2016b), suggesting that these BBHs may originate from
binary stellar objects. In addition, the event rate is simi-
lar to that of LGRBs, which are thought to be associated
with black hole formations. In §7 and §8, we will discuss
a scenario motivated by this similarity in which LGRBs
are produced at the core collapse of massive stars in bi-
nary systems that eventually evolve to BBH mergers.
Spin parameters: The spin angular momentum of the

merging BBHs can be inferred from the gravitational-
wave signals. The e↵ective spin parameter �e↵ is a mass-
weighted mean spin angular momentum of the two black
holes parallel to the orbital angular momentum:

�e↵ ⌘

m1

mtot
(~s1 · L̂) +

m2

mtot
(~s2 · L̂), (1)

where m2 is the secondary mass, mtot = m1+m2, ~s1 and
~s2 are the specific spin angular momenta of the primary
and secondary normalized by the speed of light c, grav-
itational constant G, and mass of each component, and
L̂ is the unit vector of the orbital angular momentum.
This is well constrained as compared with the individ-
ual component spins that are not. The measured values
are shown in Table 1. �1  �e↵  1, where the lower
limit arises when both black holes’ spins are maximal and
anti-aligned to the orbital axis and the upper limit when
both are maximal and aligned. If one of the black holes’
spins is maximal and aligned and the other one is not we
expect �e↵ ⇡ 0.5 for equal mass BBHs. The observed
values of �e↵ clearly exclude rapidly rotating synchro-
nized progenitors whose spin axis is parallel to the orbital
axis. As pointed out by Kushnir et al. (2016); Rodriguez
et al. (2016b), these measured e↵ective spin parameters
depend sensitively on the evolutional path of progenitors
of BBHs and provide important constraints on the ori-
gin of BBH mergers. We focus on the spin evolution of
the BBH progenitors in the rest of the paper. Note that
the error range of the observed �e↵ of GW151226 does
not exclude the possibility that the spin parameter of the
secondary is of order unity if the primary’s spin is much
smaller than unity.

3. BINARY BLACK HOLE PROGENITORS’ SPIN

A binary system with stellar masses m1 and m2 at a
semi-major axis a inspirals in due to gravitational-wave
radiation. The time until the coalescence, tc, is (Peters



Scenarios of the BBH formation
(1) Evolution of field binaries 

(2) Dynamical capture in stellar clusters 

(3) Formation in galactic nuclei 

(4) Primordial black holes

e.g. Belczynski et al 16, 17, van den Heuvel et al 17, Mandel & de Mink 16, 
Stevenson et al 17, Kinugawa et al 14

e.g. Rodorigez et al 2016, O’Leary et al 2016

e.g. Antonini & Rasio 2016, Bartos et al 2016, Stone et al 2016

e.g. Sasaki et al 2016, Bird et al 2016, Blinnilov et al 2016

Our focus

Aligned spin

Isotropic spin



Field binary evolution
Two�OB�main-sequence
stars

More�massive�star�(primary)
overfills�Roche�lobe.�Stable�or
unstable�nonconservative�mass
exchange

Helium-rich��star
with�OB-companion

Primary�explodes�as
core-collapse�SN�or�ECSN
and�becomes�a�neutron�star
or�black�hole

Secondary�is�close�to�Roche�lobe.
Accretion�of�stellar�wind�results
in�powerful�X-ray�emission

Helium�core�of�the�secondary
with�compact�companion�inside
mass-losing�common�envelope

T~1Myr,�N~1000
Red�(super)giant�with
neutron�star�or�black�hole
core�(Thorne-Zytkow�object)

T�~10�Gyr,��N~10
Single�neutron�star
or�black�hole

8

T~3�Myr,�N~10
4

T~10 yr,�N~30
4

T~2·10 yr,�N~500
5

T~10 yr,�N~100
4

T~10 yr,�N~30
4

T~2·10 yr,�N~50
He-�star�with�compact
companion�surrounded
by�an�expanding�envelope

4

Merger�of�components
with�a�burst�of�emission
of�gravitational�waves�and
gamma-ray,

E~10 erg,��~10 yr
53 -4 -1

T~10�Gyr,�N~10
Binary�relativistic
star

6

Supernova�explosion
disrupts�the�system.
Two�single�neutron
stars�or�black�holes

!10 yr
-2 -1

Secondary�explodes�as

a��supernova,�~10 yr
-2 -1

Figure 7: Evolutionary scenario for formation of neutron stars or black holes in close binaries. T
is typical time scale of an evolutionary stage, N is the estimated number of objects in the given
evolutionary stage.
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Stellar evolution approach

Bottom up approach

GW150914 
LVT151002 
GW151226 

and upcoming events



Spin distribution
BBH spins and progenitors 9
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Fig. 5.— The e↵ective spin distribution of BBH mergers at z = 0.1 for BBH formation history that follows the cosmic star formation
history (top panels) and the LGRB rate (bottom panels) with the double synchronized assumption. The distributions are calculated under
the assumptions that the initial spin angular momentum of the WR stars vanishes, i.e., xs,i = 0 (left) and the WR stars are initially tidally
synchronized, i.e., xs,i = 1 (right). We use two di↵erent delay-time distribution n = 1 and 2 with a minimal time delay of 10 Myr. We set
the mass ratio, q, to be unity and the total mass to be 60M�. The location of the peak at lower spins slightly shifts with changing the
masses. Also shown are the �e↵ values of the BBH mergers detected in the LIGO’s O1 and O2 Runs. Here we assume that the BBH spin
axes are aligned with the orbital axis.
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Fig. 6.— The same as Fig. 5 but for the single synchronization assumption.
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Figure 4. Distributions of χeff for a pair of M = 30 M⊙ BHs under
the assumption that the birth spins are negligible and that the
initial separation is uniform (green) or uniform in log-separation
(black) with a minimum separation given by the radius of the
star and and a maximum given by dmerge. χe f f (M1 +M2)/M2 is
constrained to be between zero and one in the scenario where
the primary BH has negligible spin. This range was divided into
30 equal size bins and the expected fraction of systems in each
bin is shown. The results for a pair of M = 10 M⊙ BHs are very
similar and not shown here. We also show the measurements from
the reported LIGO events. We take the measured χeff and mass
ratio q with their reported 90% credible intervals to compute the
allowed range for χeff(M1+M2)/M2. For simplicity we added both
errors in quadrature. The possible range of observed values for
χeff(M1 +M2)/M2 is indicated by red dots for each event. This
range is bounded by the case both BHs are maximally spinning
in the same direction.

Figure 4. We have normalized χeff by the predicted maxi-
mal value in this scenario – M2/(M1 +M2), achieved when
the secondary BH is maximally spinning but the primary
has negligible spin. The bimodal nature of the distribution
is readily apparent. Of course, the details of the distribu-
tion depend on the distribution of the initial separations,
the initial distribution of natal spins (assumed as negligible
in Figure 4), the mass ratio, spin-orbit alignment, wind ef-
ficiency, etc. But the robust conclusion is that the fraction
of systems with maximally spinning BH secondaries will be
similar to that with slowly spinning secondaries, leading to
two clear peaks in the χeff distribution.

Note that if the primary black hole is maximally spin-
ning while the secondary has negligible spin the value of
χeff/(M2/(M1+M2)) would be 1/q. If both BH have maxi-
mal spin we would have χeff/(M2/(M1+M2)) = (1+ q)/q, a
value we illustrate with red dots in figure 4.

Let us now discuss the published LIGO events
(Abbott et al. 2016) in the context of what we have derived
in the previous section.

GW150914 The first LIGO event was characterized by
M1/M⊙ = 36.2+5.2

−3.8 and M2/M⊙ = 29.1+3.7
−4.4. No spin in the

orbital-spin direction was detected, χeff = 0.06+0.14
−0.14. For this

system, dmerge ∼ 40 R⊙ and dτ ∼ 15 R⊙. If we take the lack
of spin to mean that the separation is larger than dτ we con-
clude that 15 R⊙ < d < 40 R⊙. The minimum separation also
implies a minimum tmerge > 1×108yrs, already reported in

(Kushnir et al. 2016a). The lack of spin also implies that the
WR descendent BH was not spinning fast at birth and that
the primary BH was not maximally spinning.

GW151226 The second LIGO event was characterized by
M1/M⊙ = 14.2+8.3

−3.7 and M2/M⊙ = 7.5+2.3
−2.3. In this case a spin in

the direction of the orbit was clearly detected χeff = 0.21+0.2
−0.1.

For this system dmerge ∼ 17 R⊙ and dτ ∼ 7 R⊙. If we assume
that the measured spin reflects the spin of the secondary BH
acquired as we have discussed, we can conclude that in this
case d < 7 R⊙ which would imply that tmerge < 2×108yrs. In
this case the secondary black hole would be maximally spin-
ning which would lead to a predicted χeff ∼ 7/(14+7)∼ 0.33,
which is consistent with the observed value. We have as-
sumed that the lowest mass BH is the secondary BH, oth-
erwise χeff ∼ 14/(14+7) ∼ 0.66 which is in tension with the
data. Indeed, as in GW150914, the primary BH cannot be
close to maximally spinning in this picture (modulo severe
spin-orbit mis-alignment).

LVT151012 This event is considered less significant so
less weight should be given to it, however we compute the
relevant scales for completeness. This system is character-
ized by M1/M⊙ = 23.2+18

−6 and M2/M⊙ = 13+4
−5 and, as in

GW150914, no spin was detected, χeff = 0.0+0.3
−0.2. For this

system dmerge ∼ 19 R⊙ and dτ ∼ 7 R⊙. These results are
consistent with having both BHs with negligible spin but
inconsistent with both BHs maximally spinning. They are
also inconsistent with a case where the heaviest black hole
is maximally spinning, although the data is marginally con-
sistent with the smallest mass black hole being maximally
spinning. At face value, if none of the BHs are maximally
spinning we infer for this system tmerge > 2×108yrs.

Other BH Spins In the isolated field binary scenario, we
have established that there is a sharp transition in orbital
separation such that for small separations the secondary
black hole is maximally spinning while otherwise it just re-
tains the memory of its initial spin (modified by the loss of
angular momentum due to the wind). This appears consis-
tent with the LIGO data so far assuming that the initial
spin of the WR star is small and if the primary black hole
is also not spinning rapidly. How do we reconcile these con-
clusions with the reported (high) spins of High-mass X-ray
Binaries (HMXBs), thought to be a snapshot of the pre-
merger phase of this scenario? Indeed, the HMXBs such as
Cyg X-1, LMC X-1 and M33 X-7 all have high and precisely
measured spins, however, there remains some uncertainty
in these measurements regarding the spin-orbit alignment
(McClintock et al. 2014). As we have shown, a primary BH
that is maximally spinning in the direction of the orbit is
clearly in contradiction with the first LIGO event where no
spin was detected.

The expectations of our simple model as well as the
existing measurements of spins in HMXBs make it very in-
teresting to use LIGO data to determine if the BH have
maximal spin. Existing data is already able to shed some
light on this question. As more data from LIGO becomes
available, our simple expectation about distribution of χeff
will be easily tested and thereby shed light on the formation
the channel for the sources of gravitational waves.

MNRAS 000, 1–?? (2017)
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Figure 1.M � �e↵ plane for di↵erent stellar metallicities and CE e�ciencies. Initial components’spins are randomly oriented relative to the orbital angular
momentum. The e↵ective core-envelope coupling time ⌧c = 5 ⇥ 105 years. Open circles with error bars show the observed BH-BH systems GW150914,
LTV151012, GW151226 (Abbott et al. 2016a), and GW170104 (Abbott et al. 2017), in order of decreasing chirp mass.

binary evolution, the spin misalignment can be also produced by
additional kick velocity during BH formation. The possibility of
BH generic kicks is actively debated in the literature; see, e.g., re-
cent discussion of potential constraining BH natal kicks from GW
observations in O’Shaughnessy et al. (2017); Zevin et al. (2017). In
the present study, no generic BH kick was assumed.

3.4 Tidal synchronization of the envelope rotation

During evolution of a binary system, we assumed that the rotation
of the stellar envelope gets tidally synchronized with the orbital
motion with the characteristic synchronization time tsync, and the
process of tidal synchronization was treated as in the BSE code (see
Hurley et al. (2002), Eqs. (11), (26), (35)). Due to misalignment of
the spin vectors of the stars with the binary orbital angular momen-
tum L̂ as discussed above, we separately treated the core-envelope
coupling for the spin components parallel and perpendicular to L̂.
On evolutionary stages prior to the compact remnant formation, for
each binary component we assumed that due to tidal interactions
the parallel component of the stellar envelope spin J|| gets synchro-

nized with the orbital motion on the characteristic time tsync, while
the normal spin component J? of the stellar envelope decreases due
to the tidal interaction in the binary system on the same character-
istic time scale tsync, which leads to the secular evolution of the
spin-orbit misalignment. The parallel component of the envelope
spin J|| also evolves due to the core-envelope interaction with the
characteristic time ⌧c. These processes were added to the updated
BSE population synthesis code.

4 RESULTS

With these additions to the BSE code, the population synthesis of
typically 1000000 binaries per run has been carried out for di↵er-
ent parameters of binary evolution (the common envelope stage ef-
ficiency ↵CE�, stellar metallicities etc.). We found that the initial
metallicity and rotational velocity of the components are mostly
a↵ect the distribution of the e↵ective spin and chirp mass of the
coalescing binary black holes.

MNRAS 000, 1–?? (2017)

Field binary scenarios generally predict a bimodal spin distribution.

K. Belczynski et al.: GW170104 and the origin of heavy, low-spin binary black holes via classical isolated binary evolution

Fig. 4. Left: Detector-frame distributions of BH-BH binary redshifted masses, Mtot,z, and mass ratios, q. Top panels: model M10 (previous
calculations), middle panels: model M20 (new, less conservative mass transfer), and bottom panels: model M26 (M20 with �1D = 70 km s�1

BH natal kicks). Right: Detector-frame distributions of BH-BH binary maximum e↵ective spins, �e↵,max (see Eq. 3), and mass ratios, q. We also
show the approximate 90% confidence intervals reported for the four LIGO events. Even though we are double conservative (by comparing upper
limits on e↵ective spins and by assuming unfavorable priors on observed �e↵ , see Appendix B) our classical isolated binary evolution models
are consistent with all the four LIGO detections. Note the color log-scale and the peak of events (red) with small maximum e↵ective spins
(�e↵,max . 0.1). All the plots are made in the detector frame, showing BH-BH mergers detectable with LIGO O1/O2 sensitivity. The quantities
marked with colors are: dRdet/dMtot,zdq (yr�1 M�1

� , left panels), and dRdet/d�e↵dq (yr�1, right panels).

random BH spin tilts so there is 50% chance of each BH spin
to be misaligned by more than 90 deg. However, high BH na-
tal kicks can significantly misalign at least firstly-formed BHs
to high tilt angles. In case of the first BH formation, orbits are
typically wide and it is easy to significantly change orbit orienta-

tion (Kalogera 2000; O’Shaughnessy et al. 2017) with respect to
BH spin and then precession can increase misalignment (Gerosa
et al. 2013). On the other hand, CE evolution and tidal interac-
tions between the first and the second BH formation (see Bel-
czynski et al. (2016b) for evolutionary sequences) can re-align
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Characteristic scales of BBH progenitors

semi-major axis: a
m1 m2



R⇤ > RRL

tc > Hubble time

Characteristic scales of BBH progenitors

a~45Rsun, for  
m1=m2=30Msun
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Fig. 1.— Mass - radius relations of di↵erent stellar models. The
diagonal (dotted, solid and short-dashed black) lines depict the
resulting black hole dimensionless spin for these masses and radii
assuming that the star is synchronized at a semi-major axis at
which the coalescence time is the Hubble time. Also shown as a
diagonal line is the stellar radius limited by the Roche limit. Stars
in the right side of this line cannot exist in a binary system whose
coalescence time is less than the Hubble time. The curves are
drown for a mass ratio, q, of unity. One can clearly see that most
models will result in � values much larger than unity.

suggests that, if they are formed via binary stellar evo-
lution, the number of the progenitors in the Galaxy is
⇠ 10 or less, where we use the number density of the
Milky-Way size galaxies of 0.01 Mpc�3 and a stellar life-
time of 1 Myr. With such a small number it is possible
and even likely that we have not identified these objects
in the Galaxy. It is interesting to note, in passing, that
Gaia might be able to identify these binaries.
Figure 1 depicts the mass - radius relation of the di↵er-

ent stellar models. Three diagonal lines depict the spin
parameters of these stars � = 0.1, 1, and 10 if they are
synchronized at the semi-major axis where the binary co-
alesce is the Hubble time. Also shown as a diagonal line
is the critical mass and radius where stars cannot exist
in binary systems of which the coalescence time is less
than the Hubble time, i.e., the radius exceeds the Roche
limit of such binaries (see Eq. 2). Figure 2 shows the
relation between the e↵ective spin parameters of di↵er-
ent stellar models with the observed values from Abbott
et al. (2016b). Here we assume the mass ratio q = 1
for the models and the single (double) synchronization
means that one of (both) the black holes in a BBH is
formed from a synchronized star.
The spin parameter of synchronized objects for a given

stellar model with a given coalescence time depends
rather weakly on the stellar mass. More specifically, the
spin parameter behaves as � / m

�0.225 for R / m

0.7,
which is a typical dependence of the radius of massive
stars on the masses. Thus the spin parameter reflects
the delay time between the formation and the coales-
cence irrespective of the BBH mass.
(i) Main-sequence stars: While we don’t expect a

main-sequence star to collapse directly to a black hole, we
begin with main-sequence binaries and show that these
are ruled out. Main sequence stars with masses & 10M�
can exist in a binary system with tc = 10 Gyr without
exceeding its Roche limit.

Massive main-sequence stars in close binaries with
tc . 10 Gyr are synchronized on timescales much shorter
than their lifetime (see Eq. 6, where we used stellar struc-
ture of main-sequence stars at the median point of their
lifetime; Tout et al. 1996; Hurley et al. 2000). Thus,
main-sequence stars are tidally synchronized. In fact,
Galactic O-star binaries with orbital periods . 10 days
are likely tidally synchronized (Ramı́rez-Agudelo et al.
2015). The spin parameter of such main-sequence stars
always exceeds unity. Therefore we can rule out the pos-
sibility that the BBHs detected in LIGO’s O1 run have
been formed directly from the collapse of main-sequence
stars.
If the BBHs formed via binary evolution beginning

with two main-sequence stars, then in order to reduce
the spin parameter significantly the progenitor binaries
must have experienced either a significant loss carrying
most of their spin angular momentum (more than 95%)
or a significant decrease in the semi-major axis during
their evolution. The former may occur due to a wind
or to mass transfer during the late phase and the latter
may occur during a common envelope phase. The natu-
ral outcomes of these processes are WR stars, which we
discuss later in this section and in the following ones.
This conclusion seems to be consistent with stellar and
binary evolution modeling (e.g. Belczynski et al. 2016).
(ii) Red supergiant stars are late massive stars with

a hydrogen envelope, in which the convection is deeply
developed. These stars are located around the Hayashi
line in HR diagrams, where the temperatures are around
3000 – 4000 K. Red supergiants have high luminosities
and cool e↵ective temperatures, suggesting that they
have large radii of 100 to 103R�. BBHs arising from
such wide binaries never merge within the Hubble time
so that we can robustly exclude the scenario that red
supergiants are the progenitors of merging BBHs just
before the core collpase.
(iii) Blue-supergiant stars are massive stars at their

late phase with a hydrogen radiative envelope (see, e.g.,
Langer et al. 1994; Meynet et al. 2011; Hirschi et al.
2004). Their radii can be 10 � 30R�, corresponding to
high e↵ective temperatures, and can be smaller than the
Roche limit of a binary with a coalescence time of 10 Gyr.
The spin parameter of blue supergiants is always much
larger than unity if they are synchronized. Therefore,
these stars are not likely the progenitors of LIGO’s O1
events. However, note that the synchronization time is
quite sensitive to the structure of the envelope and un-
certain. We will address this issue in a separate work.
(iv) WR stars are late phase massive stars without a

hydrogen envelope (see, e.g., Langer et al. 1994; Meynet
& Maeder 2003, 2005). Importantly, a few WR–black
hole binaries that likely evolve to merging BBHs are
known (see Prestwich et al. 2007; Silverman & Filip-
penko 2008 for IC10 X-1, Carpano et al. 2007; Crowther
et al. 2010 for NGC 300 X-1, Bulik et al. 2011 for the
inferred BBH merger rate, Liu et al. 2013 for M 101
ULX-1, and see also Esposito et al. 2015 for more can-
didates). Because of the lack of the hydrogen envelope,
the stellar radius is small. It is related to the mass as
R ⇡ R�(M/10M�)0.7 (Kushnir et al. 2016b). The spin
parameters of BBHs formed via synchronized WR stars
are shown in Fig. 4. For systems with tc ⇠ 10 Gyr, the
spin parameters can be as small as 0.1. These values

Roche unstable region 
of BBH merger progenitors

KH & Piran 17

tc<H-1
If they evolve to red supergiants, there must be common envelope 
phases. 



Tidal Synchronization

⌦
spin

= ⌦
orb
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BBH spins and progenitors 3

spin. A critical question is whether the star is synchro-
nized (tidally locked) with the orbital motion before the
collapse. We characterize this by a synchronization pa-
rameter xs, e.g., xs = 1 and 0 correspond to the case
that a star tidally synchronized with the orbital motion
and the case of a non-rotating star, respectively.
If the secondary is tidally locked when it collapses to a

black hole and there are no significant losses of mass and
angular momentum from the system during the collapse,
the spin of the secondary black hole is characterized by
the stellar mass, radius, and semi-major axis:

J2 = xsI2⌦orb = xs✏m2R
2
2

✓
Gmtot

a

3

◆1/2

. (3)

where ✏ characterizes the star’s moment of inertia I2 ⌘

✏m2R
2
2. Here and in the following, we consider rigidly

rotating stars. The spin parameter is then

�2⌘
J2

m2rg,2c
(4)

=xs✏

✓
R2

rg,2

◆1/2 ✓
R2

a

◆3/2 ✓
mtot

m2

◆1/2

⇡ xs

⇣
✏

0.075

⌘

⇥

✓
R2

4.7R�

◆2 ✓
a

44R�

◆�3/2 ✓
mtot

2m2

◆1/2 ✓
m2

30M�

◆�1/2

,

where rg,2 = Gm2/c
2. The normalizations of R2 and a

were chosen so that the spin parameter is unity for xs = 1
and the merger takes place on a 10 Gyr time scale.
The spin parameter can be directly related to the

merger time scale:

�2⇡xs q

1/4

✓
1 + q

2

◆1/8 ⇣
✏

0.075

⌘
(5)

⇥

✓
tc

10Gyr

◆�3/8 ✓
R2

4.7R�

◆2 ✓
m2

30M�

◆�13/8

.

4. SYNCHRONIZATION

In close binary systems, the tidal torque on the stars
forces them to reach an equilibrium state, where the stel-
lar rotation is synchronized with the orbital motion. The
synchronization timescale of a star with a radiative en-
velope and a convective core can be estimated as

tsyn⇡ 0.07 Myr q�2

✓
1 + q

2

◆�5/6 ⇣
✏

0.075

⌘✓
R

14R�

◆�7

⇥

✓
M

30M�

◆�1/2 ✓
a

44R�

◆17/2 ✓
E2

10�6

◆�1

, (6)

where E2 is a dimension-less quantity depending on the
stellar structure introduced by Zahn (1975). E2 is ⇠

10�7–10�4 for massive main sequence stars andWR stars
(Zahn 1975; Kushnir et al. 2016a). It may be smaller for
blue supergiants. For WR progenitors, Kushnir et al.
(2016b) derive an useful form of Eq. (6) as:

tsyn ⇡ 10Myr q�1/8

✓
1 + q

2q

◆31/24 ✓
tc

1Gyr

◆17/8

. (7)

We will use this form for WR progenitors in §7.

If the synchronization time is much shorter than other
timescales, e.g., the stellar lifetime and the wind angular-
momentum loss timescale, the star is synchronized with
the orbital motion, i.e., xs = 1. On the contrary, the
synchronization time is much longer than the others, the
stellar spin parameter decreases with time due to the
wind loss from the initial value.
If the synchronization timescale is comparable to the

stellar lifetime or the wind timescale, one needs to solve
the time evolution of the synchronization parameter.
Kushnir et al. (2016b) discuss the spin evolution of WR
stars in close binary systems taking into account the syn-
chronization, wind mass loss, and the stellar lifetime. We
basically use their formulas for the calculation of the fi-
nal spins of WR progenitors. Given an initial value xs,i
at the beginning of the WR phase, the time evolution of
the synchronization parameter is described as

dxs

d⌧

=
tw

tsyn
(1� xs)

8/3
� xs, (8)

where tw is the time scale of spin angular momentum loss
and ⌧ = t/tw. The solution approaches to an equilibrium
value, xs,eq, at late times:

tw

tsyn
(1� xs,eq)

8/3 = xs,eq. (9)

Note, however, that t cannot exceed the stellar lifetime
t⇤. The approximate solutions at t⇤ are summarized in
Kushnir et al. (2016b) for di↵erent parameter regions.
In the case that the timescale of the angular mo-

mentum loss due to the wind is longer than the stel-
lar lifetime, the synchronization parameter of a star
at the end of its lifetime, xs,f , can be estimated as
xs,f ⇡ max(1 � t⇤/tw, xs,eq) for the case that the
stars are initially tidally synchronized xs,i = 1, and
xs,f ⇡ min(tw/tsyn, xs,eq) for the case that the stars
are initially non-rotating xs,i = 0.
In order to estimate the synchronization parameter of

the WR stars at the end of their life in §7, we will use the
above solutions with the following parameters, the time
scale of the spin angular momentum loss due to the wind
tw = 1 Myr and the stellar lifetime tWR = 0.3 Myr. The
synchronization time is determined by Eq. (7). These
allow us to calculate the spin parameter of individual
black holes for a given mass, radius, and coalescence time
tc. A significant mass loss from a binary increases the
semi-major axis. However, the mass loss timescale is
⇠ 10tw(0.075/✏) because the spin angular momentum is
more e�ciently lost from the stellar surface for rigidly
rotating stars. With the parameters we consider here,
this e↵ect on the semi-major axis is negligible.

5. SYNCHRONIZATION FOR DIFFERENT
STELLAR MODELS

As the stellar radius and resulting black hole’s spin
are tightly connected, the spin measurements strongly
constrain the possible progenitors of the observed BBH
mergers. Population synthesis calculations considering
the stellar evolution and the binary interactions are of-
ten used to estimate the rate, mass, and spin distribution
of compact binary mergers and to discuss their progeni-
tors. Here we take a di↵erent approach focusing on the

Zahn 1975, 1977, Goldreich & Nicholson 89,  
Goodman & Dickson 98, Kushnir+16  

see Kushnir+16 for a discussion  
on BBH progenitors.
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tc > Hubble time
Main-sequence stars (R~10 Rsun)

Synchronized

�⇤ > 1
Stars have

Binary black holes formed directly from massive main-
sequence stars should have a spin parameter ~1. 

But the LIGO events have low spins.  
=> This scenario is ruled out.



R⇤ > RRL

tc > Hubble time
Wolf-Rayet stars (R~2Rsun)

Synchronized

0 < �⇤ < a few

He burning without H envelope



BBH spin distribution

Semi-Major axis a

dN/dln a

Spin parameter χ

dN/dlnχ

χ(tH) χ=1

For example, 
• BBH formation is constant with time. 
• The semi-major axis distribution is flat. 
• Wolf-Rayet progenitors (initially non-spin).
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Stellar spins

tc < tHsynchronized



BBH spin distribution

Spin parameter χ

dN/dlnχ

χ(tH) χ=1

For example, 
• BBH formation is constant with time. 
• The semi-major axis distribution is flat. 
• Wolf-Rayet progenitors  (initially non-spin).
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BBH mergers
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tc < tHsynchronized



Spin distribution of BBH mergers
Two peaks in the spin distribution

Zaldarriaga et al 2017 also get a similar bimodal distribution. 

z=0

Contribution of 
BBHs with short t_c

Contribution of 
The BBH formation peak
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Fig. 5.— The e↵ective spin distribution of BBH mergers at z = 0.1 for BBH formation history that follows the cosmic star formation
history (top panels) and the LGRB rate (bottom panels) with the double synchronized assumption. The distributions are calculated under
the assumptions that the initial spin angular momentum of the WR stars vanishes, i.e., xs,i = 0 (left) and the WR stars are initially tidally
synchronized, i.e., xs,i = 1 (right). We use two di↵erent delay-time distribution n = 1 and 2 with a minimal time delay of 10 Myr. We set
the mass ratio, q, to be unity and the total mass to be 60M�. The location of the peak at lower spins slightly shifts with changing the
masses. Also shown are the �e↵ values of the BBH mergers detected in the LIGO’s O1 and O2 Runs. Here we assume that the BBH spin
axes are aligned with the orbital axis.
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Fig. 6.— The same as Fig. 5 but for the single synchronization assumption.



Basic parameters of Wolf-Rayet Model

• The spin angular momentum loss time scale due to winds:

twind ⌘ Jspin

J̇spin

• The minimum coalescence time:

tc,min > 1 Myr

The formation history of binary black holes: 
    (1)  cosmic star formation rate (SFR), 
    (2)  Long Gamma-Ray Burst (LGRB), 
    (3)  constant with redshift.

• The initial spin of Wolf-Rayet stars:
(1) synchronized or (2) zero spin.



4

 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tc,min=10Myr, tw=0.3Myr

O1 and O2
xi=0, double
xi=1, double
xi=0, single
xi=1, single

Low Iso
 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tc,min=10Myr

O1 and O2
tw=0.1Myr
tw=0.3Myr

tw=1Myr
Low Iso

 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tw=0.3Myr

O1 and O2
tc,min=100Myr

tc,min=10Myr
tc,min=1Myr

Low Iso
 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tc,min=10Myr, tw=0.3Myr

O1 and O2
LGRB

SFR
Const

Low Iso

 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tc,min=100Myr, tw=0.1Myr, xi=0

O1 and O2
SFR

LGRB
Const

Low Iso
 0

 0.2

 0.4

 0.6

 0.8

 1

-0.4 -0.2  0  0.2  0.4  0.6  0.8  1

Cu
m

ul
at

ive
 fr

ac
tio

n

χeff

tc,min=100Myr, LGRB, xi=1

O1 and O2
0.1Myr
0.3Myr

1Myr
Low Iso

Figure 2. The cumulative χeff distribution for the O1 and O2 observing runs and for the WR binary scenario with different
parameters. For the fiducial model (a blue solid line in the four upper panels), the BBH formation history follows the cosmic
SFR, the two stars are synchronized at the beginning of the WR phase, the merger delay-time distribution is ∝ t−1 with a
minimal time delay of tc,min = 10 Myr and the wind timescale is twind = 0.3Myr. We set the mass ratio, q = 1, andmtot = 60M⊙

for all the model. Also shown as a black dashed curve is the low-isotropic spin model in Farr et al. (2017). The two bottom
panels show models that deviate strongly from this fiducial choice (e.g. tc,min = 100 Myr). In the left bottom panel the WR
stars are not synchronized initially (χi = 0) and with the strong wind and long merger time delay distributions that follow the
SFR or LGRB rates produce very narrow low χeff distributions. A constant formation rate gives here a better fit to the data.
In the right bottom panel the stars are initially synchronized with a very strong wind and the long delay time the distribution
is consistent with the observations.

Even regular main sequence stars would lead to pro-
genitors’ spin values that are much larger than unity.
The only possible candidates are Pop III stars, that
have in fact been predicted to produce massive BBHs
(Kinugawa et al. 2014) and WR stars, stripped massive
stars that have lost their H and He envelopes. As men-
tioned earlier, the observed spin values are low even for
those. The “tension” appeared already in the first de-
tection of GW150914 and it was intensified with the
additional observations and in particular with the ob-
servation of GW170104.
To clarify this issue we turn now to compare these re-

sults with predictions from a χeff distribution of BBHs
(see Zaldarriaga et al. 2017; Hotokezaka & Piran 2017).
Here we focus on WR stars. To form massive BHs

evolutionary scenarios require low metallicity progeni-
tors (otherwise the mass loss would be very significant).
Long GRBs (LGRBs) are known to arise preferably in
low metallicity hosts2. Therefore we use the redshift dis-
tribution of long GRB rate (Wanderman & Piran 2010)
to estimate the rate of formation of BBH progenitors.
We also consider BBH formation rates that follow the
cosmic star formation rate (SFR, Madau & Dickinson
2014) and a constant BBH formation rate. The result-
ing distribution of the SFR model is not very different

2 From a theoretical point of view it has been suggested that
strong winds that arise in higher metallicity progenitors will pre-
vent fast rotation which is probably needed to produce a LGRB.

Low isotropic 
 spin (Farr+17)

Cumulative distribution of chi effective 
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Figure 2. The cumulative χeff distribution for the O1 and O2 observing runs and for the WR binary scenario with different
parameters. For the fiducial model (a blue solid line in the four upper panels), the BBH formation history follows the cosmic
SFR, the two stars are synchronized at the beginning of the WR phase, the merger delay-time distribution is ∝ t−1 with a
minimal time delay of tc,min = 10 Myr and the wind timescale is twind = 0.3Myr. We set the mass ratio, q = 1, andmtot = 60M⊙

for all the model. Also shown as a black dashed curve is the low-isotropic spin model in Farr et al. (2017). The two bottom
panels show models that deviate strongly from this fiducial choice (e.g. tc,min = 100 Myr). In the left bottom panel the WR
stars are not synchronized initially (χi = 0) and with the strong wind and long merger time delay distributions that follow the
SFR or LGRB rates produce very narrow low χeff distributions. A constant formation rate gives here a better fit to the data.
In the right bottom panel the stars are initially synchronized with a very strong wind and the long delay time the distribution
is consistent with the observations.

Even regular main sequence stars would lead to pro-
genitors’ spin values that are much larger than unity.
The only possible candidates are Pop III stars, that
have in fact been predicted to produce massive BBHs
(Kinugawa et al. 2014) and WR stars, stripped massive
stars that have lost their H and He envelopes. As men-
tioned earlier, the observed spin values are low even for
those. The “tension” appeared already in the first de-
tection of GW150914 and it was intensified with the
additional observations and in particular with the ob-
servation of GW170104.
To clarify this issue we turn now to compare these re-

sults with predictions from a χeff distribution of BBHs
(see Zaldarriaga et al. 2017; Hotokezaka & Piran 2017).
Here we focus on WR stars. To form massive BHs

evolutionary scenarios require low metallicity progeni-
tors (otherwise the mass loss would be very significant).
Long GRBs (LGRBs) are known to arise preferably in
low metallicity hosts2. Therefore we use the redshift dis-
tribution of long GRB rate (Wanderman & Piran 2010)
to estimate the rate of formation of BBH progenitors.
We also consider BBH formation rates that follow the
cosmic star formation rate (SFR, Madau & Dickinson
2014) and a constant BBH formation rate. The result-
ing distribution of the SFR model is not very different

2 From a theoretical point of view it has been suggested that
strong winds that arise in higher metallicity progenitors will pre-
vent fast rotation which is probably needed to produce a LGRB.

A longer minimal delay time 100Myr

Low isotropic 
 spin (Farr+17)
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Figure 2. The cumulative χeff distribution for the O1 and O2 observing runs and for the WR binary scenario with different
parameters. For the fiducial model (a blue solid line in the four upper panels), the BBH formation history follows the cosmic
SFR, the two stars are synchronized at the beginning of the WR phase, the merger delay-time distribution is ∝ t−1 with a
minimal time delay of tc,min = 10 Myr and the wind timescale is twind = 0.3Myr. We set the mass ratio, q = 1, andmtot = 60M⊙

for all the model. Also shown as a black dashed curve is the low-isotropic spin model in Farr et al. (2017). The two bottom
panels show models that deviate strongly from this fiducial choice (e.g. tc,min = 100 Myr). In the left bottom panel the WR
stars are not synchronized initially (χi = 0) and with the strong wind and long merger time delay distributions that follow the
SFR or LGRB rates produce very narrow low χeff distributions. A constant formation rate gives here a better fit to the data.
In the right bottom panel the stars are initially synchronized with a very strong wind and the long delay time the distribution
is consistent with the observations.

Even regular main sequence stars would lead to pro-
genitors’ spin values that are much larger than unity.
The only possible candidates are Pop III stars, that
have in fact been predicted to produce massive BBHs
(Kinugawa et al. 2014) and WR stars, stripped massive
stars that have lost their H and He envelopes. As men-
tioned earlier, the observed spin values are low even for
those. The “tension” appeared already in the first de-
tection of GW150914 and it was intensified with the
additional observations and in particular with the ob-
servation of GW170104.
To clarify this issue we turn now to compare these re-

sults with predictions from a χeff distribution of BBHs
(see Zaldarriaga et al. 2017; Hotokezaka & Piran 2017).
Here we focus on WR stars. To form massive BHs

evolutionary scenarios require low metallicity progeni-
tors (otherwise the mass loss would be very significant).
Long GRBs (LGRBs) are known to arise preferably in
low metallicity hosts2. Therefore we use the redshift dis-
tribution of long GRB rate (Wanderman & Piran 2010)
to estimate the rate of formation of BBH progenitors.
We also consider BBH formation rates that follow the
cosmic star formation rate (SFR, Madau & Dickinson
2014) and a constant BBH formation rate. The result-
ing distribution of the SFR model is not very different

2 From a theoretical point of view it has been suggested that
strong winds that arise in higher metallicity progenitors will pre-
vent fast rotation which is probably needed to produce a LGRB.

Low isotropic 
 spin (Farr+17)



Summary 1
• Wolf-Rayet stars formed around the cosmic star formation peak can 

be consistent with the observed low aligned spin BBHs. 

• But the low-isotropic spin model is more preferred. 

• Prediction: a non-negligible fraction of BBH mergers have chi ~ 1, 

• Low spins of BBH mergers are not good news for BH-NS mergers. 

• GW151226, The secondary spin can be maximal, if the primary has zero 
spin. 

    => if neutron star and such a black hole merge, we expect large mass   
ejection. 

Discussion



Outline

• Binary black hole spins and the field binary scenario 

• kilonova/macronova candidates and late-time radio
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 The first Macronova candidate: after short GRB 130603B
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FIG. 1. The optical observations of sGRB 050709
(a) and a comparison of the data with a theoreti-
cal macronova light curve (b). (a): The fits to the R-
band emission (green dashed line) and to the I-band observa-
tions from the VLT I-band data as well as the first two HST
F814W-band data points (red dash-dotted line) yield the de-
clines of t−1.63±0.16 and t−1.12±0.09, respectively. The dotted
lines represent the “suggested”-afterglow emission lightcurves
of the GRB outflow after the jet break (i.e., t−2.5 for the
energy distribution index of the shock-accelerated electrons
p ∼ 2.5). (b): Shown are the residuals of the optical emis-
sion after the subtraction of a suggested fast-declining forward
shock afterglow after t = 1.4 days (dotted lines in the upper
panel). The simulated I/R/V -band macronova light curves
[17] are for the ejecta from a black hole−neutron star merger,
corresponding to an ejection mass of Mej ∼ 0.05 M⊙ and a
velocity of Vej ∼ 0.2c. An uncertainty of ∼ 0.75 mag (the
shaded region) has been adopted following Hotokezaka et al
[32]. (c): The SED of the macronova signal of sGRB 050709
measured by VLT on July 12, 2005 compared with a possi-
ble Iron line-like spectral structure adopted from Kasen et
al. [13]. Note that all errors are 1σ statistical errors and the
upper limits are at the 3σ confidence level.
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FIG. 2: Absolute Vega magnitudes versus rest frame time of the macronova candidates in sGRB 050709, long-short GRB
060614 [20] and sGRB 130603B [18]. The red dashed line is the same as the dynamical ejecta macronova model I-band
emission presented in Fig.1 (the green dashed line represents the H-band emission) while the red solid line is the disk-wind
ejecta macronova model I-band emission light curve for Mej = 0.03 M⊙ and Vej = 0.07c (the green dotted line represents the
H-band emission).

Table 1. Physical properties of GRBs/macronovae/afterglows with known redshifts.
GRB 050709a GRB 060614b GRB 130603Bc

Eγ,iso (1051 erg) 0.069 2.5 2.1
z 0.16 0.125 0.356
Durationd (s) 0.5 (+130) 5 (+97) 0.18
Classification sGRB + extended X-rays long-short GRB sGRB
Identifying macronova in I/F814W in I/F814W in F160W
Macronova peak luminosity ∼ 1041 erg s−1 (I) ∼ 1041 erg s−1 (I) ∼ 1041 erg s−1 (F160W)
Mej ∼ 0.05 M⊙ ∼ 0.1 M⊙ ∼ 0.03 M⊙
RMN/X ∼ 1 ∼ 0.1 ∼ 0.6

Note: a. Villasenor et al.[22] and this work; b. Gehrels et al. [44], Yang et al. [21] and Jin et al. [20]; c. Tanvir et al. [18],
Berger [19] and Hotokezaka et al. [27]; d. The durations include that of the hard spike and the “extended emission” (in the
bracket); e. RMN/X denotes the ratio between the macronova “peak” luminosity and the simultaneous X-ray luminosity. The
Mej is estimated from the dynamical ejecta model and the value can change by a factor of a few due to uncertainties in the

opacity, nuclear heating, and ejecta morphology.

different Mej and Vej, or merger types, or different observations angles in different events.
Within this context it is interesting to mention also GRB 080503. It is not in our sample as its redshift is unknown

[41]. Though no I-band/F814W-band or redder emission had been measured (see Fig.3, where the upper limits on
the infrared luminosity are for a redshift z ∼ 0.25, as assumed/adopted in Kasen et al. [42]), in optical bands the
afterglow were detected in the time interval of ∼ 1.08 − 5.36 days after the GRB trigger. Hence the emission is
quite blue, which is at odds with the dynamical ejecta macronova model but may be consistent with the disk-wind
macronova model [42]. The potential challenge for this model is the non-identification of a nearby host galaxy as close
as z ∼ 0.25 in the deep HST/WFPC2 observation data of GRB 080503 [41].
It is interesting to compare now the observed features of this three macronova candidates. As far as the prompt

emission is concerned, GRB 050709, a short burst with extended soft X-ray emission, bridges the gap between the
canonical sGRB 130603B and the long-short lsGRB 060614 (see Table 1). The isotropic-equivalent prompt emission
energy Eγ,iso of sGRB 050709 is about 30 times smaller than that of lsGRB 060614 and sGRB 130603B, while the
macronova emission of sGRB 050709 is similar to that of lsGRB 060614 (see Fig.2). The high energy transients

1041 erg/s

1040 erg/s

Three macronova candidates after nearby short GRBs

• Peak luminosity ~ 10^41 erg/s. 
• The I-band light curves of 050709 and 060614 are very similar. 
• Required a lot of ejecta mass ~ 0.05Msun if kilonova.

130603B (H-band)

050709  
(I-band)

060614 
(I-band)

Jin, KH + 16, 
see also Tanvir+13, Berger+13, Yang+15
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Figure 1. Energy generation rate in each type of particles (left) and its fraction to the total one (right) for NSM-solar (90 6 A 6 238),
NSM-fission (90 6 A 6 280), and NSM-wind (90 6 A 6 140) from the top to the bottom. Each curve shows the total rate (black long-
dashed), those in the forms of �-rays (red solid), neutrino (green dashed), electrons (blue dotted), fission fragments (violet dash-dotted),
and ↵ particles (magenta dash-two dotted).

Brennecka et al. 2010) and 244Pu is found in the Earth’s
material at present (Wallner et al. 2015). Furthermore, nu-
cleosynthesis studies of merger ejecta show that very heavy
nuclei up to mass numbers of ⇠ 280 exist at the r-process
freezeout (see, e.g., Goriely et al. 2013; Eichler et al. 2015).
The spontaneous fission of such very heavy nuclei is also
suggested to a↵ect the heating rate (Metzger et al. 2010;
Wanajo et al. 2014). In this work, we study three cases:
r-process nuclear distributions of (i) NSM (Neutron Star
Merger)-solar: 90 6 A 6 238 (fiducial), (ii) NSM-fission:
90 6 A 6 280, and (iii) NSM-wind: 90 6 A 6 140. The last
case, NSM-wind corresponds to the conditions within a pos-

sible lanthanide-free composition (from the wind, see below).
For NSM-fission, we add transuranic nuclei by assuming a
constant Y

A

of 3.6 · 10�4 for 206 6 A 6 280. This value is
taken so that the solar abundance of 209Bi is reproduced af-
ter nuclear decay. Note that the bulk of 206,207,208Pb, 209Bi,
232Th, and 235,238U are the (↵ and �) decayed products of
actinides with 209 < A < 254. The reaction network in-
cludes the channels for (�-delayed and spontaneous) fission
and ↵-decay in addition to �-decay for this mass region.

To study the heating e�ciencies and resulting �-ray line
fluxes, one needs to specify the ejecta properties, e.g., the
mass M

ej

and expansion velocity v. In this work, we con-

c� 2015 RAS, MNRAS 000, 1–??

Energy partition to different products
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Figure 12. Thermalization e�ciencies for oblate ejecta with as-
pect ratio a = 4, compared to the standard spherical geometry, for
the fiducial mass and velocity and radial magnetic fields. Ther-
malization increases with increasing asymmetry. We found similar
increases for random and toroidal fields.

geometry, the density is a function of ṽ, where

ṽ = v
p
a�2/3 sin2 ✓ + a4/3 cos2 ✓

is chosen so that isodensity contours are oblate spheroids
of aspect ratio a.

Figure 12 compares the f(t) for the oblate and spheri-
cal cases, and shows that massive particle thermalization
increases with increasing asphericity. For an aspect ratio
a = 4, the f(t) for ↵’s, �’s, and fission fragments increase
by a factor of ⇠ 1.5 relative to spherical ejecta. Gamma-
ray thermalization is higher for the oblate geometry, but
only slightly. The higher f(t) are due to the higher den-
sity of the oblate ejecta, which more than compensates
for the increased ease of escape in directions perpendic-
ular to the equatorial plane. Figure 12 shows f(t) only
for radial magnetic fields, but we found similar increases
for random and toroidal fields.

5.2. Total heating e�ciency

To study the net heating e�ciency, we convolve f(t)
for each decay product with the fraction that particle
contributes to the total energy generation. The bottom
panel of Figure 13 shows how the r -process decay

energy is divided among di↵erent particles, while the
top panel shows the energy thermalized by each parti-
cle type, as a fraction of the total energy emitted across
all decay channels. The f(t) represented in Figure 13
are for a fiducial ejecta model with moderately tangled
(� = 0.25) magnetic fields. The total thermalization ef-
ficiency, which is simply a sum over particle types, is
plotted in black. While �’s, ↵’s, �’s, and fission frag-
ments all have f(t) ⇡ 1 at very early times, the initial
total thermalization e�ciency is less than one because a
significant fraction of the �-decay energy is lost to neu-
trinos.

The net thermalization e�ciency, in this model, drops
below 0.5 by t = 1 day, and below 0.1 by t ⇠ 10 days.
While �-particles and �-rays dominate the energy pro-
duction at all times, �-rays thermalize ine�ciently, and
supply very little heating after t ⇠ 1 day. While ↵-decay

Figure 13. Bottom panel: The fractional energy generation asso-
ciated with each type of particle, from r -process simulations using
the FRDM mass model. The division of �-decay energy among
�-particles, �-rays, and neutrinos was calculated for our represen-
tative SPH trajectory with Y

e,0 = 0.04. Top panel: The fractions
from the bottom panel, convolved with f(t) for each particle, for
the fiducial model with random magnetic fields. The total ther-
malization e�ciency, f

tot

, plotted as a dashed black line, is the
sum of the particle-specific curves. Beta- and ↵-particles supply
most of the thermalized energy.

produces less than ⇠ 10% percent of the total energy, the
↵-particles thermalize fairly e�ciently, and so contribute
a significant fraction of the total thermalized energy.

The total heating e�ciency has the expected depen-
dence on the ejecta parameters: greater masses and lower
velocities lead to higher f

tot

(t), as shown in Figure 14.
Thermalization for the low-mass and high-velocity mod-
els falls below 0.5 within a few days, and below 0.2 by
5� 7 days. The high-mass and low-velocity models ther-
malize much more e�ciently, sustaining f

tot

(t) > 0.5 out
to t . 1 week, and not falling below f

tot

(t) = 0.2 until
t ⇠ 15 � 20 days. There is also variation within each
model (up to a factor of ⇠ 2) due to uncertainties in the
magnetic field.

5.2.1. Dependence on nuclear physics

The radioactive energy generation—and therefore the
thermalization—depends on r -process yields, which in
turn are sensitive to variations in nuclear physics mod-
els and astrophysical conditions. To explore this e↵ect,
we consider r -process yields computed for di↵erent mass
models, and for di↵erent initial Y

e

of the ejected matter.
The yields di↵er primarily in the amount of translead

nuclei synthesized relative to lighter r -process elements.
Mendoza-Temis et al. (2015) have shown that the pro-
duction of translead nuclei is sensitive to nuclear physics
inputs, in particular to neutron separation energies near
N = 130. As discussed in §2.3, the production of
translead nuclei also depends on initial electron fraction,

Thermalization (Barnes + 16)

At late times (t >~ 5 days), 
• alpha decay and spontaneous fission potentially produce significant heats. 
• Big questions are how much such nuclei are produced, 
                                what we can do for nuclides without experimental data.

Oleg Meng-Ru, Marius’s Talk



Synchrotron Radio Flare from expanding ejecta

tpeak ⇡ 80 day E1/3
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High velocity ejecta colliding with the ISM 
=> particle acceleration=> Synchrotron Radiation 
     + B amplification

⌫m ⇡ 1 GHz n1/2✏1/2B,�1✏
2
e,�1�
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p=2.5

• The strong dependence on the ejecta velocity. 
=> Fast components are very important. 
• The peak flux and frequency also depend on  n*e_b.

Nakar & Piran 11



Limits on radio remnants
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Fig. 2.— Predicted radio light curves in the magnetar scenario when both relativistic effects and synchrotron self-absorption are
included. The light curves are calculated assuming kinetic energy of Ek = 3 × 1052 erg and a range of ISM densities (see legend). Solid
triangles represent the late-time radio observations (see § 2).

tions from spherical symmetry, that are expected, would
reduce somewhat the signal and delay the peak time
(Margalit & Piran, 2015). However this amounts only
to about 10% difference in peak luminosity and a factor
of∼ 2 in peak time. We cannot rule out a magnetar with
a large mass ejection (> 0.1M⊙), in low density envi-
ronment, by the absence of radio emission. The velocity
of this large ejecta mass will be non-relativistic and is
expected to produce weak emission below our detection
limits (Figure 2). Other cases where the radio emis-
sion can be highly suppressed is an even more extreme
case, where a minute amount of energy is converted in
the shock to magnetic fields, i.e., ϵB ≪ 0.001. Atypical
high ISM density will also lead to a suppression of the
radio signal as the optical depth will increase.

5. SUMMARY

Compact binary mergers are expected to be followed
by a macronova emission and long-lasting radio emis-
sion. In this paper we have searched for this radio sig-
nal including the one which is predicted specifically by
the magnetar scenario. In this latter case, a merger re-
sults in highly magnetized ns that deposits energy into
a small amount of ejecta mass that becomes relativistic.
If this relativistic ejecta interacts with an ISM that is
not too dilute, it is expected to produce a bright radio
emission which will peak over time scales of months to
years.
Our search was focused on two GRBs (GRB130603B

& GRB060614) that were the first to exhibit a
macronova-like emission, thus indicating the ejection of
a small amount of mass, a condition needed for the late
production of a radio flare. Therefore, we have observed
these GRB positions at late times with the VLA and
the ATCA telescopes. Our radio observations resulted
in null-detections. Comparing the predicted radio emis-

sion with our upper limits, we can rule out a wide range
of kinetic energies, ejecta masses, ISM densities and mi-
crophysical parameters. As shown in Figures 1, 2, and 3,
the range of parameters we rule out includes the canon-
ical magnetar model.
A previous search for magnetar radio emission from

sGRBs has been performed by Metzger & Bower (2013).
They observed 7 sGRBs within 1− 3 years after discov-
ery with the VLA but did not detect any emission. They
used their non-detections to constrain the merger mag-
netar scenario as well. However, their work is different
from ours in several ways. First, they have used the
Newtonian calculations following Nakar & Piran (2011)
but with β = 0.8 and kinetic energy of 3 × 1052 erg/s.
Thus, they have not accounted for relativistic effects and
did not explore a wide range of ejecta masses. Given
these limitations and the lower observational sensitivi-
ties (due to the old capabilities of the VLA), Metzger
& Bower (2013) only ruled out magnetar scenarios with
densities above n = 0.03 cm−3. Our observed sample is
also different since the sGRBs that we observed have
been associated with macronova emission, previously
not observed in other sGRBs.
As discussed above, our conclusion is limited by sev-

eral factors. While, we use a wide range of values for
the model parameters, there are still extreme parame-
ters under which the magnetar model is consistent with
our observations. This includes, extremely high (or low)
ISM density, extremely low values (< 0.001) of ϵB, and
extremely small ejecta mass. Given these limitations
and the fact that we studied only two macronova events,
provides further motivation to undertake a large cam-
paign of carefully designed late-time radio observations
of sGRBs.

GRB 130603B

GRB 060614
Fong+14 Horesh+16
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tions from spherical symmetry, that are expected, would
reduce somewhat the signal and delay the peak time
(Margalit & Piran, 2015). However this amounts only
to about 10% difference in peak luminosity and a factor
of∼ 2 in peak time. We cannot rule out a magnetar with
a large mass ejection (> 0.1M⊙), in low density envi-
ronment, by the absence of radio emission. The velocity
of this large ejecta mass will be non-relativistic and is
expected to produce weak emission below our detection
limits (Figure 2). Other cases where the radio emis-
sion can be highly suppressed is an even more extreme
case, where a minute amount of energy is converted in
the shock to magnetic fields, i.e., ϵB ≪ 0.001. Atypical
high ISM density will also lead to a suppression of the
radio signal as the optical depth will increase.

5. SUMMARY

Compact binary mergers are expected to be followed
by a macronova emission and long-lasting radio emis-
sion. In this paper we have searched for this radio sig-
nal including the one which is predicted specifically by
the magnetar scenario. In this latter case, a merger re-
sults in highly magnetized ns that deposits energy into
a small amount of ejecta mass that becomes relativistic.
If this relativistic ejecta interacts with an ISM that is
not too dilute, it is expected to produce a bright radio
emission which will peak over time scales of months to
years.
Our search was focused on two GRBs (GRB130603B

& GRB060614) that were the first to exhibit a
macronova-like emission, thus indicating the ejection of
a small amount of mass, a condition needed for the late
production of a radio flare. Therefore, we have observed
these GRB positions at late times with the VLA and
the ATCA telescopes. Our radio observations resulted
in null-detections. Comparing the predicted radio emis-

sion with our upper limits, we can rule out a wide range
of kinetic energies, ejecta masses, ISM densities and mi-
crophysical parameters. As shown in Figures 1, 2, and 3,
the range of parameters we rule out includes the canon-
ical magnetar model.
A previous search for magnetar radio emission from

sGRBs has been performed by Metzger & Bower (2013).
They observed 7 sGRBs within 1− 3 years after discov-
ery with the VLA but did not detect any emission. They
used their non-detections to constrain the merger mag-
netar scenario as well. However, their work is different
from ours in several ways. First, they have used the
Newtonian calculations following Nakar & Piran (2011)
but with β = 0.8 and kinetic energy of 3 × 1052 erg/s.
Thus, they have not accounted for relativistic effects and
did not explore a wide range of ejecta masses. Given
these limitations and the lower observational sensitivi-
ties (due to the old capabilities of the VLA), Metzger
& Bower (2013) only ruled out magnetar scenarios with
densities above n = 0.03 cm−3. Our observed sample is
also different since the sGRBs that we observed have
been associated with macronova emission, previously
not observed in other sGRBs.
As discussed above, our conclusion is limited by sev-

eral factors. While, we use a wide range of values for
the model parameters, there are still extreme parame-
ters under which the magnetar model is consistent with
our observations. This includes, extremely high (or low)
ISM density, extremely low values (< 0.001) of ϵB, and
extremely small ejecta mass. Given these limitations
and the fact that we studied only two macronova events,
provides further motivation to undertake a large cam-
paign of carefully designed late-time radio observations
of sGRBs.

Magnetar Models

Horesh, KH + 16 
see also Fong+16 
Metzger & Bower 14

There are limits on the late-time radio flux  after short GRBs.



Radio limits on E-M plane

microphysical parameters. As shown in Figures 1–3, the range
of parameters we rule out includes the canonical magnetar
model.

A previous search for magnetar radio emission from sGRBs
has been performed by Metzger & Bower (2014). They
observed seven sGRBs within one to three years after the
discovery using the VLA, but did not detect any emission.
They used their non-detections to constrain the merger
magnetar scenario as well. However, their work is different
from ours in several ways. First, they have used the Newtonian
calculations following Nakar & Piran (2011), but with b = 0.8
and kinetic energy of ´3 1052 erg. Thus, they have not
accounted for relativistic effects and did not explore a wide
range of ejecta masses. Given these limitations and the lower
observational sensitivities (due to the old capabilities of the
VLA), Metzger & Bower (2014) only ruled out magnetar
scenarios with densities above = -n 0.03 cm 3. Our observed
sample is also different since the sGRBs that we observed have
been associated with macronova emission previously not
observed in other sGRBs.

As discussed above, our conclusion is limited by several
factors. While, we use a wide range of values for the model
parameters, there are still extreme parameters under which the
magnetar model is consistent with our observations. This
includes extremely high (or low) ISM density, extremely low
values (<0.001) of �B, and extremely small ejecta mass. These
limitations, and the fact that we studied only two macronova

events, provide further motivation to undertake a large
campaign of carefully designed late-time radio observations
of sGRBs.
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Figure 1. Expected radio light curves at 1.4 GHz (upper panels) and 150 MHz (lower panels) of a DNS merger at 200 Mpc (left panels)
and a BH-NS merger at 300 Mpc (right panels). The circum-merger density is set to be 0.1 cm−3. The blue, green, and magenta curve in
the blue shaded region correspond to DNSh, DNSm, and DNSl model, respectively. Also shown are the orphan radio afterglows assuming
a canonical-jet (red shaded region: jet-c) and a strong-jet (green shaded region: jet-s) with viewing angles of 30◦ (dotted), 45◦ (solid), and
60◦ (dashed). The horizontal solid bars represent the detection limits (7-σ noise rms with integration of one hour) of the different radio
facilities. The radio flux densities of the galaxies, M82 are the Milky Way, are shown as the horizontal dashed bars assuming a distance
of 200 Mpc for DNS and of 300 Mpc for BH-NS systems. For the Milky Way, the peak flux density in the edge-on case for an angular
resolution of 7′′ is shown (see Sec. 5.1).

compute the jet dynamics, we derive the afterglow syn-
chrotron radiation at each observer’s time (Sari et al.
1998; Granot et al. 1999). We choose the jet parameters,
the initial jet half-opening angle and the jet’s kinetic en-
ergy based on the observations of sGRBs. The initial jet’s
half-opening angle is measured from the chromatic break
in the afterglow light curves. While there are significant
uncertainties in estimates of θj from observations, we set
the initial jet half-opening angle to be 10◦ (Fong et al.
2014).
As with the long-lasting radio remnant, we choose two

different jet models: the canonical-jet model as a ki-
netic energy of 1048 erg and the strong-jet model has a
corresponding value of 1049 erg (see Table 2). We choose
the values for the kinetic energies because the isotropic
equivalent γ-ray energy of sGRBs is in the range from
1049 to 1051 erg (Nakar 2007). Assuming that the kinetic
energy of the jet is comparable to the γ-ray energy and
taking into account a jet beaming angle of 10◦, the jets’
kinetic energies are 1047 ∼ 1050 erg. We choose 1048 erg
as a canonical value since there are more events in the
lower energy range according to the luminosity function
of sGRBs (Wanderman & Piran 2015).

3.3. Radio light curves

In this section, we explicitly show the expected light
curves for our radio counterpart models assuming differ-
ent circum-merger densities n = 1.0, 0.1 cm−3, 0.01 cm−3

and 0.001 cm−3 .

Figure 1 shows the radio light curves of the DNS
models (left panels) and BH-NS models (right pan-
els) at 1.4 GHz (upper panels) and 150 MHz (lower
panels). Also shown are the light curves of strong-
jet and canonical-jet sGRB models with three differ-
ent viewing angles of 30◦, 45◦, and 60◦. We set
the luminosity distances to be 200 Mpc and 300 Mpc
for DNS and BH-NS respectively (e.g., NKG13 and
The LIGO Scientific Collaboration et al. 2013b). In ad-
dition, as we discuss in Sec. 4, we show the 7-σ root-
mean-square (rms) noise level of the radio facilities con-
sidered with integration of one hour and the flux densi-
ties at 1.4 GHz of fiducial galaxies: the Milky Way and
M82, assuming an observer at a distance of 200 Mpc for
DNS mergers and 300 Mpc for BH-NS mergers. Here we
show the peak flux density of the edge-on Milky Way for
ASKAP (see Sec. 5.1).
The radio peak flux density of each model is in the

range of ∼ 0.01 mJy to a few mJy. However, the long-
lasting radio remnants and orphan afterglows have dif-
ferent timescales. The orphan afterglows peak at early
times, between a week and a month, depending on the
viewing angle, on the jets’ kinetic energy, and on the
circum-merger density. The long-lasting radio remnants
peak at late times (a few hundred days). Roughly speak-
ing, for generic observers θv ∼ 45◦, the strong-jet and
canonical-jet afterglows are as bright as DNSm and DNSl
at 1.4 GHz respectively. At 150 GHz, the peak flux densi-
ties from the long-lasting radio remnants are higher than

Expected Radio Light Curves after a GW event

Large Ek = 10^51 erg
Medium Ek = 3x10^50 erg

Low Ek = 10^50 erg

There is chance to see the radio counterparts with the 
current telescopes.

KH + 16
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Figure 3. The peak flux densities of long-lasting radio remnants as a function of the 2-σ GW localization areas using GW Net 3
for DNS mergers (left panels) and BH-NS mergers (right panels). We set the circum-merger densities to be 1.0 cm−3 (upper panels),
0.1 cm−3 (middle panels), and 0.01 cm−3 (lower panels). The blue filled squares, green filled circles, and red filled triangles show the high,
medium, low ejecta models within a distance of 200 Mpc, respectively. The open ones show those events that occur greater than 200 Mpc.
The lines show the 7-σ noise levels of the radio facilities assuming that the total observation time of each epoch is 30 hr with a survey speed
given in Sec 4.1. As examples, the radio flux densities at 1.4 GHz of the galaxies, M82 and the Milky Way, are shown as the horizontal
dashed bars assuming a distance of 200 Mpc in the case of DNS and of 300 Mpc for BH-NS mergers. For the Milky Way, the peak flux
density in the edge-on case for an angular resolution of 7′′ is shown (see Sec. 5.1).

ferent flavours of supernovae, long GRBs to active galac-
tic nuclei (AGN). In this section we now discuss the chal-
lenges posed first by the host galaxy contamination and
second by the astrophysical false positive transients. We
then provide strategies to overcome them.

5.1. Host galaxy contamination

The host galaxies of DNS and BH-NS mergers ex-
hibit radio emission, which may contaminate the emis-
sion from the radio counterparts of GW events. For ex-

ample, the 1.4 GHz radio luminosities of M33, the Milky
Way, and M82 are 1027.5, 1028.5, and 1029 erg/s/Hz
(Beuermann et al. 1985; Condon et al. 1990) and these
values are comparable or even brighter than the expected
luminosities of the radio counterparts (see Table 2). Here
we discuss what is the probability that host galaxy con-
tamination may prevent identifying GW-radio counter-
parts.
Galaxies bright in the radio band are either star-

forming galaxies or those associated with AGN. Since

Dynamical 
Ejecta 

Large E 
(90%) 
Medium E 
(20%) 
Low E 
(3%)Detection threshold

Filled points: nearby events D<200Mpc

Detectability

KH+16

Note also that radio false positives are relatively rare.



Summary 2
• The macronova candidates require somewhat large mass 

ejection ~0.05Msun. 

• Red bumps at ~week may be ubiquitous for short GRBs? 

• Alpha and spontaneous fission may increase the heating 
at late times > 5days. 

• Late radio non-detections suggest Ek< 10^52 erg. 

• Radio detectability will increase once GW area < 100 
deg^2


